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Abstract

In the present work we use analytical and computational methods in order to
examine different dynamical scales in the solar atmosphere and the solar wind.
The latter represents the expansion of the atmosphere to large radial distances,
further than the Earth’s orbit.

After the introduction presented in chapter 1, we start our analysis with
investigating and presenting potential force-free field extrapolations based
on observational input for the photospheric magnetic field from different
instruments, namely GONG and MDI, at different resolutions. More specifically,
we have developed a Potential Field Source Surface (PFSS) module as a part
of the computational code MPI-AMRVAC in three dimensions in spherical
coordinates using the decomposition method of the spherical harmonics. A
source surface is assumed at a heliocentric distance of 2.5R�. This module can
be used to estimate the three-dimensional global magnetic field information
corresponding to different Carrington Rotations and synoptic magnetograms, as
initial condition for coronal and solar wind models. We examine in chapter 2 both
global (PFSS) and local (Green-function-based potential field) extrapolation
schemes on spherical and Cartesian grids, respectively. A comparison is
performed for the active region AR10756 of the Carrington Rotation CR2029
corresponding to April-May 2005 between the two extrapolation techniques.
The local extrapolation method has a less dominant open field topology, as
there is no source surface in that model taken into account, while the curvature
is neglected contrary to the global PFSS model.

We continue in chapter 3 presenting numerical simulations in 3D settings where
coronal rain phenomena take place in a magnetic configuration of a quadrupolar
arcade system in a stratified atmosphere from chromospheric to coronal heights.
Our simulation is a magnetohydrodynamic simulation including anisotropic
thermal conduction, optically thin radiative losses, and parametrized heating as
main thermodynamical features to construct a realistic arcade configuration from
chromospheric to coronal heights. The plasma evaporation from chromospheric
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iv ABSTRACT

and transition region heights eventually causes localized runaway condensation
events and we witness the formation of plasma blobs due to thermal instability,
that evolve dynamically in the heated arcade part and move gradually downwards
due to interchange type dynamics. Unlike earlier 2.5D simulations, in this case
there is no large scale prominence formation observed, but a continuous coronal
rain develops which shows clear indications of Rayleigh-Taylor or interchange
instability, that causes the denser plasma located above the transition region to
fall down, as the system moves towards a more stable state. Linear stability
analysis is used in the non-linear regime for gaining insight and giving a
prediction of the system’s evolution. After the plasma blobs descend through
interchange, they follow the magnetic field topology more closely in the lower
coronal regions, where they are guided by the magnetic dips.

In chapter 4 we constrain a kinetic solar wind model with Kappa-distributed
electrons using observation-driven magnetohydrodynamic (MHD) modeling and
in-situ data. Solar wind modeling efforts are presented using an MHD - based as
well as a kinetic approach. In the fluid approach, photospheric magnetograms
serve as observational input in semi-empirical coronal models that are used for
estimating the plasma characteristics up to a heliocentric distance of 0.1AU.
From there on a full MHD model which computes the three-dimensional time-
dependent evolution of the macroscopic variables of the solar wind up to the
orbit of the Earth is exploited. We compare with the results of a kinetic
exospheric solar wind model based on the assumption of Maxwell and Kappa
velocity distributions functions for protons and electrons respectively. The
appropriate boundary conditions are determined to obtain the best comparison
with available observations at the Earth’s orbit. This provides physical insight
on more detailed processes, such as coronal heating and solar wind acceleration,
that naturally arise by inclusion of suprathermal electrons in the model. We
are interested in the profile of the solar wind speed and density at 1 AU, in
characterizing the slow and fast source regions of the wind and in comparing
the features of that with results of exospheric models in similar conditions. We
start from similar boundary conditions at 0.1AU and propagate the solution up
to 1AU to compare MHD and kinetic treatments with observations. On top
of that, following the reverse process starting from observations at 1AU and
assuming kappa velocity distribution functions for the electrons we improve the
close-to-sun boundary conditions to be used in both models to improve future
space weather predictions.



Beknopte samenvatting

In dit werk gebruiken we theoretische en numerieke methoden om verschillende
dynamische schalen in de atmosfeer van de zon en de zonnewind te onderzoeken.
De zonnewind representeert de expansie van de atmosfeer tot zeer grote radiale
afstanden, verder dan de baan van de aarde.

Na de introductie, in hoofdstuk 1, beginnen we onze analyse met de presentatie
van potentiële krachtloze (force-free) veld extrapolaties, gebaseerd op informatie
uit observaties voor het fotosferische magneetveld van verschillende instrumenten,
namelijk GONG en MDI, in verschillende resoluties. We hebben een Potential
Field Source Surface (PFSS) module ontwikkeld als onderdeel van de numerieke
code MPI-AMRVAC in drie dimensies in sferische coördinaten, door gebruik
te maken van de decompositie methode voor sferisch harmonische functies.
We nemen een bronoppervlak aan op heliosferische afstand 2.5R�. Deze
module kan gebruikt worden om de structuur van het driedimensionale globale
magneetveld te schatten, overeenkomend met verschillende Carrington rotaties
en synoptische magnetogrammen, als initiële conditie voor corona en zonnewind
modellen. In hoofdstuk 2 onderzoeken we zowel globale (PFSS) en locale (op
Greense functies gebaseerde potentiaalvelden) extrapolatie schema’s op sferische
en cartesische roosters, respectievelijk. Er wordt een vergelijking gemaakt
tussen beide extrapolatie technieken voor de actieve regio AR10756 van de
Carrington rotatie CR2029, overeenkomend met april-mei 2005. De lokale
extrapolatie methode heeft een minder dominante open-veld topologie, omdat
er geen bronoppervlak wordt verondersteld in dit model, terwijl de kromming
verwaarloosd is, in tegenstelling tot het globale PFSS model.

We vervolgen in hoofdstuk 3 met een presentatie van numerieke simulaties in
een 3D opzet, waar coronale regen fenomenen plaatsvinden in een magnetische
configuratie van een quadrupolair arcade systeem in een gestratificeerde
atmosfeer van chromosferische tot coronale hoogtes. Onze simulatie is een
magnetohydrodynamische simulatie waarbij anisotropische thermische conductie,
optisch dunne stralingsverliezen en geparametriseerde warmte overdracht de

v



vi BEKNOPTE SAMENVATTING

voornaamste thermodynamische kenmerken zijn om een realistische arcade
configuratie te construeren van chromosferische tot coronale hoogtes. De
verdamping van het plasma van chromosferische hoogte en overgangsregionen,
veroorzaakt uiteindelijk gelokaliseerde, runaway condensatie. We observeren de
formatie van plasma blobs door de thermische instabiliteit, die zich dynamisch
ontwikkelen in het verhitte gedeelte van de arcade en zich dan geleidelijk naar
beneden bewegen door de interchange-gerelateerde dynamica. In dit geval is er
geen grootschalige formatie van protuberansen waargenomen, in tegenstelling
tot eerdere 2.5D simulaties. Maar er ontwikkelt zich een continue coronale regen,
waarin duidelijke indicaties zichtbaar zijn van een Rayleigh-Taylor instabiliteit
of een interchange instabiliteit. Dit zorgt ervoor dat het dichtere plasma, boven
de overgangsregio, naar beneden valt, als het systeem zich beweegt naar een
stabielere toestand. We gebruiken een lineaire stabiliteitsanalyse in het niet-
lineaire regime, om inzicht te verkrijgen en om een schatting te kunnen geven van
de evolutie van het systeem. Nadat de plasma blobs afdalen via de interchange,
volgen ze preciezer de topologie van het magneetveld in de lagere regionen van
de corona, waar ze geleid worden door magnetische dips.

In hoofdstuk 4 gebruiken we een kinetisch zonnewind model met een Kappadis-
tributie voor de elektronen, waarbij we gebruik maken van observatiegedreven
magnetohydrodynamica (MHD) modellen en in-situ data. Zonnewind modellen
zijn gepresenteerd op basis van MHD, maar ook op basis van een kinetische
aanpak. In de vloeistofaanpak, gelden fotosferische magnetogrammen als
observationele input in semi-empirische coronale modellen die gebruikt worden
om plasma karakteristieken te schatten tot een heliocentrische afstand van 0.1AU.
Vanuit daar wordt een volledig MHD model gebruikt, waarin de driedimensionale
tijdsafhankelijke evolutie van de macroscopische variabelen van de zonnewind
worden gebruikt, tot aan de baan van de aarde. We vergelijken dit met de
resultaten van een kinetisch exosferisch zonnewind model, gebaseerd op de
aanname dat de protonen een Maxwelliaanse snelheidsverdeling aannemen en
de elektronen een Kappa snelheidsverdeling. De randvoorwaarden die van
toepassing zijn, worden bepaald zodanig dat we de best mogelijke vergelijking
met beschikbare observaties op de baan van de aarde verkrijgen. Deze aanpak
geeft fysisch inzicht in meer gedetailleerde processen, zoals coronale opwarming
and versnelling van de zonnewind, die op een natuurlijke manier verschijnen
in het model als er suprathermische elektronen toegevoegd worden. We zijn
geïnteresseerd in het profiel van de zonnewindsnelheid en dichtheid op 1 AU, in
het karakteriseren van de langzame en snelle bronnen van de wind en in het
vergelijken van de kenmerken hiervan met de resultaten van de exosferische
modellen onder vergelijkbare condities. We beginnen vanuit een vergelijkbare
randvoorwaarde op 0.1AU en propageren de oplossing tot 1 AU om de MHD
aanpak en de kinetische aanpak te vergelijken met observaties. Daarbovenop,
door het omgekeerde proces te volgen, beginnende vanuit de observaties op 1 AU
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en een Kappa snelheidsverdeling aan te nemen voor de elektronen, verbeteren
we de randvoorwaarden dichtbij de zon, die gebruikt worden in beide modellen,
met als doel voorspellingen van ruimteweer te verbeteren.
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Chapter 1

Introduction

“Equipped with his five senses, man explores the universe around
him and calls the adventure Science.”
Edwin Powell Hubble

1.1 Motivation for studying the solar atmosphere
and the solar wind

The Sun is the most important star for planet Earth providing the essential
energy input to sustain life as we know it on our rocky planet. The relative
position of the Earth with respect to the Sun and the celestial dynamics of
the Earth determine our day and night times, their duration as well as our
seasons and the climate. Furthermore, the Sun is a close-by natural laboratory
that allows us to observe in great detail how magnetic fields interact with
ionized matter. Since, physical laws have universal validity, but the initial and
boundary conditions change between different systems, by studying the Sun
we can draw conclusions about other stars as well as about plasma physics in
general. The Sun impacts life on and around planet Earth with electromagnetic
radiation, highly energetic particles and a highly variable thermal plasma
together with magnetic fields, i.e. the solar wind. Nowadays, there is a plethora
of space missions and observations of close to Sun conditions are available in
abundance. Understanding the solar atmospheric dynamics and being able
to capture and reproduce them with numerical simulations will allow us shed
light to fundamental physical mechanisms. Close to Sun conditions will serve
as initial conditions in solar wind models that will allow us to examine their
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2 INTRODUCTION

evolution as they propagate in the interplanetary space before they reach the
Earth. Revealing the underlying physical processes, such as the heating and
acceleration, will be useful in predicting dangerous incidents and protecting
terrestrial life and technological applications.

1.2 Structure of the Sun

The Sun consists of different layers in its interior and its exterior, all with
different physical properties as shown in figure 1.1. The solar interior consists of
three layers, namely a) the core, where thermonuclear reactions take place and
energy is continuously produced, b) the radiative zone, positioned above the
core within which the energy that is produced in the core propagates outwards
through radiative diffusion, as the photons get absorbed and emitted a large
number of times till after a period of the order of hundreds of thousands of
years they manage to pass to the last layer, c) the convection zone, wherein the
energy is transported outwards as rising plasma blobs that carry heat upwards
deposit a fraction of energy before they descend to repeat this process (Priest,
2014). The solar interior is fully opaque, preventing direct observations of it
and relying on solar seismology and neutrino observations as our main source
of information.

1.2.1 The solar exterior

The solar exterior can be directly observed in different wavelengths and it is
traditionally classified as consisting of four consecutive layers, namely:

• The photosphere is the first layer that can be observed directly as radiation
originating from the Sun can escape and propagate outwards, with the
lowest photospheric level considered as the "surface" of the Sun. The
photosphere extends from the solar surface to about 400 km altitude and
its temperature decreases from 6500 K to 4000 K with increasing altitude.
Granulation is the most distinct characteristic of this solar layer.

• The chromosphere is located above the photosphere and it extends between
400 km-2100 km with its temperature varying from 4000 K to 8000 K
respectively. As is evident from the temperature as a function of altitude,
contrary to the photosphere, heating of the solar atmosphere takes place
as we move away from the Sun.
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• The transition region is a very thin layer of about 100 km from the
chromosphere to the solar corona, where the plasma temperature rises
sharply from 8000 K to about 300,000 K.

• And finally, the solar corona is considered to be the outer layer of the solar
atmosphere that extends from 2100 km altitude from the solar surface to
large distances far away from the Sun. The temperature in the corona is
more than 300,000 K up to a couple MK. It is observed with coronagraphs
among other techniques, e.g. EUV emission, that imitate solar eclipses.

The temperature as a function of height discussed above corresponds to a
time-averaged statistical model known as the VAL model (Vernazza et al., 1981;
Avrett and Loeser, 2008), see figure 1.2.

Figure 1.1: Overview of the solar layers from the interior to the
outer solar atmosphere together with typical phenomena for each layer
(source http://www.nasa.gov/sites/default/files/images/462977main_
sun_layers_full.jpg).

http://www.nasa.gov/sites/default/files/images/462977main_sun_layers_full.jpg
http://www.nasa.gov/sites/default/files/images/462977main_sun_layers_full.jpg
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Figure 1.2: Temperature and density profiles with distance from the solar
surface according to VAL-model, figure adopted from Priest (2014).

1.2.2 The magnetic field topology of the solar exterior

Force-free condition

Photospheric magnetic fields are observed with high accuracy by several
instruments, e.g. HMI1 magnetograms, and can be used to determine the
three-dimensional coronal magnetic field. According to magnetohydrodynamics
(MHD) theory, the momentum equation writes as follows:

ρ(~r, t)∂~v(~r, t)
∂t

+ ρ(~r, t) (~v(~r, t) · ∇)~v(~r, t) =

= −∇p(~r, t) + ~J(~r, t)× ~B(~r, t) + ρ(~r, t)~g(~r),
(1.1)

1HMI is an instrument onboard Solar Dynamics Observatory (SDO) designed to measure
photospheric magnetic fields with a resolution of 1 arcsecond (http://hmi.stanford.edu).

http://hmi.stanford.edu
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where: ρ is the density, ~v is the speed vector, p is the pressure, ~J is the current
density vector, ~B is the magnetic field vector and ~g is the acceleration due
to the gravitational field. A magneto-hydrostatic equilibrium is often used to
study several near steady state phenomena and structures on the Sun, so that
we take:

~0 = −∇p+ ~J × ~B + ρ~g. (1.2)

If we assume hydrostatic equilibrium,

∇p = ρ~g, (1.3)

one may require the vanishing of the Lorentz force or

~J × ~B = ~0. (1.4)

The solar corona and the physical processes therein are dominated by the
magnetic field, which means that the plasma β value, i.e. β = pplasma

pmagnetic
with

pplasma = nkBT , pmagnetic = B2

2µ0
and µ0 the permeability of the vacuum, is

smaller than unity in most regions. The plasma and magnetic pressures are
not the only types of pressure present in the astrophysical processes. Another
important type of pressure is the radiation pressure that is given by pr = 4σT 4

3c ,
where σ is the Stefan-Boltzmann constant and the c the speed of light. The
radiation pressure is negligible for the solar wind and the solar atmospheric
phenomena that will be covered in this thesis, but it plays a significant role
in stellar evolution processes and specifically for more massive stars than the
Sun, in the interiors of which the temperatures are of the order of many million
degrees (Goedbloed and Poedts, 2004). Some criticism on assuming plasma β
smaller than unity in the entire solar atmosphere, together with a plasma β
model in the solar exterior and comparison with the observations can be found
in Gary (2001) and demonstrated in figure 1.3, whereas there are modeling
efforts with both regions of high and low plasma β (e.g. Wiegelmann et al.,
2015). As commended in the review paper of Wiegelmann and Sakurai (2012),
according to the figure 1.3 there is a region between the photosphere and the
upper corona above active regions where the condition β < 1 is valid, and there
the magnetic force dominates over all the other forces. Thus in this region
we can neglect all the other forces apart from the magnetic one and therefore
assume that the Lorentz force vanishes.

Equation (1.4) means that ~J || ~B, so that µ0 ~J = α(~r) ~B with α scalar and since
Ampère’s law reads: ~J = 1

µ0
∇× ~B, we get:

∇× ~B = α(~r) ~B. (1.5)
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Figure 1.3: A model of plasma β in different altitudes above active regions.
Image adopted from Gary (2001), Copyright: Springer.
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If we take the divergence of both parts of the equation above, then

∇ ·
(
α(~r) ~B

)
= α(~r)∇ · ~B + ~B · ∇α(~r) = 0, (1.6)

and due to the solenoidal condition ∇ · ~B = 0 we finally reach the formula:

~B · ∇α(~r) = 0, (1.7)

from where we conclude that α(~r) remains constant along one magnetic field
line, but it can differ between different field lines.

This will be the subject of chapter 2, where we are making use of potential
force-free field extrapolations in both global and local setups in spherical and
in Cartesian grids, respectively. Such a global potential field extrapolation will
be used later on in chapter 4 as initial condition for the magnetic field.

1.2.3 The detailed structure and dynamics in chromospheric
to coronal heights

In chapter 3, we will examine the phenomenon of coronal rain in a stratified
solar atmosphere from chromospheric to coronal heights performing a three-
dimensional simulation in a Cartesian box capturing the undergoing fine
scale dynamics. The coronal rain (fig. 1.4), i.e. cool and dense plasma that
was condensed in-situ in the corona, and prominence phenomena are closely
intertwined, with the prominences being large scale structures that relate to
condensation cycles in flux ropes (Xia et al., 2012). Prominence and coronal
rain plasma have lower temperatures and higher density than the surroundings
and thermal instability (Parker, 1953; Field, 1965) is a possible mechanism for
their formation, especially when localized heating takes place at the coronal
loop footpoints (Antiochos and Klimchuk, 1991) wherein they evolve. The
phenomenon starts with an evaporation process of chromospheric material due
to heating occuring in the footpoints of an arcade magnetic field topology, at
the end of which hot material accumulates at coronal heights, only to lose
energy due to thermal conduction and radiative losses (e.g. Xia et al., 2011).
Afterwards, a process known as catastrophic cooling (Xia et al., 2014) can
occur causing a temperature drop at the top of coronal loops and triggering the
evacuation of the loop as the cool dense material falls back down to transition
region and chromospheric altitudes (e.g Antolin et al., 2010). Coronal rain
descends following closely the magnetic field topology in a few tens of minutes
(Fang et al., 2013). Modeling this coronal rain process in 3D is the topic of
chapter 3.
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Figure 1.4: Quiet-Sun dynamics from chromospheric to coronal heights. Physical
mechanisms such as heating, cooling and acceleration of the plasma are depicted
in this sketch. Magnetic flux concentration takes place at the photospheric level
through granulation and supergranulation. Plasma from the chromosphere gets
accelerated due to a) evaporation towards and draining from the corona in the
form of coronal rain, b) plasma jet formation by reconnection in nanoflares, c)
spicules formation. Particle-beams and waves can be found everywhere in the
coronal volume due to nanoflares and flows. Schematic adopted from Priest
(2014).

1.2.4 The full extend of the solar wind from Sun to Earth

In chapter 4 we are discussing the solar wind propagation and evolution up to
a couple of AU (1AU≈ 215R�) distance from the Sun. We use photospheric
magnetograms and extract the magnetic field information in the solar corona
as initial condition. We are using two different solar wind modeling methods
corresponding to the two major theories for the macroscopic and microscopic
description of the plasma, i.e. the magnetohydrodynamics and the kinetic theory.
Both approaches are compared with observations at the orbit of the Earth and
further away to conclude which one better captures each underlying phenomenon
and in an effort to make the one benefit from the other.
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1.3 Theories on plasma physics

1.3.1 Kinetic theory

In a very low density system, where interactions between the particles can be
ignored, the orbit and velocity of a single charged particle in the non-relativistic
regime is prescribed by the equation of motion:

m
d~v

dt
= q

(
~E + ~v × ~B

)
, (1.8)

where m is the particle mass, ~v is the particle speed, q the particle charge, ~E the
electric field and ~B the magnetic field. In plasmas though there is a huge set of
charged particles that interact with each other and the motion of which needs to
be described collectively. This is the scope of kinetic plasma theory that provides
a statistical description of such charged particle collections and their behavior.
Single particle and fluid theories neglect collective effects and microscopic
fluctuations, respectively, and thus kinetic theory is the most coherent theory
among the three accounting for both of those aspects, as discussed in many
textbooks, e.g. Goossens (2003); Bittencourt (2004); Goedbloed and Poedts
(2004).

Statistical descriptions do not attempt to fully calculate the motion of each
particle at each moment, as a) we are incapable of knowing the initial conditions
for a particle in the phase space exactly and b) the enormous number of particles
included in physical systems consisting of plasma make such a computation
impossible with the current technological means. In the statistical approach the
orbit information of the individual particles is lost and the collective physical
information about the plasma is included in the distribution functions fα(~r,~v, t)
with α corresponding to each particle population. The velocity distribution
functions are defined as the density of the points corresponding to the particles
of the α species in the six-dimensional phase space consisting of the position and
velocity coordinates (~r,~v) = (x, y, z, vx, vy, vz). The total number of particles
is found as the integral of the distribution function in the entire phase space
Nα =

∫ ∫
fα(~r,~v, t)d3rd3v, as the most probable number of particles of the

species α in an element volume in the phase space is found as fα(~r,~v, t)d3rd3v.
The total time derivative of the distribution function describes the motion of
the set of the particle points in the phase space as follows:

dfα
dt

= ∂fα
∂t

+ ∂fα
∂~r
· d~r
dt

+ ∂fα
∂~v
· d~v
dt
. (1.9)

And if we plug in the equation of motion (1.8) we get:
dfα
dt

= ∂fα
∂t

+ ~v · ∂fα
∂~r

+ qα
mα

(
~E + ~v × ~B

)
· ∂fα
∂~v

. (1.10)
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If binary interactions are absent the total time derivative of the distribution
function is zero dfα

dt = 0, which means that the particle point density in phase
space is constant in time, according to Liouville’s theorem (Goldstein et al.,
2002). More specifically, according to Liouville’s theorem, both the number of
particles in the element region, dN , and the volume, dV , remain constant in
time and consequently so does the density of the swarm of points in the phase
space. The argument for the number of particles in the element region, dN , to
remain constant, is that if we select a finite volume in phase space at a moment
t0 = 0 at any future moment t1 > 0 the particles that are inside or outside of
this volume will never switch regions. The argument for the element volume
dV to remain constant, is that the evolution of a canonical transformation
generated by a Hamiltonian gives the motion of a phase space point in time and
the volume element is an invariant under such a transformation, as explained
in Goldstein et al. (2002). Thus, the volume size cannot change with time.

As mentioned earlier in most cases the interactions need to be taken into account
and the equation also known as the Boltzmann equation is describing the time
variation of the distribution functions of all the particle variations:

∂fα
∂t

+ ~v · ∂fα
∂~r

+ qα
mα

(
~E + ~v × ~B

)
· ∂fα
∂~v

=
(
∂fα
∂t

)
collisions

, (1.11)

where the electric ~E(~r, t) and magnetic ~B(~r, t) fields include both internal and
external fields. The term

(
∂fα
∂t

)
collisions

represents the rate of change of the
distribution function of each species due to interactions between the particles
and is known as the collision term. The discrimination between binary collisions
and long-range interactions is essential to properly describe the appropriate
collision term corresponding to the gas or plasma to be defined.

When the density is sufficiently low or the temperature is sufficiently high in
plasmas, the collisionless assumption is considered and then we reach the Vlasov
equation:

∂fα
∂t

+ ~v · ∂fα
∂~r

+ qα
mα

(
~E + ~v × ~B

)
· ∂fα
∂~v

= 0, (1.12)

where the particles are still able to interact but only through the long-range
internal components of the electric ~E(~r, t) and magnetic ~B(~r, t) fields.
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If we now combine the Boltzmann eq. (1.11) or the Vlasov eq. (1.12) with the
equations of Maxwell:

∇× ~E = −∂
~B

∂t
: Faraday, (1.13)

∇× ~B = µ0~j + 1
c2
∂ ~E

∂t
: Ampère, c2 = 1

ε0µ0
, (1.14)

∇ · ~E = ρQ
ε0

: Poisson, (1.15)

∇ · ~B = 0, (1.16)

where the charge (ρQ) and current (~j) densities are given by:

ρQ =
∑
α

qαnα, nα(~r, t) =
∫
fα(~r,~v, t)d3v, (1.17)

~j =
∑
α

qαnα~uα, ~uα(~r, t) = 1
nα(~r, t)

∫
~vfα(~r,~v, t)d3v, (1.18)

and where c is the speed of light and ε0 is the vacuum permittivity, we reach a
closed set of equations for the microscopic description of the plasma theory.

From the microscopic description we can obtain in a straightforward manner the
macroscopic quantities by integration in the velocity space the first moments
of the distribution function up to third order. The full set of the physically
interesting kinetic moments is as follows:
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nα(~r, t) =
∫ ∞
−∞

fα(~r,~v, t)d~v, (1.19)

~Fα(~r, t) =
∫ ∞
−∞

fα(~r,~v, t)~vd~v, (1.20)

~uα(~r, t) =
~Fα(~r, t)
nα(~r, t) , (1.21)

pα(~r, t) = mα

3

∫ ∞
−∞

fα(~r,~v, t) |~v − ~uα(~r, t)|2 d~v, (1.22)

Tα(~r, t) = mα

3kBnα(~r)

∫ ∞
−∞

fα(~r,~v, t) |~v − ~uα(~r, t)|2 d~v, (1.23)

~Eα(~r, t) = mα

2

∫ ∞
−∞

fα(~r,~v, t) |~v − ~uα(~r, t)|2 (~v − ~uα(~r, t))d~v, (1.24)

where
∫∞
−∞ d~v denotes the volume integral

∫∞
−∞

∫∞
−∞

∫∞
−∞ dvxdvydvz and nα(~r, t)

is the density, ~Fα(~r, t) is the flux, ~uα(~r, t) is the bulk speed, pα(~r, t) is the
pressure, Tα(~r, t) is the temperature, kB is the Boltzmann constant and ~Eα(~r, t)
is the heat flux. In reality, pα(~r, t) is the isotropic part of the pressure tensor
~Pα(~r, t):

~Pα(~r, t) = mα

∫ ∞
−∞

fα(~r,~v, t) (~v − ~uα(~r, t)) (~v − ~uα(~r, t)) d~v, (1.25)

with pα(~r, t) = 1
3Tr(~Pα(~r, t)) and the product of eq. (1.25) being dyadic. The

anisotropic part of the pressure tensor is the traceless tensor ~πα(~r, t) = ~Pα(~r, t)−
1
3Tr(~Pα(~r, t))~I, with ~I the unit tensor.

1.3.2 Magnetohydrodynamics

Combining the five kinetic moments with Maxwell’s equations we reach the
macroscopic MHD description of the plasma, using collisionality arguments to
justify the single fluid prescription (see, e.g. chapter 3 in Goedbloed and Poedts,
2004). This leads to the following set of MHD single fluid equations, which we
present in both resistive and ideal variants.
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Resistive MHD

Resistive or full MHD refers to the part of the theory that accounts also for non
reversible processes and we present the full set of equations in absence of gravity
below. It is presented here in terms of completeness, as in this manuscript
resistivity η will not be taken into account, and for the examined physical cases
the Ideal MHD regime will suffice.

∂ρ

∂t
+∇ · (ρ~v) = 0 : mass, (1.26)

ρ
∂~v

∂t
+ ρ~v · ∇~v +∇p− ρ~g −~j × ~B = ~0 : momentum, (1.27)

∂p

∂t
+ ~v · ∇p+ γp∇ · ~v = (γ − 1)ηj2 : internal energy, (1.28)

∂ ~B

∂t
+∇× ~E = ~0 : Faraday, (1.29)

~j = µ−1
0 ∇× ~B : Ampère, (1.30)

~E + ~v × ~B = η~j : Ohm, (1.31)

∇ · ~B = 0. (1.32)

Ideal MHD

For the MHD theory to be valid three conditions need to be considered (Goed-
bloed and Poedts, 2004). We assume that frequent collisions for the involved
fluids, e.g. electrons and protons, which according to transport theory means that
for given temperatures Te,p the densities ne,p need to be high enough. A more
quantitative criterion about the hydrodynamic description to be valid is given
relating the species collision relaxation times to the time scale τH >> τp >> τe.
The characteristic scales LMHD of the system are much larger than the Debye
length LMHD >> λD

2 and the frequencies considered ω are much smaller than
the plasma frequency ω << ωp, which means that the times considered are much
longer than the characteristic times of the plasma. The larger the magnetic
field the more easily the second condition is met. The dissipation can often be

2which quantifies the range of the effect of the charges and is of the order of 0.07m for
coronal values
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neglected in astrophysical systems, as the characteristic times are much smaller
than the slow dissipation times τMHD << τd and that is what we call ideal
MHD. Then, eq. (1.26)-(1.32) remain the same with the difference that η = 0,
only affecting the internal energy eq. (1.28) and the Ohm eq. (1.31).

We can also reach the MHD equations (Goedbloed and Poedts, 2004) by
combining the equations of gas dynamics (determining ρ, p)

∂ρ

∂t
+∇ · (ρ~v) = 0, (1.33)

∂p

∂t
+ ~v · ∇p+ γp∇ · ~v = 0, (1.34)

with the equations of Maxwell (eq. 1.13, 1.14, 1.15, 1.16 determining ~E, ~B), the
second law of Newton for a fluid element

ρ

(
∂~v

∂t
+ ~v · ∇~v

)
= −∇p+ ρ~g +~j × ~B + ρQ ~E, (1.35)

and the equation of a perfectly conducting fluid (ideal) in motion

~E′ = ~E + ~v × ~B = ~0, (1.36)

which indicates that the electric field in the comoving-frame ~E′ is zero.

The basic equations for ideal MHD in a non-relativistic regime (v << c) in the
presence of an external gravitational field are given by equations (1.26) - (1.32)
for η = 0.

These partial differential equations are non-linear and they fully describe the
evolution of the eight MHD quantities (ρ,~v, p, ~B) for every physical system
where the ideal MHD conditions are valid, once the appropriate initial and
boundary conditions are provided.

1.4 Space weather

Space weather is one of the most interesting scientific topics nowadays in the era
of space explorations and technological breakthroughs. Geomagnetic phenomena
such as storms, as well as a number of different particle species from space
that enter the vicinity of the Earth and its magnetosphere affect the terrestrial
environment and can be dangerous for human life and our technological tools.
The important effects of space weather in human life have become obvious



SPACE WEATHER 15

mostly in the last one and a half century, since the mid 1800’s, especially the
variations of the plasma and the electromagnetic radiation originating from the
Sun disturbed telegraphs, radars and satellite systems (Meyer-Vernet, 2007).

Nowadays, extreme events, such as the geomagnetic storm of 1859, would
certainly have a greater impact in our technology-dependent everyday life
with systems making use of conductors, radio communications, electric current
stations, satellite microelectronics and astronauts in space facing the highest risk.
For example, differential spacecraft charging may cause catastrophic lightning-
like events inside a spacecraft. Scientists have now realized the importance and
severity of predicting such phenomena before they occur, a fact that has put
space weather predictions high in the scientific priority list due to the impact
in life on the planet.

1.4.1 CMEs

Coronal Mass Ejections or CMEs, two-ribbon flares (there are also non-eruptive
single-loop flares) and prominence eruptions are solar eruptive phenomena which
are very closely intertwined. They are all different manifestations of the same
eruptive mechanism and associate to reconnection (Priest, 2014). Flares release
radiation almost covering the entire range of the electromagnetic spectrum.
Prominence evolution might last for a few days up to a month before a critical
point is reached and a sharp eruption occurs that may last for a few minutes
up to a few hours. Plasma piles-up through adiabatic compression on top of
the prominence during the eruption creating a CME that propagates in the
interplanetary space, as shown in the figure (1.5).

CMEs are large-scale plasma structures that are magnetically driven and expand
as they propagate away from the Sun. They play a major role in space weather
as they affect the Earth causing phenomena such as aurora, geomagnetic storms,
shocks and energetic particle events (Priest, 2014). They can be harmful for
satellite microelectronics, affect radio communications, threaten the life of
astronauts and affect power generators. Usually, they expand towards a specific
direction away from the Sun and while the same stands for halo CMEs, they
appear to spread towards every direction due to projection effects. CMEs
can be significantly faster than the solar wind reaching speeds of about 2000
km s−1 (Priest, 2014), but they have a wide range of speeds starting from
20 km s−1. The mass carried away by a CME is of the order of magnitude of
about 3× 1012kg in average, with kinetic energies in the range (1022 − 1025) J
and angular extent (20o − 360o) (Priest, 2014). The entire solar mass is of the
order M� = 2× 1030kg, which shows that the CMEs are not playing a major
role on the mass balance at this evolutionary stage of the Sun. Unlike what is
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Figure 1.5: Prominence eruption and CME initiation, sketch adopted
from Forbes (2010).

happening in other smaller and more active stars, where the CMEs can play
a major role in their mass outflow. The rotation is fast in young stars, which
have high coronal activity with strong EUV and X-ray emissions (Lammer and
Khodachenko, 2015). The radiation decreases fast with time as the stars evolve
and rotate slower (Güdel et al., 1997; Ribas et al., 2005). Thus, it is natural to
expect that the stellar winds are more massive in young stars as they originate
from the stellar active coronae. The mass loss in active young stars could be
high due to CMEs related to flares (Lammer and Khodachenko, 2015).

The appearance of CMEs follow the solar cycle with a delay of about half a year
to a year (Priest, 2014). During solar minimum conditions they mostly occur
close to the equator, whereas higher latitudes also produce CMEs as we move
towards the solar maximum. CMEs that occur inside active regions can be
way more violent and faster than other ones due to the magnetic field strength
difference. Active region CMEs usually occur together with two-ribbon flares.

The solar wind is the medium wherein more energetic space weather phenomena
take place and evolve. CMEs are the first phenomenon that space weather
modelers want to examine, as they represent the most aggressive danger for
human life and technology in space. CME models need also to account for the
background solar wind characteristics and variations, that will determine their
evolution and propagation. So space weather studies are forced to examine
the solar wind at all scales from micro- to macro- time and space intervals. In
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other words, from the large scale CME evolution to the small scale turbulence
manifestations, the solar wind is the background on which all the interesting
space physics takes place. This subject has been of increasing interest to
scientists especially during the last years (e.g. Verdini and Velli, 2007).

1.4.2 Turbulence

Turbulent flows exist in a plethora of systems around us every day and have been
observed and studied since the 15th century. Yet very little is understood about
turbulence even today. Turbulence plays an essential role in enhancing the
efficiency of heat, matter and momentum transport (Meyer-Vernet, 2007). The
fascinating nature of turbulence lies in the coexistence of both large structure
and fine scale chaotic behavior. That becomes obvious even in the simple
experiment of opening the kitchen tap gradually increasing the flow to progress
from a steady flow to a more disturbed and turbulent one with the appearance
of vortexes.

The Reynolds number R, i.e. the dimensionless parameter that is essentially
the ratio of the inertial forces to the viscous ones, shows the tendency of a
flow to become turbulent. As R increases the flow gradually evolves different
instabilities to reach a turbulent state. The Reynolds number R accepts a wide
range of values and this poses a difficulty to perform computational experiments
that resolve the large range of interesting scales for this highly non-linear,
dissipative and chaotic problem. The chaotic character of turbulence reveals the
sensitivity of the evolution of the system to small variations in the determination
of the initial conditions, making it impossible to predict the state of the system
after some specific time, as these variations evolve in an exponential manner
with time.

Assuming incompressibility for small speeds, if mechanical energy is put in at a
large scale L and the Reynolds number is R >> 1, the differential motions will
create eddies and shear. The energy fed into the system at large scales cannot
accumulate and neither dissipate as the viscosity is negligible at first. A gradual
transfer of energy down to smaller scales occurs via non-linear interactions until
a small enough scale ld is reached, where viscosity is no longer negligible and thus
the cascade stops and dissipation takes place (Meyer-Vernet, 2007). According
to Kolmogorov’s classical law the velocity fluctuation at an intermediate scale
l is: ul ∝ l1/3 and the energy fluctuation spectrum is: Wk ∝ k−5/3 with
L−1 < k < l−1

d , where WK is the spectral density of the energy fluctuations and
K is the wavenumber.

The picture of the turbulence in the solar wind is much more complicated than
described till now (Meyer-Vernet, 2007). First, the cascade described by the
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Kolmogorov scenario may be replaced by a dissipation that involves fluctuations
which have the tendency to become shock waves in the supersonic compressible
condition of turbulence. Also, the Reynolds number is not very large in the
solar wind and the role of waves and instabilities needs to be taken into account.
The eddies are now MHD waves due to the magnetization of the solar wind and
the additional forces introduced. Since this is an MHD flow the characteristics
of the cascade might vary considerably from the simple fluid image. Last, there
is a complication due to the scales of the turbulence, since they may ultimately
become much smaller than the mean free path and problems arise under the
MHD consideration.

Turbulence and multiscale nature of the solar wind

The turbulence in the solar wind is dynamically evolving throughout the
heliosphere, as multispacecraft observations from close to the Sun up to 20AU
distance together with computational efforts have revealed. This fact makes
the solar wind a valuable laboratory for examining the properties of turbulent
plasma fluctuations as discussed in Goldstein et al. (1995); Tu and Marsch
(1995); Bruno and Carbone (2005). As highlighted in Bruno and Carbone
(2013), turbulence is of essential importance in space plasmas, appearing as
low frequency and large amplitude fluctuations. Numerical and observational
advances (e.g. Verdini and Velli, 2007; Alexandrova et al., 2009; Chen et al.,
2010; Sahraoui et al., 2010; Verdini et al., 2010; Boldyrev et al., 2011; Howes
et al., 2011; Salem et al., 2012; Alexandrova et al., 2012, 2013; Perrone et al.,
2013; Lionello et al., 2014; Zhao et al., 2014; Pavlos et al., 2015) have shed
light onto the subject of turbulence in the solar wind over the last ten years.
Some characteristics of the velocity distribution functions in the solar wind can
be explained by turbulence, like for instance the proton beam (Voitenko and
Pierrard, 2015). With the help of computational MHD treatments, fundamental
aspects regarding the origin of the turbulent fluctuations and the spectral energy
transport have been achieved.

1.5 Solar wind

1.5.1 General

Starting from the solar surface and evolving outwards, the solar wind is the
space plasma medium in which the solar system is embedded. The study of
the solar wind is essential, not only because the Sun is our life-giving star,
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but also because with its study and the examination of the coronal expansion
we can reach useful conclusions to study stars observed in less detail and
their atmospheres. The host stars of exoplanets are important for the planets’
atmospheres, as the stellar radiation affects the photochemistry, mass loss and
energy budget of the exoplanet. Furthermore, stellar winds can have notable
influence on planetary atmospheres. The evolution of stellar winds during
pre-main sequence, main sequence and later stages has thus become of critical
importance. The assumption that every star has a stellar wind similar to the
solar wind of the Sun currently is not sufficient. The stellar coronae change
vastly during stellar lifetimes and thus we can assume that so do the stellar
winds (Lammer and Khodachenko, 2015). Young stars rotate faster and they
are more active, slowing down as they evolve (Lammer and Khodachenko, 2015;
Güdel et al., 1997; Ribas et al., 2005). As a result, we expect that young stars
will have more massive stellar winds originating from more active stellar coronae.
The study of the solar corona and mass loss indicate a more complex relation
between the two. Even though in young stars larger amounts of mass are heated
in coronal temperatures and thus can potentially lead to stronger winds, higher
coronal activity (Judge et al., 2003) does not necessarily lead to an enhanced
wind (Cohen, 2011). The subject of stellar wind evolution is a hot topic and
further observational and theoretical work need to take place to further advance
our knowledge on it (Lammer and Khodachenko, 2015).

We will start this section with a summary of the solar wind characteristics as
obtained by observations at the Earth’s orbit, following Priest (2014). There is
a supersonic variable outflow measured at all times at 1AU, consisting of a high
speed solar wind (700−750km s−1) and a low speed solar wind (300−400km s−1),
with an average speed of 400− 500km s−1. During solar minimum conditions,
those two types of solar wind flow from distinct regions of the Sun, namely the
tenuous high speed solar wind originates from the polar coronal holes, while
the dense low speed solar wind flows from lower latitudes close to the equator,
where closed magnetic field topology is dominant. On the contrary, during
solar maximum conditions, the sources of the two steady states of the solar
wind are not so well separated on the Sun and a more complex and dynamic
source distribution appears, with mixed small sources at every latitude, see
figure 1.6. The solar wind plasma mostly contains electrons and protons, with
a small percentage of α-particles 1-5% and even smaller percentages of heavier
ions (<1%) (e.g. Pierrard, 2012b). The electron temperature is independent
of the solar activity and remains more or less constant, whereas the proton
temperature is higher in the high speed solar wind. The mass flux of the
solar wind remains in good approximation constant (to a factor of two) at all
times Priest (2014). As a result of the solar rotation, the magnetic field topology
forms a spiral around the Sun. There is a small angle ω between the rotation
axis and the magnetic axis of the Sun. Thus a specific point on the magnetic
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equator has a varying latitude with the longitude and the magnetic equator
forms a wavy current sheet. The solar wind is very dynamic and variable, with
outgoing Alfvén waves causing fluctuations to the magnetic field, highly dynamic
interactions between streams with different speeds and coronal mass ejections,
causing magnetoacoustic shocks and discontinuities (rotational,tangential).

Figure 1.6: Extrapolated magnetic fields from photospheric magnetograms in
the solar corona during minimum (left) and maximum (right) solar activity.
Only the open field lines are drawn with black corresponding to outward polarity
and grey to inward. Picture adopted from Neugebauer et al. (2002).

Since Parker’s first ever supersonic model for the expansion of the solar wind
under the fluid approach (Parker, 1958, see figure 1.7), the scientific community
has invented several new models in the race to better understand all underlying
physical mechanisms in several spatiotemporal scales. The isothermal solar wind
model, with polytropic index γ = 1 corresponding to the polytropic law p ∝ ργ ,
assumes an infinite source of energy in the solar wind (Priest, 2014), while
the polytropic solar wind model gives a finite energy input in the solar wind,
when the polytropic index is between the isothermal and the adiabatic value,
1<γ < 5/3 (γ = 5/3 corresponds to no energy input). A more realistic way
to model the solar wind variations is to take into account an energy equation
instead of just assuming polytropic or isothermal relations between the pressure
and the density of the plasma. A relevant more elaborate discussion follows in
chapter 4. The magnetic field is essential for the evolution of the solar wind
affecting differently parallel and perpendicular (to the magnetic field direction)
components of quantities such as the temperature. Furthermore, the magnetic



SOLAR WIND 21

field triggers micro-instabilities and supports waves in the heliospheric volume.
Parker (1958) assumed frozen-in condition so that the magnetic field traces the
solar wind plasma, as its energy is small compared to the kinetic energy, and
so it is dragged outwards by the flow. The frozen-in condition is relevant to
chapter 4.

Several reviews have been written to summarize all the achievements in the
study of the solar wind at different stages of the scientific history, starting
with the one Parker wrote himself (Parker, 1965). This review describes the
necessary temperature profile limits to get supersonic outflows and discusses
the different energy deposition mechanisms in the corona, already focusing on
wave dissipation and predicting what was required for observational validation.
Half a century of scientific studies and different generations of kinetic and
magnetohydrodynamic models are reviewed by Echim et al. (2011). The
complementarity and advances of the two approaches are underlined in that
review, together with a comparison of their successes and drawbacks as well
as their common origin in the fundamental equation of plasma physics, i.e.
the Boltzmann equation. The kinetic approach is more fundamental, treating
the heat flux self-consistently and providing a microscopic and a macroscopic
description of the underlying physics. To make analytic progress, this is typically
used at small spatial resolution and in stationary states. The two approaches
came closer together in the second generation of kinetic exospheric models,
as described by Lemaire and Scherer (1971), when these models successfully
reproduced supersonic winds. Similarly, Jockers (1970) developed a kinetic
exospheric transonic model for the solar wind. In the following years, Kappa3

or Lorentzian velocity distribution functions and non-monotonic radial profiles
were adopted from different groups (Lamy et al., 2003; Zouganelis et al., 2004),
while the fourth generation included Coulomb collisions in the Fokker-Planck
collision term (Pierrard et al., 1999, 2001b). Recent advances included wave-
particle interactions (Marsch, 2006; Pierrard et al., 2011) and were able to
explain anisotropies in the solar wind. Solar wind kinetic models including
wave-particle interactions (non-exospheric) were specifically reviewed in Pierrard
(2012b). On the other hand, sophisticated magnetohydrodynamic solar wind
models have been developed into actual space weather predictive tools (e.g.
ENLIL4, as described in Odstrčil and Pizzo, 1999a,b; Odstrčil, 2003) to describe
in detail the spatial and temporal variations of the solar wind’s macroscopic
properties (density, temperature and bulk velocity).

3will be explained later on in this chapter
4MHD model of the heliosphere available in the Community Coordinated Modeling Center

(CCMC) http://ccmc.gsfc.nasa.gov/models/modelinfo.php?model=ENLIL

http://ccmc.gsfc.nasa.gov/models/modelinfo.php?model=ENLIL
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Figure 1.7: The different families of solutions for the Parker equation of the solar
wind, adopted from Parker (1965). The only acceptable solar wind solution is
the one that starts subsonically close to the Sun and progressively accelerates
passing through the critical point rc and expands supersonically outwards. This
solution corresponds to the thick black curve from point A to point B. Weber
and Davis (1967) modeled the solar wind taking into account the magnetic
field and they reached a similar plot with three critical points. In reality the
solar wind solution goes through all those critical points accelerating from
sub-Alfvénic flow at the low corona (flow speed 1− 10km s−1 and Alfvén speed
100− 1000km s−1) to super-Alfvénic flow at 1AU (flow speed 300− 800km s−1

and Alfvén speed 50− 60km s−1). The transition from sub- to super-Alfvénic
flow was estimated to occur at about 12R� from Helios (pair of solar probes,
Helios 1/2, that were launched in the mid 1970’s with primary mission the
observations of the interplanetary medium from 1 to 0.3 AU (http://nssdc.
gsfc.nasa.gov/nmc/spacecraftDisplay.do?id=1974-097A) observations.

http://nssdc.gsfc.nasa.gov/nmc/spacecraftDisplay.do?id=1974-097A
http://nssdc.gsfc.nasa.gov/nmc/spacecraftDisplay.do?id=1974-097A
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1.5.2 Coronal heating and solar wind acceleration

There are two different types of mechanisms that are thought to drive the
solar wind (Priest, 2014). The two mechanisms are a) wave-turbulence models
that put momentum and energy in the solar wind from magnetic variations
in individual open flux tubes and b) reconnection models between two flux
tubes. The first mechanism is more common for accelerating fast solar wind
originating from large coronal holes, while the second one is more possible for
the variable slow wind, either mechanism has not been ruled out. According
to Breen et al. (2002), that used measurements of interplanetary scintillation
(IPS), the acceleration in the fast and slow wind takes place at different altitudes.
By the distance of 5R� half of the final speed is reached for the case of fast
solar wind. While the main acceleration occurs at the low coronal region and
the asymptotic flow speed is reached by the distance of 20R�, Kojima et al.
(2004) showed that the acceleration doesn’t stop there, but it rather continues
at a low rate up to 30R�. The acceleration of the slow wind though, starts at
higher altitudes and it goes on for longer, reaching 25− 35R�, while most of it
occurs in the range 5− 10R�.

The driving and acceleration of the solar wind likely depend on wave
propagation, transformation and energy deposition mechanisms, as was early
realized (Hollweg, 1986). In an effort to observe Alfvén waves in the
chromosphere of appropriate characteristics that suffice to reproduce the
properties of the solar wind, De Pontieu et al. (2007) used observational data
from the Solar Optical Telescope onboard Hinode5. Alfvén waves with periods
of about hundreds of seconds and amplitudes of about 10 − 25km s−1 were
observed. The authors estimated by comparison with MHD simulations that
their energy flux suffices for solar wind acceleration and probably coronal heating.
In McIntosh et al. (2011) observations are used to argue that Alfvén waves in the
quiet solar atmosphere have large enough amplitudes and appropriate periods
(of about a few hundreds of seconds) transporting enough energy upwards to
heat up the solar corona and drive the high speed solar wind.

Alfvénic oscillations are generated due to convection in the photospheric level and
propagate upwards into the solar exterior. They get partly reflected downwards
back to the low corona, they transform into MHD turbulence and progressively
dissipate. Turbulence and waves are found everywhere from the low atmosphere
to the Earth’s orbit (Tu and Marsch, 1995) and realistic solar wind conditions
are reproduced with models that take these processes into account (Hollweg,
1986; Ofman, 2010, e.g.). Such realistic and self-consistent models with a

5Hinode is an international mission observing the Sun and has three instruments, namely
Solar Optical Telescope, X-ray Telescope and Extreme Ultraviolet Imaging Spectrometer
(http://www.nasa.gov/mission_pages/hinode/mission.html).

http://www.nasa.gov/mission_pages/hinode/mission.html
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surprisingly low number of inputs (only photospheric wave properties and the
magnetic field radial profile along a flux tube) were constructed by Cranmer
et al. (2007) to estimate the physical quantities of interest along magnetic flux
tubes in different regions on the solar surface (active regions, coronal holes
and streamers). These models include chromospheric and coronal heating from
acoustic and Alfvén waves, respectively, as well as solar wind acceleration due
to acoustic and Alfvénic wave pressure and gas pressure gradient. A realistic
representation of the slow and fast solar wind sources as observed by Ulysses6

during minimum solar activity was achieved in 2D. In agreement with previous
works, a smaller expansion factor of the coronal heliospheric field resulted in
faster and rarer wind, lower temperature at the bottom of the corona, more
intense Alfvén waves and good agreement with observations of the estimated
ion charge and the first ionization potential phenomena. Cranmer et al. (2007)
provide extra indications on the nature of the wave dissipation processes and
their gradual decrease through turbulence, to heat the solar corona.

1.5.3 Multifluid and kinetic aspects

A review of theoretical solar wind models is presented by Marsch (1994).
Theoretical efforts that include the transition region, and try to address the
energy deposition, as well as the radiative and conductive losses in the corona,
were presented therein. Observations are used to constrain the expansion of
the solar wind and the corona, while the mechanical energy input and the solar
wind waves and turbulence are discussed. Collisional multifluid models were
addressed in an effort to explain observations of the mass flux and the ability
of simplified kinetic models to explain the temperature inversion occurring in
the corona was discussed.

As we saw previously in this chapter, the solar wind consists mainly of electrons
and protons, so one fluid approach doesn’t suffice for the full solar wind
description. Moreover, the fluid approach requires thermodynamic equilibrium
for the plasma, which does not stand in the upper solar atmosphere, so kinetic
descriptions need to be taken into account. If we consider a weakly collisional
plasma with only two populations, namely electrons and protons we get the
following characteristics for the solar wind (Meyer-Vernet, 2007). The protons
have opposite charges from the electrons, but almost 2000 times larger mass.
Therefore, this large difference in their mass bounds the protons to the solar
gravitational field, while electrons feel a very weak gravitational attraction. The
electron thermal speed for typical coronal temperatures of about 1MK is one
order of magnitude larger than the escape speed from the solar gravity, so they

6Ulysses was launched on 6 Oct. 6 1990 programmed to observe the heliosphere in three
dimensions (http://solarsystem.nasa.gov/missions/ulysses/indepth).

http://solarsystem.nasa.gov/missions/ulysses/indepth


SOLAR WIND 25

Fast wind n0 (corona) T0 (corona) n (1AU) T(1AU)
Protons 1014m−3 2× 106K 3× 106m−3 3× 105K
Electrons 1014m−3 106K 3× 106m−3 105K

Table 1.1: Electron and proton number densities and temperatures, as measured
in the corona and at 1AU (astronomical unit). Table adopted from Meyer-Vernet
(2007).

transport thermal energy outwards faster than protons. The two populations
can have different temperatures, see Table 1.1 (Esser et al., 1999; Feldman et al.,
1998), as collisions are rare and the energy transport through collisions between
the two species is not very efficient. An electric field makes sure to preserve
electric quasi-neutrality, which due to the opposite charges between electrons
and protons means that their number densities are the same. Finally, even
though radial electric currents might appear due to small density or velocity
differences they will vanish at some point, because otherwise, there would be a
charge accumulation occurring on the Sun. Thus the two species need to have
the same bulk speeds in the radial direction, as well.

Another review on the kinetic aspects of the solar wind as obtained by
observations from the solar corona to the heliosphere is presented in Marsch
(2006). Kinetic approaches focusing on different mechanisms for coronal heating
and small-scale instabilities, as well as MHD efforts to explain the solar wind
acceleration and the energy deposition in the corona are presented and discussed.

Two very commonly used velocity distribution functions for the particle species
consisting the solar wind are the Maxwellian and the Lorentzian or Kappa
velocity distribution function, see figure 1.8. The main difference lies in the
behavior of the distribution functions for high speeds. As shown in figure 1.8,
the Lorentzian distribution functions have more populated high-speed tails,
so-called suprathermal tails. This means that the Kappa distribution function
gives a larger probability for high speeds to be measured than the Maxwellian.
The lower the κ index is, the heavier the suprathermal tails appear. For very
large κ values (κ→∞) the Lorentzian distribution function degenerates to a
Maxwellian. The Maxwellian distribution function is appropriate for highly
collisional plasmas in thermal equilibrium. If the plasma is not highly collisional
then other velocity distribution functions might be more appropriate, since
suprathermal particles are observed in general in all space plasmas (Pierrard
and Lazar, 2010). More mathematical formulation and detailed comparison
between the two velocity distribution functions will take place in chapter 4.

Using Helios 1 and 2 spacecraft observations, Pilipp et al. (1987) examine three



26 INTRODUCTION

common velocity distribution functions (VDFs) for the electron populations.
The distributions that were used were a) a velocity distribution function that
was almost isotropic, b) a wide ’strahl’ and c) a thin ’strahl’ VDF. The core,
strahl and halo populations are defined and illustrated in figure 1.9. All the
distributions showed a core and halo with low and high energy peaks respectively
and their properties are discussed in more depth in Pilipp et al. (1987).

Figure 1.8: Maxwellian (red solid curve) and Kappa velocity distribution
functions for different κ values. Figure adopted from Pierrard and Lazar (2010).

Scudder (1992a,b) was the first one to have analyzed the importance of
suprathermal particles in the high temperatures of stellar atmospheres.
In Maksimovic et al. (1997b), several thousands fitted VDFs, as observed
by Ulysses, show that the velocity distribution function of the electrons has a
suprathermal tail in the solar wind, unlike the Maxwellian VDF assumed in
collision-dominated plasmas. Suprathermal tails are observed for the slow and
high speed solar wind with higher tails in the fast wind (Pierrard et al., 2016;
Maksimovic et al., 2000).

White-light observations during solar eclipses show good agreement with the
results of kinetic exospheric models obtained from the low corona up to large
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Figure 1.9: Electron velocity distribution functions as observed by the 3DP
instrument on board the Wind spacecraft at the Earth’s orbit. On the top
panels, cross-sections of the phase space density in directions parallel y‖ (solid
lines) and perpendicular to the magnetic field y⊥ (dotted lines) are plotted,
while the dashed line corresponds to the thermal Maxwellian core. The left
panels (case a) correspond to a slow speed solar wind case observed on January
24, 1999. The distribution has three different electron populations, namely
a Maxwellian thermal core that is almost isotropic (dashed line), a hot halo
population (dotted line) perpendicular to the magnetic field, with a spectrum
decreasing as a power law with the energy and a strahl population, that is
aligned with the local magnetic field (solid line). The right panels (case b)
correspond to a fast solar wind case observed on January 28, 1999. The fast
wind has a more intense strahl distribution than the slow one. On the bottom
panels, isocontours (of constant phase space density) of VDFs on the plane
(y‖, y⊥) are plotted, with the dotted curve corresponding to the Maxwellian
thermal velocity. Figure adopted from Pierrard et al. (1999).
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heliocentric distances, as discussed in Pierrard et al. (2014). Indications are
reported that the heating source of the solar wind can be located higher than
the transition region. A peak in the electron solar wind temperature is obtained
around 2R� in the high latitude regions.

In Hellinger et al. (2006), predictions of the Vlasov theory in the linear regime
are compared to observations of temperature anisotropy from WIND7. The
findings relevant to the high speed solar wind agree with the data from Helios
as discussed in Marsch et al. (2004), where the parallel plasma beta of the core
protons grows inversely to the temperature anisotropy (T⊥c/T‖c) of the core
protons. Contrary to the linear prescriptions which argued for the prevalence
of the parallel fire hose and the proton cyclotron instabilities, the observations
regarding the low speed solar wind revealed the existence of a constraint of the
wind by oblique instabilities and more specifically to the oblique fire hose and
the mirror instabilities.

1.5.4 Observations of solar wind and solar activity

The Sun is the best observed star in the universe due to its proximity to the
Earth. But still we are incapable of measuring most solar quantities in situ and
we have to go through sophisticated processes to extract the alteration of the
original signal by the interaction with the interplanetary medium. This is not
the case for the solar wind though, as we can and we have been observing its
characteristics with several different instruments in several different distances,
longitudes and latitudes in situ, see figure 1.10.

An observational analysis and comparison between Wind and Advanced
Composition Explorer8 (ACE) data were conducted by King and Papitashvili
(2005). There are differences between ACE and Wind measurements at 1AU
and more specifically ACE estimates lower temperatures and higher densities
than Wind to an important percentage, about 25% and 18% respectively.
Temperatures and densities measured by ACE were modified through a
normalization to match Wind measurements. Random differences appeared to
grow with transverse distance more slowly for the flow speed, proton densities
and temperatures than for the IMF. The variations of the plasma quantities were
solar activity independent, while the variations of the interplanetary magnetic
field had longer scales for higher activity.

7Wind was launched on November 1, 1994 and now is in orbit around the L1 Lagrange
point, to measure the solar wind characteristics and provide insights on the impact of the
Sun on the Earth (http://wind.nasa.gov).

8ACE was launched on August 25, 1997 and is orbiting around the L1 Lagrange point,
targeting to tackle issues related to the solar wind, solar energetic particles and the
interplanetary magnetic field (http://www.srl.caltech.edu/ACE/ace_mission.html).

http://wind.nasa.gov
http://www.srl.caltech.edu/ACE/ace_mission.html
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Figure 1.10: Solar wind targeted spacecraft with information about their mission,
as adopted from Meyer-Vernet (2007) using NASA and ESA pictures.

Observations from both Voyager9 and Helios were analyzed by Roberts et al.
(1987) in a study of interplanetary fluctuations at low-frequencies from close
to the Sun 0.3 up to 20AU distances. In agreement with previous studies,
near-Sun fluctuations of Alfvénic nature were found to propagate outwards. An
indication of solar origin for the propagating waves away from the Sun, due to
the correlation of magnetic field to velocity fluctuations was presented. Close
to the Sun fluctuations are more Alfvénic than the ones at the Earth’s orbit.
An anticorrelation was found between magnetic field and density fluctuations
inside the Earth’s orbit due to pressure balance. The magnetic energy of the
fluctuations dominates the kinetic one at shorter than a day scales, but the
opposite is happening for lower frequencies even from close to Sun distances
(0.3AU). Indications were argued to exist that the outward directed Alfvénic
fluctuations originate from the Sun and evolve due to non-linear effects created
by shear.

9The twin Voyager 1 and 2 spacecraft aim to explore the interstellar space and are
continuing their journey away from our solar system since they were launched in 1977
(http://voyager.jpl.nasa.gov).

http://voyager.jpl.nasa.gov
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The spacecraft Ulysses (1990-2009) was the first spacecraft to perform (three)
latitudinal scans of the entire Sun covering almost two solar cycles. In McComas
et al. (2000) an observational analysis is performed with the first complete
latitudinal orbit to map the different quasi-stationary types of the solar wind
in low and descending solar activity. Evidence for almost radial dependence of
the solar wind plasma quantities is presented that reveals a uniform behavior
of the solar wind close to the poles. The authors argue that the polar solar
wind is more energetic in non-minimum conditions than in minimum ones
and present evidence that the energy deposition takes place before the critical
point. The mass and energy depositions into the solar wind during the second
solar minimum of the Ulysses mission, are discussed in McComas et al. (2008)
and based on the decrease of the dynamic pressure, they conclude that the
heliopause, i.e. the outer boundary of the heliosphere, was moving towards the
Sun. Later on, McComas et al. (2013) come back to the same solar minimum,
that was a particularly low and extended one. A short peak followed where the
heliospheric current sheet reached tilt angles as in previous cycles. All MHD
quantities of the solar wind were decreased during the time of low activity
together, as the emerging solar magnetic flux was low.

Using Ulysses observations Phillips et al. (1995b) described data corresponding
to ∼ [−80o,−40o] of heliographic latitude. In the poleward 2/3 (< −35o) of
the south hemisphere, the averaged solar wind speed was around 750 km s−1.
CMEs mainly appeared above > −60o, while the protons appeared hotter and
the electrons had a broader strahl at higher latitudes. A Ulysses study in the
range (−80.2o, 80.2o) from the south (12 September 1994) to the north (31 July
1995) was presented by Phillips et al. (1995a). Sources of fast solar wind were
traced at most latitudes apart from a 43o zone around the equator. The density
had negative poleward gradient, while the speed had positive poleward gradient
and the median flux was latitude independent. The energy and momentum
fluxes of the solar wind showed a latitudinal dependence with their peaks close
to the poles.

Webb and Howard (1994) examined CME events during an entire solar cycle
of eleven years period and compared them with particle fluxes as measured at
the orbit of the Earth. They concluded that a) there is a correlation between
the number of CME events and the solar cycle intensity and phase, b) the ratio
of the yearly-averaged mass flux of the CMEs to the solar wind is a good tool
to track the solar activity and the phase of the cycle and c) during maximum
activity the mass flux due to the CMEs close to the solar equator is an important
percentage of the entire mass flux at this latitude.
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1.6 Overview

We begin the presentation of the work conducted for this thesis in chapter 2 with
an introduction of the different extrapolation methods for force-free fields 2.2.
Therein we mention the major extrapolation methods, i.e. the linear (part of
which is also the potential field) and non-linear force-free field extrapolation
schemes. In the context of this thesis, we developed a module in MPI-AMRVAC
for global Potential Field Source Surface (PFSS) extrapolations in 3D in
a spherical coordinate system using the method of spherical harmonics, as
described in section 2.3. The PFSS method is used to estimate the magnetic field
for an active region, AR10756, corresponding to April-May 2005, CR2029 and
the results are compared to another local potential field extrapolation scheme
based on the Green function. As discussed in 2.4, the PFSS extrapolation
method will be used later on in chapter 4 as a step to define the initial three-
dimensional magnetic field.

In chapter 3 a three-dimensional simulation is presented in detail capturing
the small scale dynamics in a stratified atmosphere from the chromosphere to
the solar corona. The full cycle of heating, evaporation, condensation due to
thermal instability and falling driven by interchange instability is explained.
A quadrupolar arcade system is used as the setup of this experiment, as
discussed in section 3.2. Ideal MHD is assumed taking also into account thermal
conduction and optically thin radiative losses, and we prescribe a parametrized
heating with a peak at the footpoints of the large loop of the configuration
to initiate the phenomenon. The evaporation is causing density increase at
higher altitudes, where condensation occurs and plasma blobs start forming,
the dynamical evolution of which is discussed in section 3.3. The coronal rain
events are considered a hot topic for both observational and computational
solar atmospheric studies, so in section 3.4, we construct synthetic views for the
four different wavelengths of the instrument SDO/AIA for easier comparison
with observations that captures the dynamics at these heights. We have created
filters to trace and follow the formation and the motion of the coronal rain blobs,
as presented in section 3.5. We proceed with our analysis by quantifying the
growth rates of thermal instability and interchange instabilities and checking
whether they can be used to trace the condensation centers and the descending
blob orbit, respectively. Waves and instabilities are an important part of the
plasma dynamics in the fluid theory and thus it is the focus of the last part of
this chapter.

In chapter 4 we use both MHD and kinetic models to study the solar wind. We
use the MHD code called Euhforia, wherein a PFSS extrapolation scheme and a
current sheet are used to determine the initial conditions of the full MHD solar
wind model. The MHD code runs from 0.1-2AU. The kinetic model assumes
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Kappa-distributed electrons and Maxwellian-distributed protons. We are using
the same boundary conditions for both MHD and kinetic exospheric models
at 0.1AU and evolve them up to 2AU. Then we compare their results with
observations at the orbit of the Earth and at the orbit of Ulysses. At a later
time we use the kinetic model with an observational input at the orbit of the
Earth and the orbit of Ulysses to determine the solar wind conditions close to
the Sun.

We summarize all the results of the current study and discuss future prospectives
in the conclusion chapter 5.



Chapter 2

Force-free magnetic field
extrapolations

“Every great advance in science has issued from a new audacity of
imagination.”
John Dewey

Parts of this chapter were published in Porth et al. (2014) (refereed journal
paper). The PFSS model has been adopted from the literature (Sakurai, 1989;
Schatten et al., 1969; Schrijver and De Rosa, 2003; Altschuler and Newkirk, 1969;
Altschuler et al., 1977) and a new module was developed by S. P. Moschou and
C. Xia as a part of the open source code MPI-AMRVAC. The simulations, the
analysis, the visualizations and the manuscript text are work of S. P. Moschou.
The PFSS model is introduced here and it will be used as the initial condition
definition process on models used in chapter 4.

2.1 Motivation for studying the solar magnetic field

The magnetic fields play a major role in stellar evolution and dynamics affecting
their physical behavior and activity. In order to comprehend and model the
underlying physical processes in space plasmas we need to obtain as accurate as
possible estimations of the relevant magnetic fields. Direct observations of the
magnetic field topology and intensity are impossible even in the vicinity on the

33
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Sun, so several indirect extrapolation methods need and have been developed in
the last decades, each of which makes a number of assumptions. In this chapter,
we will present shortly the different categories of magnetic field extrapolation
schemes together with theirs assumptions.

2.2 Magnetic field extrapolation methods

2.2.1 Potential field extrapolation

A potential field extrapolation is a solution of the equation (1.7) that corresponds
to α(~r) = 0. Which means that there are no currents and since ∇× ~B = ~0 the
magnetic field is such that:

~B = −∇Φ, (2.1)

with Φ being the magnetic potential. Due to the solenoidal condition, it satisfies
the Laplace equation:

∇2Φ = 0 (2.2)

and our problem comes down to solving the Laplace equation. Three different
methods (Guo, 2011) are used by the scientific community to find the solution
to the Laplace equation in the context of solar magnetic field quantifications
and they are as follows:

• The method using the Green function, where the magnetic potential is
the result of magnetic sources on the solar surface. This leads to a scheme
solving the Laplace equation in a part of the photosphere where the
magnetic field information is provided by magnetograms (Schmidt, 1964).
This method is demonstrated and explained in section 2.3.2 further on in
this chapter.

• The method based on the Fourier expansion, as described in Teuber et al.
(1977), which is applied to a rectangular patch on the photosphere, where
the curvature can be ignored, and extending from the Sun to infinity.
The solution of the Laplace equation is obtained through a Fast Fourier
Transform providing the vertical component of the magnetic field on the
photosphere and a magnetic field decay as distances approach to infinity
(B(r → ∞) = 0, so that Φ(r → ∞) → 0). Both the Fourier expansion
and the Green function schemes are applied in a Cartesian grid.

• The method based on the decomposition of the solution of the Laplace
equation outside of a sphere in spherical harmonics, as described in Sakurai
(1989); Schatten et al. (1969); Schrijver and De Rosa (2003); Altschuler
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and Newkirk (1969); Altschuler et al. (1977). This is a global method
taking into account the curvature of the Sun and assuming a source surface
at a specific heliocentric distance, from where on the magnetic field lines
are considered to be radial. We will focus more on this method later on
in this chapter, this method is called Potential Field Source Surface or
PFSS, and is demonstrated in section 2.3.1. The spherical harmonics is
not the only way to solve the Laplace equation under the PFSS method,
finite difference schemes (Tóth et al., 2011b), as well as combinations of
spectral and finite difference schemes have also been used (Jiang and Feng,
2012).

2.2.2 Linear force-free field extrapolation

Linear force-free fields are obtained from the equation (1.7) for α(~r) constant in
our domain of interest. Potential magnetic fields are a special case of linear force-
free fields with α(~r) = 0 everywhere, but they are usually studied separately
due to their simple prescription that makes them easy to operate. Nakagawa
and Raadu (1972) have shown that a linear force-free magnetic field can be
written in the form:

~B = ∇×∇× (P ẑ) + α∇× (P ẑ) (2.3)

with P a scalar function that satisfies the Helmholtz equation(
∇2 + α2)P = 0 (2.4)

and ẑ the unit vector in the radial direction away from the Sun. The magnetic
field on the photosphere as measured by magnetographs serves as the bottom
boundary for eq. (2.4).

The method using Green functions to solve the Laplace equation under the
assumption of linear force-free fields was developed by Chiu and Hilton (1977)
and Seehafer (1978). Whereas, Alissandrakis (1981) developed a linear force-
free field extrapolation method using the Fourier transform to estimate the
magnetic field.

The assumption that α is constant everywhere in our domain of interest is a
strong assumption and many scientists have shown that this doesn’t stand in
the solar corona. An energy issue was reported with some linear force free
field schemes, e.g. in the method introduced by Seehafer (1978) the energy
content is infinite. The hypothesis of constant α was tested by comparison
a) with EUV (extreme ultraviolet) observations (Wiegelmann and Neukirch,
2002; Schrijver et al., 2005), b) with comparisons to observationally inferred
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magnetic fields (Solanki et al., 2003; Wiegelmann et al., 2005) and finally c)
with direct estimations of the α parameter by Régnier et al. (2002). These
studies emphasize the necessity that non-linear force-free field extrapolations
need to be taken into account for the calculation of solar atmospheric magnetic
fields.

2.2.3 Non-linear force-free field extrapolation

When the parameter α(~r) is not constant everywhere in our domain of interest,
but rather variable, we then have non-linear force-free fields and several
numerical schemes can be used to tackle the problem. Several reviews have
been written summarizing the different computational schemes solving the
non-linear force-free field problem, e.g. Aly (1989); Sakurai (1989); Amari et al.
(1997); Demoulin et al. (1997); McClymont et al. (1997); Aschwanden (2005);
Wiegelmann (2008); Guo (2011). There are a number of numerical methods to
compute non-linear force-free magnetic fields, such as:

• the Grad-Rubin method was first developed by Grad and Rubin (1958)
for fusion problems and then applied to the solar corona by Sakurai (1981)
and improved by Amari et al. (1997, 2006); Wheatland (2004, 2006);
Inhester and Wiegelmann (2006),

• the vertical integration method was first developed by Nakagawa (1974)
and improved by Wu et al. (1985, 1990); Cuperman et al. (1989, 1990);
Song et al. (2006); Demoulin et al. (1992),

• the MHD relaxation method, where the time-dependent resistive MHD
equations are relaxed, also including dissipative processes, or where
one uses only the induction equation in a magnetofrictional approach,
see Chodura and Schlueter (1981); Yang et al. (1986); Roumeliotis (1996);
Valori et al. (2005); Mikic and McClymont (1994); McClymont and Mikic
(1994); McClymont et al. (1997); Amari et al. (1996, 1997),

• the optimization method as described in Wheatland et al. (2000);
Wiegelmann (2004); Schrijver et al. (2006); Metcalf et al. (2008); Inhester
and Wiegelmann (2006),

• and the Green function method as described in Yan and Sakurai (2000).
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2.3 Extrapolations in MPI-AMRVAC

Scientists have nowadays different methods available for extrapolating the
magnetic field information by observational input at the photospheric level. The
Potential Field Source Surface (PFSS) method is the simplest one, with the
most strict assumptions, i.e. that there are no currents in the solar atmosphere.
Its basic advantage though, and the reason why it is still very widely used
especially in space weather predictions, is that it is currently the only magnetic
field assumption that can give real time predictions for the evolution of variations
observed near the Sun up to 1AU. This is the topic of chapter 4, where we use
both a pure MHD and a kinetic model to make such predictions.

Global spherical PFSS model

The fundamental assumption made in the potential field source surface (PFSS)
model (Altschuler and Newkirk, 1969; Schatten et al., 1969; Hoeksema, 1984;
Wang and Sheeley, 1992; Schrijver and De Rosa, 2003) is that the magnetic
field ~B is potential within the coronal volume, allowing a magnetic potential Φ
to be defined such that ~B = −∇Φ. Since ∇ · ~B = 0 everywhere, the potential Φ
satisfies a Laplace equation, ∇2Φ = 0. The solution in spherical coordinates is

Φ(r, θ, φ) =
∞∑
l=0

l∑
m=−l

[
Aml r

l +Bml r
−(l+1)

]
Y ml (θ, φ) , (2.5)

where the Y ml indicate spherical harmonic functions of degree l and order m
and the coefficients Aml and Bml are determined by the imposed radial boundary
conditions. By definition, Y ml (θ, φ) = Cml P

m
l (cos θ)eimφ, where Pml are the

associated Legendre functions and the constants Cml are determined as

Cml = (−1)m
[

2l + 1
4π

(l −m)!
(l +m)!

]1/2
. (2.6)

The photospheric boundary condition for Φ is

∂Φ
∂r

= −Bpr (1, θ, φ) , (2.7)

where Bpr (1, θ, φ) denotes the radial magnetic field as measured at the
photosphere (quantified from a line-of-sight magnetogram or the radial
component of a vector magnetogram). If we denote the spherical harmonic

coefficients of Bpr (1, θ, φ) as Fml , such that Bpr (1, θ, φ) =
∞∑
l=0

l∑
m=−l

Y ml Fml ,
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applying the boundary condition on r = 1R� for Φ leaves us with

∞∑
l=0

l∑
m=−l

Y ml [Aml l −Bml (l + 1)] = −
∞∑
l=0

l∑
m=−l

Y ml Fml . (2.8)

In principle, the coefficients Fml are determined by the equation

Fml =
∫ 2π

0
dφ

∫ π

0
dθ sin θ Y m∗l (θ, φ)Bpr (1, θ, φ) =

=
∫ π

0
dθ sin θ Cml Pml (cosθ)Fm(θ) ,

(2.9)

with Y m∗l (θ, φ) the complex conjugate of the spherical harmonic functions and
Fm(θ) =

∫ 2π
0 dφ e−imφBpr (1, θ, φ) the continuous spherical harmonic transform

on the photospheric magnetic field. Instead of knowing the continuous function
Bpr (1, θ, φ), we only know the values of the photospheric magnetic field at
Nθ × Nφ points (θi, φj), with i = 1, 2, ..., Nθ and j = 1, 2, ..., Nφ as obtained
by observations. The discrete spherical harmonic transform is then given by

Bpr (1, θi, φj) =
∞∑
l=0

l∑
m=−l

Fml Y
m
l (θi, φj), with

Fml =
Nθ∑
i=1

wiCml Pml (cos θi)
Nφ∑
j=1

1
Nφ

e−imφjBpr (1, θi, φj)

 =

=
Nθ∑
i=1

[wiCml Pml (cos θi)Fm(θi)] ,

(2.10)

where the weights wi are obtained with the help of Legendre functions of the
first kind.

The outer radial boundary condition is obtained by the “source surface”
assumption. As source surface we define the sphere rss = 2.5R� which is
threaded by a purely radial field giving the von Neumann boundary condition
∂φΦ(rss, θ, φ) = ∂θΦ(rss, θ, φ) = 0. This is satisfied if Φ is constant on this
sphere and we can choose Φ(rss) = 0. Thus we obtain a relation between the
expansion coefficients

Aml r
l
ss +Bml r

−(l+1)
ss = 0 . (2.11)

Once the coefficients Fml are determined from the magnetogram using relation
(2.10), the coefficients for Aml and Bml follow from (2.8) using the orthogonality
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of the spherical harmonics. We can then determine the magnetic field from the
equation ~B = −∇Φ, or written out per component we get:

Br = Re

(∑
l,m

Y ml

[
Aml lr

l−1 −Bml (l + 1)r−(l+2)
])

, (2.12)

Bθ = Re

(
1

r sin θ
∑
l,m

Y ml

{
Rml (l − 1)

[
Aml−1r

l−1 +Bml−1r
−l
]

(2.13)

− Rml+1(l + 2)
[
Aml+1r

l+1 +Bml+1r
−(l+2)

]})
,

Bφ = Re

(
1

r sin θ
∑
l,m

imY ml

[
Aml r

l +Bml r
−(l+1)

])
, (2.14)

where the factor Rml is defined as Rml =
√

l2−m2

4l2−1 . Note that the field components
are real, while all Y ml , Aml , B

m
l , F

m
l are actually complex numbers. The coronal

magnetic field is dragged outwards by the solar wind outflow, thus explaining
why the assumption of a radial magnetic field topology in large distances is
adopted. The source surface location is chosen at rss = 2.5R� as a commonly
used one in literature (Altschuler and Newkirk, 1969; Schrijver and De Rosa,
2003). A source surface closer to the photosphere will allow more magnetic flux
to extend to the interplanetary space as more magnetic field lines will become
open and the coronal hole areas will get enlarged (Lee et al., 2011).

2.3.1 PFSS extrapolation for Carrington Rotation CR2029

The Carrington Rotation is a system for following characteristic structures on
the Sun such as sunspots over time. Because the solar rotation is variable with
latitude and in order to have a universal way of comparing location on the
solar surface the solar rotation is arbitrarily taken to be 27.2753 days, uniquely
defining each Carrington Rotation number, starting from November 9, 1853.
Synoptic magnetograms are maps of the entire Sun corresponding to a full
Carrington Rotation. Synoptic maps are constructed by averaging through
solar observations obtained during a Carrington Rotation in a weighted sum.
In other words, the synoptic maps are given in Carrington coordinates and at a
specific Carrington time the central meridian data from instrument full-disk
magnetograms have a higher weight and contribute the most at the specific
longitude.
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Synoptic magnetograms with resolutionNθ×Nφ can be used as input to estimate
the solar coronal magnetic field. We can routinely use inputs from GONG
observations1 at resolution 180× 360 and from MDI at resolution 1080× 3600.
MDI is an instrument onboard SOHO, the Solar and Heliospheric Observatory2.
We make use of these magnetograms after performing a magnetogram remeshing
technique using the Chebyshev collocation method (e.g. Carpenter and Gottlieb,
1995). The latter interpolates the original grid where grid points are spaced
equally in cos(θ) onto a uniform θ-grid using a bilinear interpolation that
conserves the magnetic flux up to second order accuracy. Here we present a study
for the solar Carrington rotation number CR2029 in 2005, using observations
from the space telescope instrument MDI. We pay particular attention to two
active regions within CR2029, one located at the North hemisphere AR10759
and one at the South hemisphere AR10756. These two dominant active regions
on each hemisphere will be used to (1) compare the global potential field source
surface spherical extrapolation approach and a local potential field Cartesian one,
and (2) to understand the influence of raising the number of spherical harmonics.
For the latter, we will take active region AR10756 as the photospheric region
on which we examine the radial magnetic field variation over a line crossing
the active region’s opposite polarities, as influenced by the number of spherical
harmonics taken. In Figure 2.1, we first present an impression of the global
magnetic field topology obtained from the full MDI magnetogram, used to
generate a PFSS model up to rss using lmax = 720 and exploiting a 3-level block-
AMR (Adaptive Mesh Refinement) grid using MPI-AMRVAC (Message Passing
Interface - Adaptive Mesh Refinement Versatile Advection Code) (Keppens
et al., 2012; Porth et al., 2014) with effective resolution 240× 360× 720 for a
computational domain extending from the photosphere to the source surface,
from the north to the south pole in θ direction and covering a full circle in the
φ direction for all the cases examined in this chapter.

In order to investigate the effect of the number of spherical harmonics that
we include in our computations on the accuracy of our results, we construct
several PFSS models and compare them to a reference case. For this comparison
purpose, all these models exploit a fixed uniform resolution 150× 180× 360, but
we vary lmax = 90, 135, 270, 540, 720, where lmax is the maximum degree of the
spherical harmonic functions used in each case for the magnetic field calculation.
The case with lmax = 720 determines our reference case, since it is the maximum
degree we can use for MDI magnetograms according to alias-free conditions as
mentioned by Suda and Takami (2002): lmax ≤ min

(
2Nθ

3 ,
Nφ
3

)
⇒ lmax ≤ 720.

1The Global Oscillation Network Group (GONG) is a community-based program to
conduct a detailed study of solar internal structure and dynamics using helioseismology, see
http://gong.nso.edu/.

2See http://sohowww.nascom.nasa.gov/, a project of international collaboration between
ESA and NASA to study the Sun from its deep core to the outer corona and the solar wind.
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Figure 2.1: Global view of the magnetic field topology from the photosphere to
the source surface at 2.5R� together with the active region AR10756 observed
for the synoptic map of CR2029 on the 30th of April 2005 as shown on the left
panel and AR10759 observed on the 14th of May 2005 as shown on the right
panel. The two active regions differ in location by about half a solar rotation.
These global PFSS models use spherical coordinates, have lmax = 720 and use a
3-level AMR grid with effective resolution 240× 360× 720.

In order to compare the different runs, we examine the radial component of the
magnetic field on the photosphere as it varies along a line that crosses active
region AR10756, as demonstrated in figure 2.2. As the number of spherical
harmonics increases, the magnetic field maximal amplitude grows and gradually
approaches the reference case variation. At the same time, the intensity of the
ringing effect (Tóth et al., 2011a) affecting the magnetic field value around the
active region diminishes and the curve gets smoother.

In order to quantify this better, we compute the errors E of the magnetic field
magnitude for each of the above models with respect to the reference case with
maximal lmax = 720. In figure 2.3, the error calculation is demonstrated with
two norms, the L1 (lowest curves) and the L∞ norm (upper data). The two
norms differ about 4 orders of magnitude for all PFSS models reported in the
plot, a fact which indicates that our main errors originate from specific localized
regions. This conclusion is realistic as we would expect that the main errors
are introduced by the existence of regions where the magnetic field is noticed
to show a sudden increase of orders of magnitude, i.e. the active regions.

2.3.2 Global versus local Cartesian extrapolation

Besides the global PFSS model using full Sun synoptic maps, we also
implemented a local potential field extrapolation method in MPI-AMRVAC,
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Figure 2.2: Plot of the radial component of the magnetic field along a line
passing through the active region AR10756 in CR2029. From left to right
lmax = 90, 270, 720. We notice that as lmax increases, the ringing oscillations
visible when lmax = 90 decrease and both magnitude and variation of the radial
component of the magnetic field approach the reference case value at right.

useful when interested in simulating specific local active region behavior. This
local Cartesian approach is using exact closed-form solutions of the force-
free magnetic field boundary-value problem with the help of Green’s function
method (Chiu and Hilton, 1977). When the photospheric surface corresponds
to the z = 0 plane, the problem still reduces to solving the Laplace equation
for the magnetic potential with the photospheric boundary condition Bpz (x, y)
given by magnetograms. When we take as second boundary condition ~B → 0
as z →∞, the Cartesian components of the magnetic field in Green’s function
forms are given by

Bi = 1
2π

∫ yb

ya

∫ xb

xa

dx′ dy′Gi(x, y, z;x′, y′)Bpz (x′, y′) for i = x, y, z.(2.15)
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Figure 2.3: The error quantification on the magnitude of the total magnetic
field for each PFSS model where lmax = 90, 135, 270, 540, with respect to the
reference run at lmax = 720, with grid resolution 150× 180× 360 and uniform
grid for every case using L1 and L∞ norms. The solid line indicates a power
law fitting curve given by E = 836.3152 l−2.22912

max and the dashed line has
E = 0.05634e−0.0087419 lmax as an exponential fit for the L1 norm. For the L∞
norm, the dotted line is the power law fitting curve E = 25.7× 106 l−2.30698

max and
the dot-dashed line E = 1.3× 103e−0.00918513 lmax is the exponential fit.

where [xa, xb] and [ya, yb] are the boundaries of the extracted magnetogram,
and the integrals contain

Gx = x− x′

R

∂Γ
∂z

+ αΓy − y
′

R
, (2.16)

Gy = y − y′

R

∂Γ
∂z

+ αΓx− x
′

R
, (2.17)

Gz = z

r3 cos(αr) + αz

r2 sin(αr) , (2.18)

Γ = z

Rr
cos(αr)− 1

R
cos(αz) , (2.19)

∂Γ
∂z

=
(

1
Rr
− z2

Rr3

)
cos(αr)− αz2

Rr2 sin(αr) + α

R
sin(αz) , (2.20)
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with R2 = (x− x′)2 + (y − y′)2 and r2 = R2 + z2 the position vector squared.
The above formulae allow for a constant nonzero value of α, then generating
a linear force-free field, while for α = 0 we get the potential magnetic field
solution. This exact solution does not suffer from the need to truncate at a
specific angular degree lmax encountered when using the spherical harmonics.
For the integral evaluations, a simple midpoint rule is adopted.

To qualitatively compare this local extrapolation method with the PFSS model
in a global spherical geometry, we can do the following, all shown in figure 2.4.
We can start from a synoptic magnetogram of a full Carrington rotation, so that
the observational input is in the form of a 2D matrix of size Nθ ×Nφ, for MDI
this is 1080×3600. The abovementioned Chebyshev remeshing technique is first
used to transform the whole magnetogram into a uniform (θ, φ) grid, similar to
the global case. This uniform (θ, φ) grid can be transformed into a Cartesian
grid with each angular degree corresponding to a length equal to πR�/180.
Finally, an area of interest is extracted in Cartesian coordinates ∆y×∆x in the
form of a 2D submatrix corresponding to a user selected ∆θ×∆φ angular part of
the magnetogram. Here, we take a 30o×30o part containing the AR10759 which
counts 181× 301 grid points, covering a region of 364.8× 364.8Mm2. We use
this as a bottom magnetogram for a local extrapolation using the above method,
where we use a 4-level AMR grid with effective resolution 384× 384× 384 with
in each direction a maximal resolving power where ∆x = ∆y = ∆z = 0.95
Mm. We also take the full MDI magnetogram as bottom boundary for a global
PFSS extrapolation, this time using a uniform 180× 270× 540 grid in spherical
coordinates (r, θ, ϕ), where the radial range goes up to the source surface. This
latter spherical grid ensures an effective resolving power of about 8× 8Mm2 on
the solar suface.

The field lines for both kinds of extrapolations are drawn in figure 2.4, where we
show a zoomed view on the active region from the global PFSS model, and the
local Cartesian result. We selected 20 specific points to start drawing the field
lines. The two approaches show similar structure, as expected. We underline
that for the local extrapolation, there is no source surface (the top boundary
differs for the exploited Green function), a fact that explains why we have more
dominant open field line topology in the right panel of figure 2.4. The remaining
differences are due to finite curvature effects, not taken along in the Cartesian
approach. In the same figure there is also an observational EIT3 image of the
active region AR10759 at 195Å, which corresponds to Fe XII and a temperature
of 1.6× 106K. The input magnetograms provide the radial component of the
photospheric magnetic field, while with the extrapolation schemes discussed

3Extreme ultraviolet Imaging Telescope (EIT) is an instrument on the SOHO spacecraft,
sensitive to four different wavelengths 171, 195, 284, and 304Å with a 17 minute cadence and
spatial resolution of (1800km)2.
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above we were able to reconstruct the magnetic field in the entire corona. The
EUV images are capturing the local density-temperature variations, but due
to the specific thermal conduction conditions in the low corona we can use
these images as an indirect measure of the local magnetic field topology. More
specifically, the thermal conduction is taking place primarily along the magnetic
field lines (as we will explain later on in chapter 3), thus revealing the magnetic
field topology, thus linking brightness to topological features and allowing us to
compare our extrapolation to the materialized impression of the magnetic field
lines revealed in the EUV images. The extrapolations agree only qualitatively
with the observational data in the extreme ultraviolet. The (magnetically
structured) plasma morphology visible at this wavelength shows similarities
with the open and closed field lines of both global and local simulations, but
may well deviate significantly from potential field conditions. The potential
field extrapolation is appropriate for extrapolating quiet Sun conditions, but is
essentially current-free and we expect major deviations from the observations
for more dynamic cases, where currents might be present. By inspection, the
potential field extrapolation misses the implied magnetic connectivity in those
regions, e.g. at the center of the active region in the EIT view, there is a region
that differs the most from the extrapolated magnetic field topology.

Figure 2.4: Local potential field extrapolation in Cartesian coordinates (left)
versus a zoomed view taken from a global PFSS model in spherical coordinates
(right), for CR2029 zoomed in to AR10759. The effective resolution for the
local simulation is 384×384×384 with cell size of 0.95 Mm, while for the global
simulation we exploit 180× 270× 540 with on disk 8 Mm per cell. We visualize
and compare the magnetic field topology for the two approaches of the same
model. The middle panel is an extreme ultraviolet observation from EIT 195Å
for AR10759.

2.4 Conclusions
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Magnetic fields are essential for understanding and modeling the underlying
plasma physics in space and stellar environments. There is a new module in
MPI-AMRVAC developed as a result of this work, which can be used to estimate
the three-dimensional magnetic field starting from photospheric magnetograms
observed by different instruments with different resolutions. The potential field
extrapolation is relatively simple to implement and it is computationally less
demanding than all the other types of magnetic field extrapolations, as they were
presented in the first part of the current chapter. These characteristics make it
particularly useful for space weather prediction models, as they need to provide
estimations of the space weather phenomena before potentially dangerous events
can reach the earth in a few, typically up to three days. The PFSS model is a
global model that takes into account the curvature of the Sun and it constrains
the closed magnetic field topology below the distance of the source surface.
The importance of the global PFSS extrapolation in spherical coordinates lies
in the fact that the magnetic field information is essential and can serve as
initial condition for solar wind models, as we will see later on in chapter 4.
The PFSS extrapolation is not appropriate for highly dynamic regions, where
electric current cannot be neglected. Non-linear force-free field extrapolations
incorporate current considerations in their descriptions and thus can and have
been used to simulate and compare, e.g. non-potential active regions on the
Sun with EUV and multiwavelength images (Su et al., 2009). For the current
study we have used MDI observations, which was superseded by HMI in 2011,
that is still operating in high resolution and can thus be used for more recent
cases in a similar way.



Chapter 3

3D Simulations on coronal
rain

“No law or ordinance is mightier than understanding.”
Plato

This chapter has been published in Moschou et al. (2015) (refereed journal
paper), where the simulation, the analysis, the visualizations and the manuscript
text are work of the present author. The simulation is the 3D generalization of
the previous models developed in the group by Fang et al. (2013) in coronal
rain and by Xia et al. (2012) in condensation cycles in flux ropes. The filters for
tracing and following the blobs while descending where previously developed by
X. Fang.

3.1 Introduction

Coronal rain blobs and prominences consist of cool and dense plasma and can be
formed due to thermal instability, as it was described in Parker (1953) and Field
(1965). First, chromospheric and coronal matter gets heated due to a physical
trigger (e.g. a solar flare) and gets redistributed to coronal heights, where it starts
loosing energy and cools down through radiative losses and thermal conduction
(Colgan et al., 2008; Goldsmith, 1971; Levine and Withbroe, 1977; Townsend,
2009; Xia et al., 2011). Thermal instability magnifies temperature perturbations

47
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and causes condensation in both hydro and magnetohydrodynamic regimes,
isotropically and anisotropically, respectively (Hildner, 1974). Observational
studies provided indications that prominences are composed of embedded cool
plasma inside a flux rope with a sheared arcade on top (Chae et al., 2001).
Catastrophing cooling can take place within preformed flux ropes (Xia et al.,
2014) or at the top of dynamic loop systems reducing the temperature of the
plasma to transition region and chromospheric temperatures causing runaway
events and the evacuation of the loop, as presented in Antolin et al. (2010);
Mendoza-Briceño et al. (2005); Müller et al. (2004b); O’Shea et al. (2007);
Schrijver (2001).

Coronal loops, where in-situ condensations takes place show strong emission in
lines with characteristic temperatures T ≤ 105K (Müller et al., 2003; Schrijver,
2001) and weak emission at lines corresponding to higher temperatures. The cool
material is observable in EUV lines, and can either be a large scale prominence
structure (Keppens and Xia, 2014; Xia et al., 2014) or form smaller blobs
with sizes of the order of a few hundreds of kilometers (Antolin and Rouppe
van der Voort, 2012; Fang et al., 2013; Müller et al., 2003; Schrijver, 2001;
Tripathi et al., 2009). These blobs appear bright in 304Å(EIT), while intensity
variations appear to travel from the loop top towards the footpoints, suggesting
cool temperatures and providing supporting evidence for heating-evaporation-
condensation cycles (de Groof et al., 2005; De Groof et al., 2004; Mok et al.,
2008; Xia et al., 2012).

The importance of the magnetic field geometry in coronal rain and prominence
events was highlighted in Kawaguchi (1970), as it guides the cool plasma falling
from the corona back to the chromosphere (Leroy, 1972). Coronal rain can
provide information about the magnetic fields supporting it, as condensed blobs,
with lifetimes of a few tens of minutes (Fang et al., 2013), slide and deform
along the magnetic field lines revealing their small-scale topology. They slide
down with a wide range of speeds and with accelerations different from the
one predicted by gravity alone, suggesting the important influence of other
(M)HD forces (Antolin and Verwichte, 2011). Both hot plasma upflows from
chromospheric heights and multi-temperature downflows along magnetic field
lines were observed to take place mainly in EUV wavebands (Beckers, 1962;
Kamio et al., 2011), with hot downflows only close to the loop top (Tripathi
et al., 2009).

Magnetic field topologies used for the simulations of loop systems extending
to the solar corona have e.g. used force-free field approximations to explore
how heating affects EUV and soft X-ray views (Mok et al., 2005). In a
full flux rope configuration, Xia et al. (2014) also demonstrated prominence
formation and demonstrated its EUV emission appearance, in accord with
actual observations. Computational efforts have already successfully produced
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prominence condensations resulting from different heating functions (Antiochos
and Klimchuk, 1991; Xia et al., 2012). Numerical studies (Antiochos et al., 1999;
Dahlburg et al., 1998) have suggested that for the prominence to be formed
through catastrophic cooling (Xia et al., 2012) the heating function of the
loop needs to be localised close to the footpoints of the loop at chromospheric
heights, whereas the magnetic dip topology is not a necessity (Karpen et al.,
2001). Downflows of condensed matter were found to accelerate in the dipped
part of the configuration in numerical simulations (Antiochos et al., 1999),
while observational studies verify the accelerated sliding of the cool plasma
towards both footpoints (Oliver et al., 2014; Schrijver, 2001; Wang, 1999) with
propagation speeds in the range of 10 up to 200kms−1 (Kleint et al., 2014) and
accelerations smaller than the effective gravitational one (Antolin and Rouppe
van der Voort, 2012) in MHD setups.

High resolution observations with instruments such as Hinode/Solar Optical
Telescope, CRISP/Swedish Solar Telescope, SDO and IRIS are available and
provide insight in the dynamic fine-structures (Scullion et al., 2014) of the
solar corona. Numerical studies have also started to explore the physical
conditions that play a key role in dynamic loop systems, such as the detailed
magnetic topologies and the heating mechanisms, since they determine the
temperatures, densities, and speeds of the condensed material (Fang et al.,
2013), and influence relevant waves and instabilities driving the phenomena.
With the already obtained knowledge about these physical conditions we want
to further investigate the driving mechanism(s) for the creation (Xia et al.,
2011) and the evolution of the condensed blobs.

3.2 Setup: physical and computational aspects

3.2.1 Governing equations and initial configuration

We present numerical simulations in 3D settings where coronal rain phenomena
occur in a quadrupolar magnetic environment. Simulations are done with the
grid adaptive MPI-AMRVAC 1 code as described in Keppens et al. (2012) and
updated in Porth et al. (2014). As initial conditions we take a 2.5D, potential
magnetic field, forming a quadrupolar arcade configuration with a dip, as
demonstrated in figure 3.2, augmented with a 1D stratified equilibrium, such
that in ideal MHD we realise a force-balanced state. The velocity is set to zero

1https://gitorious.org/amrvac

https://gitorious.org/amrvac
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throughout, and the magnetic field is taken as

Bx = Bp0 cos
(
πx

2L0

)
e−

πy
2L0 −Bp0 cos

(
3πx
2L0

)
e−

3πy
2L0 , (3.1)

By = −Bp0 sin
(
πx

2L0

)
e−

πy
2L0 +Bp0 sin

(
3πx
2L0

)
e−

3πy
2L0 , (3.2)

Bz = Bz0, (3.3)

where the y−direction is the height in our simulation, B0 = 4× 10−4T and the
local angle between the (x, y)-plane and the field lines is set to π/4 at x = 0,
y = 2L0/π, determining Bp0 and Bz0 uniquely, making Bp0 = B0

(e−1−e−3)
√

2
and Bz0 = Bp0(e−1 − e−3). The density and pressure are calculated by the
gravitational stratification. We initialise the 1D arrays of density and pressure
in the bottom boundary from hydrostatic equilibrium as follows:

pj − pj−1

∆y = 1
4(gj + gj−1)

(
pj
Tj

+ ρj−1

)
, (3.4)

in a discretized form.

The stratification gets a transition region temperature Ttr = 1.6 × 105K at
a chosen height htr = 0.27 × 107m and adopts a constant vertical thermal
conduction flux upwards, taken at κ(T )dTdy = 200Jm−2s−1 (Xia et al., 2011).
The temperature in the top boundary is later on restricted to be Ttop = 2×106K.

Nevertheless, we extend physically the ideal MHD equations by including non-
ideal terms and study non-ideal effects including (a) optically thin radiative
losses Q, (b) anisotropic thermal conduction and (c) a parametrised heating
function H, such that the evolution equation of the total energy becomes

∂E

∂t
+∇ · (E~v + ptot~v − ~B ~B · ~v) = ρ~g · ~v +∇ · (~κ · ∇T )−Q+H, (3.5)

where E = p/(γ − 1) + ρv2/2 + B2/2 is the total energy density including
internal, kinetic and magnetic energy densities accordingly for each term. We
take γ = 5/3 and use a unit system such that the magnetic permeability µ0 = 1,
making the total pressure given by ptot = p+B2/2. The thermal conduction is
field-aligned and it has the following form: κ|| = 10−11T 5/2Jm−1s−1K−3.5. The
optically thin cooling uses a tabulated temperature dependence Λ(T ) and as
the equation Q ∝ n2

HΛ(T ) suggests it is proportional to the squared hydrogen
number density. We adopt the same cooling table Λ(T ) as described and used in
Xia et al. (2011), as illustrated in figure 3.1 (solid line). Initially, the system is
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not relaxed and we need to add the background heating to balance the radiative
loses and reach a quasi-equilibrium state before we turn on the localized heating
and trigger the coronal rain mass cycle. At this point, we will define in short
a few concepts with respect to equation (4.9) will be used throughout this
chapter. The linear theory can analytically describe the initial linear phase of
the thermal instability, as we will see later on in this chapter. As the system
enters the non-linear phase the thermal instability can only be approached
through numerical simulations. Catastrophic cooling is a term used in literature
to describe a characteristic of thermal instability focusing on temperature
decrease. In the early slow cooling phase (T ∼ 2MK), the thermal instability is
kept steady by the counteraction of a strong thermal conductivity ∇ · (~κ · ∇T )
and weak radiative cooling term Q. As the temperature reaches about 200,000
K, the strong radiative cooling and the weak thermal conductivity accelerate
the thermal instability to a fast developing phase giving rise to catastrophic
cooling, which cools the material in a few minutes to temperatures down to
10,000K. Evaporation and condensation do not preserve their original meanings,
as no phase change takes place, but rather transition between chromospheric
and coronal conditions. Thus we borrow the terminology to stress that the
difference in density and temperature is huge between chromospheric and
coronal plasma. Concluding, evaporation in solar physics refers to the cold
and dense chromospheric plasma that is heated to hot coronal temperatures,
while condensation refers to hot and rare coronal plasma that cools down and
increases its density up to chromospheric values.

The parametrized heating term has the following prescription

H = Hbg +Hlh, (3.6)

Hbg(y) = H0e
−y/Lbg , (3.7)

Hlh(x, y, z, t) = H1R(t)C(y)F (x, z), (3.8)

F (x, z) =
[

exp
(
− (x−xl)2

σ2

)
exp

(
−

sin
(
π(z−xl)

∆z

)2

σ3

)

+ exp
(
− (x−xr)2

σ2

)
exp

(
−

sin
(
π(z−xr)

∆z

)2

σ3

)]
, (3.9)
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Figure 3.1: Radiative losses Λ(T ) as a function of temperature computed
by Colgan et al. (2008) (squares) and the interpolation used in this study (solid
line). The dashed line shows the piecewise continuous radiative loss function
of the Klimchuk-Raymond profile used in previous works (Karpen et al., 2005;
Karpen and Antiochos, 2008; Klimchuk et al., 2010). The figure was adopted
from Xia et al. (2011).

C(y) =
{

1, if y < yh,

e
− (y−yh)2

λh , if y ≥ yh .
(3.10)

We have two different heating phases, as is evident by the heating function.
First, we relax our system from begin time t = t0 to t = trelax (≈ 51min)
using only the background heating term Hbg till a quasi-equilibrium state is
reached. Afterwards, we add an extra localised heating term Hlh, as visualised
in the figure 3.2. For the background heating we have an amplitude of H0 =
3×10−5Jm−3s−1, while for the localised heating we haveH1 = 2×10−3Jm−3s−1,
i.e. H1 ≈ 102H0. The length and pressure units are taken as Lunit = 107m
and punit = 0.03175Jm−3, while the scale height of the background heating is
Lbg = 5Lunit and the localised heating is prescribed by a ramp function R(t)
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Figure 3.2: Here we present in a 3D fashion the localised heating function and
the magnetic field topology, to emphasise that the heating is applied at the
footpoints of the enveloping arcade. Three different cross-sections are shown,
namely the diagonal and the left and bottom boundary planes of our simulation
domain. The image corresponds to a physical time of about 205min.

with a linear variation from zero to one, for a specific initial time and duration.
For the rest of the heating parameters we take σ2 = 0.2L2

unit and σ3 = 0.3,
xl = −xr = −4.2Lunit, yh = 0.4Lunit, λh = 0.25L2

unit. We assume fully ionized
plasma with 10:1 H:He abundance, taking ρ = 1.4mpnH and adopting an ideal
gas law p = 2.3nHkBT .

In figure 3.3 we present the temperature profile along a line parallel to the
y−axis passing through the middle of the simulation domain, i.e. (0, y, 0), in
three different times throughout our simulation. More specifically, we show a)
t = t0, b) t = trelax, c) t = tblob initiation and d) the static averaged temperature
profile according to semi-empirical VAL-C model (Vernazza et al., 1981), which
only extends to low heights (< 2.6Mm) and is a plane-parallel model for quiet
sun. We start at t = t0 from a temperature profile that includes chromosphere,
transition region and corona and we apply a background heating with a scale
length of 50 Mm till we reach a quasi-equilibrium state at t = trelax. The
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Figure 3.3: Temperature profiles are shown at times a) t = t0, b) t = trelax,
c) t = tblob initiation, together with d) the static averaged temperature profile
according to semi-empirical VAL-C model for comparison.

transition region is shifted to larger heights and heated. In physical units,
the relaxation phase follows the 3D heated arcade for ≈ 51 min. Also, the
first moment that the blobs are captured in our simulation t = tblob initiation
corresponds actually to ≈ 205 min after we have relaxed to a quasi-equilibrium
state t = trelax.

3.2.2 Boundary conditions and numerical aspects

As boundary conditions we use ghost cells of 2 grid layers exterior to the physical
domain everywhere in accord with the discretisation scheme. For numerical
advancing of the partial differential equations we use a three-step Runge-Kutta
scheme. As evaluation scheme to move from cell-centered to face values we
use a third-order-accurate limited reconstruction, as described in Čada and
Torrilhon (2009). For fluxes we adopt an HLLCD scheme, which is a suitably
mixed contact-resolving HLLC with fallback to TVDLF, hence D(iffused) hybrid
scheme introduced in Meliani et al. (2008). As Courant parameter we use 0.9



SETUP: PHYSICAL AND COMPUTATIONAL ASPECTS 55

of the CFL computed timestep. A diffusive approach is used for magnetic
monopole control.

For our simulation we typically impose boundary conditions on the primitive
variables: (ρ, vx, vy, vz, p, Bx, By, Bz).

• Side boundaries: (xmin, xmax) = (−5Lunit, 5Lunit) and (zmin, zmax) =
(−5Lunit, 5Lunit)
For each physical quantity on the side surfaces in x−direction of the
simulation box we choose the symmetric boundary conditions for (ρ, vy,
vz, p, By, Bz) and asymmetric boundary conditions for (vx, Bx), while
taking periodic boundary conditions for the z−direction for all physical
quantities.

• Bottom boundary at: ymin = 0
At the bottom, we use asymmetric boundary conditions for the three
components of the velocity to set zero flow there. We fix the density and
pressure as indicated by the gravitational stratification of the initial state
and the magnetic field is fixed as prescribed by the analytic relations given
in Eq. (3.1), (3.2), (3.3).

• Top boundary at: ymax = 8Lunit
First, the pressure and density in the top layers is calculated giving a top
temperature. This local temperature, but limited to Ttop is then used
together with a discrete extrapolation of the stratification. The velocity
is set asymmetric. For the magnetic field, we fix Bz to its initial value,
adopt a one-sided difference expression to set ∂Bx∂y = 0. Finally, in order to
set the normal component By we apply the central differenced condition
∇ · ~B = 0.

The simulation uses a base grid of 120 × 120 × 120 grid points, activating a
3-level mesh refinement based on mixed evaluation of weighted discrete second
derivates involving density and the x− and y− magnetic field components
ρ : Bx : By in a 0.6 : 0.2 : 0.2 ratio. The effective mesh size is 480× 480× 480
corresponding to physical distances of 208km × 167km × 208km in a single
highest resolution grid cell.

3.2.3 Filter for analysis of thermodynamic evolution

We use filters to analyze the presence of blobs in our simulations, which only
start appearing after more than 205 minutes of physical time elapsed after
extra heating is switched on. We define coronal rain blobs as cool and dense
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plasma suspended in the corona, after it condensed in-situ there. Condensation
happens after a long period of gradual mass transport to the corona due to
evaporation from transition region and chromospheric heights, as a consequence
of the localised heating function that heats the footpoints of the large arcade,
as shown in figure 3.2.

Blobs are found as dense, cool matter well above transition region heights.
Practically, the criteria used for the classification of a plasma element, according
to our numerical resolution and grid size, as a blob element, are y > hTR(x, z, t)
and ρ > 7ρunit and T < 0.1MK. More specifically, we use criteria that take
into account the number density, the temperature and the height of each grid
cell to characterise a cell volume as containing blob material. First of all, we
need to quantify the transition region height hTR(x, z, t). We do so in 3D by
searching our simulation grid starting from the bottom looking for the height
where the temperature and density gradient become maximum for the first time.
If this technique fails, we set 9Mm as the transition region height locally, which
is typically an overestimate of the true transition region height found. After
having quantified the transition region surface, we are able to calculate the total
mass of the cool material and the number of the blobs, the latter by clustering
of neighbouring plasma cells into larger parts. Furthermore, we define a spatial
cutoff for blobs that are in agreement with the blob-filter criteria, but have
a total volume smaller than eight individual grid cells, i.e. we only take into
account blobs with a volume of at least eight grid cells in total.

More specifically, the grid cells, that satisfy the blob-filter conditions and are
above the set cutoff, are labelled as cool matter and kept in a list. With
the cool material thereby mapped in our 3D grid, we can group the different
grid cells into individual blobs at each saved snapshot and calculate their
number. After this calculation is completed, we drop out groups with less
than eight grid cells, remap the cool material and then recalculate the blob
number. When all individual blobs are defined and mapped, we can collect their
physical properties (such as the total mass of the blob, the average density) and
calculate the centroid location of each blob with the temperature as weight. If
the maximum density grid cell is close to the centroid and if their separation
distance is larger than the resolution, we adopt as the centroid the grid cell
with the maximum density value for that blob.

In figures 3.4 and 3.5 we demonstrate the results of the analysis using the blob
filter. Specifically, in figure 3.4 we show the total mass accumulated in the
blobs (left panel) as well as the number of the blobs as the simulation evolves
(right panel), while in figure 3.5 we present the distribution of the mass in blobs
(left panel), as well as the distribution of the average temperature inside each
blob (right panel) throughout the entire simulation. The minimum mass that
can be contained in the smallest grid cell corresponding to the cutoff density
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Figure 3.4: The left plot shows the evolution of the mass contained in the blobs
with time and the right one shows how the number of the blobs evolves with
time.

criterion of the blob filter is about ∆mmin = 1.1845× 105kg. This means that
the peak in the blob mass distribution is about three orders of magnitude bigger
than this minimum mass, i.e. mpeak ∝ 103∆mmin, and is thus not influenced by
resolution effects (also aided by the way we introduced a lower cut-off in blob
size). In figure 3.4, we notice that there are two phases, namely, a build-up phase
and a saturation phase. The build-up phase corresponds to mass accumulation
at the middle of the domain, due to evaporation and blob formation. At some
point, blobs obtain enough mass and are subject to the gravitational instability,
so they start moving downwards. When they fall back into the transition region,
our filter stops taking them into account in the calculation of the total mass
and the number of blobs. Thus, the episodic behaviour that we witness to take
place in the left panel, after t = 230min and the saturation that we observe in
the right panel of figure 3.4, after t = 235min, reflect the time variation of the
blob creation and the blob loss, which sets up a mass recycling process.

3.3 Blob formation and evolution

Due to evaporation from chromospheric and transition region heights, cool
material starts concentrating at the top part of the large arcade preferentially
within the heated loop part. As time passes, and more mass is accumulated
at that specific region, at a height of about 40Mm, as shown in figure 3.6, the
density starts rising and condensation centers make their appearance in our
simulation. This formation of blobs containing cool material has been found
and analyzed in 2.5D simulations for a force-free arcade by Fang et al. (2013)
and causes runaway events. In figure 3.6, the evolution of the mass transport
and accumulation is presented in four different snapshots with a time interval
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Figure 3.5: The quantities shown on this figure are the temperature (right) and
mass (left) distribution of all the blobs throughout the entire simulation. The
blob material is rather cool with most of them having a temperature of 20,000K,
while the range is from 10,000K to 100,000K. The vast majority of the blobs
has a very small mass, close to the lower limit for their definition, while the
distribution range is rather large.

of about 72min. The mass transport starts from the heated loop footpoints
and moves upwards depositing mass, due to evaporation, on the loops above
the magnetic dip of the arcade configuration, at a height of about 40Mm. The
top left panel shows the moment when we activate the localised heating Hlh

(t = trelax) and reset the time to t = 0. The first blobs are formed at the time
t ≈ 205min and the last snapshot for our simulation corresponds to a time
of about 259min. We have studied the phenomenon of the blobs for a time
duration of about 54min, as we present further on.

A continuous coronal rain develops, but here in a fully 3D fashion and the blob
dynamics show clear indications of Rayleigh-Taylor or interchange instability.
More specifically, as can be seen in figure 3.7, we observe vertical finger-like
structures in the middle part of the velocity map (top panel), with opposite
direction velocities appearing next to each other. Interesting features appear also
close to the top of the simulation domain, with opposite velocities coexisting next
to each other, indicative of a kind of stratification driven mixing occurring there.
The magnetic field strength decreases exponentially with height, according to its
analytic prescription that was presented in the previous section. In the second
interesting region, at the top, the dominant component of the magnetic field is
the third horizontal component, Bz.

The temperature profile helps to locate the cooler blob as demonstrated in
the bottom panel of figure 3.7, corresponding to the plane z = 0. Finger-like
structures appear again at the same region as in the velocity profile. Interestingly,
the first blobs make their appearance above the magnetic dip of our arcade
configuration and this is the region from where on we start seeing the finger-like
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Figure 3.6: Here we show the integrated view along the z− direction of the
density at four different snapshots with a corresponding time interval of about
72min, to demonstrate the evolution and to show where the mass is accumulated
due to the heating of the footpoints of the enveloping arcade. The time is
annotated in minutes and the density is shown with the desaturated rainbow
colorbar. In the top left panel, we show the t = 0min snapshot, when we
activate the localised heating function Hlh (t = trelax). Later on, (top right and
bottom left panel) the mass gets accumulated at heights around 40Mm. In the
bottom right panel, the phenomenon of the blob runaway events has already
started and condensations have made their appearance (at about 205 min blobs
appear for the first time).
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Figure 3.7: We present here the vertical component of the plasma velocity (top
panel) and the temperature profile (bottom panel) at the time corresponding to
235min of physical time. Both vy and T are shown in cross-section on the x− y
plane corresponding to z = 0. We observe clear indications of Rayleigh-Taylor
instability, seen as finger-like structures at heights y ≈ 20− 30Mm.
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formations. From this perspective the condensed blobs seem to fall through the
almost horizontal magnetic field lines, i.e the blobs look like they pass through
the field lines, a scenario which would mean that the frozen-in condition gets
violated. We will further analyze this phenomenon from different angles, to
clarify the real blob motion later in this chapter.

3.4 SDO synthetic views

We construct and present synthetic views from SDO/AIA2 in four different
wavelengths 171 Å, 193 Å, 211 Å, 304 Å, that have their peak emission
contributions for plasma at temperatures of 0.8MK, 1.5 MK, 1.8MK, 0.08MK
respectively. The measured flux through optically thin emission in a waveband
i is considered as the line-of-sight integral

Di =
∫
n2
eGi(ne, Te)dl, (3.11)

with l denoting the distance along the line-of-sight (Xia et al., 2014). The unit
of the pixel response function Di(ne, Te) of the instrument is data number per
second and it is a function of the temperature Te and the density ne. We make
use of AIA routines found in the SolarSoft package (Boerner et al., 2012) and
spectral information found in the CHIANTI 7 catalog (Landi et al., 2012). The
line-of-sight integral is calculated using ray tracing, as explained in Xia et al.
(2014). For the same time t = 235min as shown in figure 3.7 we present these
four EUV views in figures 3.8 and 3.9, with the two first wavelengths (171 Å,
193 Å) corresponding to the first and second row of the figure 3.8 and the two
last ones (211 Å, 304 Å) corresponding to the first and second row of figure 3.9.
We show two different sideway views corresponding to the z−integrated and the
x−integrated view point for the left and right column of both figures accordingly,
for one specific snapshot corresponding to 235min of physical time. The most
informative view is the one that corresponds to the cool filter, i.e. the bottom
row of figure 3.9. The blob dynamics and their structure becomes evident in this
304 Å channel, allowing us to follow more closely the evolution of the position of
the condensation centers with time. In animated views, we observe that mostly
blobs form and move on the left part of the z−integrated view and on the right
part of the x−integrated view. This means that (numerically) accumulated
asymmetries have rendered one half of the heated arcade loops close to thermal
instability. The cool material overall seems to follow the magnetic configuration

2SDO: The Solar Dynamics Observatory was launched on February 11, 2010 by NASA. Its
target is study solar variability with the corresponding impacts on Earth (http://sdo.gsfc.
nasa.gov/mission/).

http://sdo.gsfc.nasa.gov/mission/
http://sdo.gsfc.nasa.gov/mission/
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Figure 3.8: SDO/AIA synthetic views in two different wavelengths showing the
z−integrated side view on the left and the x−integrated side view on the right
of the whole simulation box. This shows a specific snapshot corresponding to
the 235min of physical time in 171 Å(top panels) and 193 Å(bottom panels)
EUV channel.

during its evolution. In all filters, the footpoints of the enveloping heated
large loop system appear enhanced in brightness, as the heating process is
captured. At the 171Å and 193Å wavelengths (figure 3.8) the blob centers are
enhanced and the phenomenon resembles coronal rain on these views. The
purpose for constructing synthetic views is to directly compare our simulations
with observational data (Vashalomidze et al., 2015; Kohutova and Verwichte,
2016) in future studies.

3.5 Mass circulation

As we will quantify further on, blobs form due to thermal instability, creating
condensation centers. After the blobs are formed, we will show further on



MASS CIRCULATION 63

6 4 2 0 2 4 6
x (10 Mm)

4

2

0

2

4

y
 (

1
0

 M
m

)

0.0e+00

5.0e+01

1.0e+02

1.5e+02

2.0e+02

2.5e+02

3.0e+02

3.5e+02

4.0e+02

4.5e+02

5.0e+02

6 4 2 0 2 4 6
z (10 Mm)

4

2

0

2

4

y
 (

1
0

 M
m

)

0.0e+00

5.0e+01

1.0e+02

1.5e+02

2.0e+02

2.5e+02

3.0e+02

3.5e+02

4.0e+02

4.5e+02

5.0e+02

6 4 2 0 2 4 6
x (10 Mm)

4

2

0

2

4

y
 (

1
0
 M

m
)

0.0e+00

2.0e+00

4.0e+00

6.0e+00

8.0e+00

1.0e+01

1.2e+01

1.4e+01

1.6e+01

1.8e+01

2.0e+01

6 4 2 0 2 4 6
z (10 Mm)

4

2

0

2

4

y
 (

1
0
 M

m
)

0.0e+00

2.0e+00

4.0e+00

6.0e+00

8.0e+00

1.0e+01

1.2e+01

1.4e+01

1.6e+01

1.8e+01

2.0e+01

Figure 3.9: SDO/AIA synthetic views in 211 Å(top panels) and 304 Å(bottom
panels) wavelengths showing the z−integrated side view on the left and the
x−integrated side view on the right of the whole simulation box. This shows a
specific snapshot corresponding to the 235min of physical time, and demonstrates
that the cool blobs are mostly seen in the 304ÅEUV channel.

that they are cospatial with regions liable to interchange instability. Its
nonlinear evolution dominates the local dynamics and the blobs obtain an
overall downward velocity.

More specifically, the blobs are very dynamic and as such they evolve changing
their number, size and physical characteristics, splitting into smaller pieces or
colliding forming larger cool and dense plasma elements. At the beginning, from
the moment blobs start appearing in the simulation, they increase in mass and
number, figure 3.4. The vast majority of the blobs have small masses, as shown
in the left panel of figure 3.5, but overall the blobs have masses that spread
out to a quite wide range of values varying from 45 to 4500 in units of 109g.
As the time passes, they start splitting and small blobs start following more
closely the magnetic field topology on the lower part of the configuration and
specifically near the footpoints. Figure 3.10 provides evidence of this gradual
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Figure 3.10: The velocity component parallel to the local vector magnetic
field is quantified here for five of the heaviest blobs in our experiment. We
observe that there is a tendency for each blob in our sample to parallelise to the
local magnetic field direction (parallel or antiparallel) later in their circulation
through the corona as they approach the loop footpoints.

alignment of the plasma clump motion with the local magnetic field direction,
regardless of their earlier directionality. At blob birth, blobs can have velocity
components perpendicular to the magnetic field acquired when condensing (due
to e.g. pressure difference). Note that we just quantify the centroid motion
here. The blob growth during formation also influences motion of the blobs
perpendicular to the magnetic field. Then they ultimately descend into the
transition region with accelerating speeds. At time t ≈ 225min, one part of the
cool plasma follows the left footpoint of the large arcade to reach the transition
region with increasing speed downwards while another part moves towards the
centre of the configuration, just on top of the magnetic dip of the quadrupolar
system, where a more complicated motion takes place. Specifically, overall
we observe how blob features develop a rather circular motion on the top of
the magnetic dip, that is accompanied by further blob splitting with some
blobs falling along the field line topology towards both sides of the footpoints
of the large arcade, while some parts have an apparent falling motion in the
middle of the magnetic structure. This angular motion accelerates slightly.
While this circular motion takes place new small blobs merge with the existing
circulating plasma in that region. Another part of the cool plasma in the blobs



MASS CIRCULATION 65

Figure 3.11: The magnetic field topology from two different lines of sight, as well
as the velocity vector field of the condensed material in four different snapshots.
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that was found above the centre of the quadrupolar arcade system follows the
topology on top of the small arcade and falls back to the transition region
following their footpoints. The plasma that falls through the central part of
the configuration, where the neighbouring footpoints with opposite polarities of
the two small arcades come close, doesn’t show any noticeable acceleration. An
impression of the blob dynamics is shown in Figure 3.11, which shows, from
two perspectives, the field topology, and where each blob element has a fixed
length vector representation with its direction defined by the flow, and colored
by the flow magnitude.

The plasma-β, representing the ratio of plasma pressure to magnetic pressure,
in the lower part of the simulated region is smaller than unity, as indicated in
figure 3.12. This is the region where the blobs get formed and evolve moving
overall downwards. As the phenomenon progresses and the blobs move towards
lower altitudes the plasma-β decreases further in that region. More specifically
the plasma-β range of values is a) 8.4× 10−3 < β < 0.557 for the blobs at all
times b) 3.4 × 10−3 < β < 1.7 for the physical domain above 10Mm and c)
2.4× 10−3 < β < 121 for the whole physical domain. So we conclude that the
blobs have low-beta values throughout the simulation. This observation is an
indication that the magnetic field dominates. In order to accurately resolve and
explain the plasma displacements and then link with the magnetic topology of
our system, we need to develop particle tracing techniques on top of our MHD
simulation to see how fluid elements obey frozen-in conditions.

3.6 MHD stability analysis

In the remainder of this chapter, we will now make direct contact with linear
MHD theory governing especially the instability criteria that may drive further
nonlinear evolution. In general, the linearised MHD equations (about time
independent physical quantities in equilibrium states p(~r), ~B(~r), ρ(~r)) accept
solutions in normal mode fashion, according to Goedbloed and Poedts (2004):

~ξ(~r, t) = ξ̂(~r)e−iωt , (3.12)

where ~ξ is the plasma displacement vector. In ideal MHD, this leads to the
eigenvalue problem:

~F (ξ̂) = −ρω2ξ̂, (3.13)

where ~F is the ideal MHD force operator. Both discrete and continuous
eigenvalues are accepted and their set of {ω2} form collectively the spectrum. For
ideal MHD conditions, the operator ρ−1 ~F is self-adjoint so that the eigenvalues
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Figure 3.12: Plasma-β profile on the slice that corresponds to the diagonal
plane x = −z. The white curve is the contour indicating the region where β = 1.
Yellow represents high β values and blue low β values. We depict (left panel)
one of the first snapshots that show the blob formation (≈214min), as well as,
(right panel) the final snapshot of our simulation (≈259min), when there are
still blobs circulating inside the coronal volume. Blobs are represented with
white colour and they are projected on the 2D view. The plane x = −z has
opacity 0.7 so that it allows for blobs that are behind it to be seen in dark blue
shades.

ω2 are real, which means the eigenvalues ω can be either real or imaginary,
which respectively lead to waves and instabilities.

For instabilities we have an exponential growth of the initial perturbation.
However, our current setup is characterised by inclusion of non-ideal effects
like thermal conduction and radiative losses. This makes that exponentially
growing entropy modes can exist, or that magnetosonic wave modes can become
overstable. Moreover, bulk flow also complicates the actual linear spectrum
quantification (Goedbloed et al., 2010).

Still, we will now use earlier linear instability criteria for idealised setups, to
quantify and study the first stages of the evolution of each perturbation. This
will demonstrate that our simulation has thermal and interchange instabilities
happening simultaneously.

3.6.1 Instabilities and frequency cutoff

The physical mechanism that creates the blobs and the complex dynamics that
drives them around in the lower corona is related to two kinds of instabilities.
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When unstable, the system has a natural tendency to move towards more stable
states through the mixing resulting from the developing instabilities.

Since we have prominent radiative losses, as well as a strong magnetic field in
the presence of gravity, we will consider:

1. the thermal instability and

2. the interchange instability.

The first one likely creates the condensation centers and thus the blobs and
the second one can drive their evolution and circulation in the corona. More
specifically, due to localised cooling and mass accumulation, the criteria for
thermal instability can be fulfilled for condensation of cool material to take
place in situ. This creates the observed blobs at first. After they are formed,
they possess a higher density compared to the layers underneath them, so this
configuration can become gravitationally unstable and the system needs to
adjust to a new more stable state. In search of this new energetically economic
configuration, the blobs start moving even in the region of strong magnetic field
at the lower part of the simulation domain. The characteristic of the interchange
instability is to do this with none to minimal field line bending ~k · ~B, where ~k
denotes the wave vector when a plane wave type description is used.

The spatial resolution of our simulation limits the wavelengths detectable in
our data to (a multiple of) the grid cell size, ∆x. Furthermore, data storage
limits introduced a time cadence ∆ts ≈ 85s, between successively stored full 3D
data, so the instabilities we can detect most easily have growth rates N in eNt,
that grow sizeably in about 85s. Specifically for the Lagrangian displacement:

ξ = ξ0e
−iωt = ξ0e

Nt , (3.14)

we observe noticeable dynamic changes evolving from one saved frame to the
next one when their displacement gets larger than our spatial resolution or
when:

eN∆ts − 1 ≥ ∆x
ξ0

. (3.15)

Initially, since blobs are created in situ, their Lagrangian displacement is small,
so:

∆x
ξ0
≥ 1 . (3.16)

So, finally we get:

eN∆ts > 2⇒ N >
ln 2
∆ts

⇒ N > 0.008Hz . (3.17)
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Thus the instabilities that have the time to evolve and be captured by our
simulation from one snapshot to the next need to have growth rate larger than
0.008Hz and we use this criterion further on to cut off lower growth rates, that
don’t have the time to evolve and determine the system dynamics. Specifically,
we are only interested in frequencies higher than 0.008Hz, which means that we
are looking for negative squared eigenvalues in the region: ω2 < −6.4×10−5Hz2.
These eigenvalues are the most important ones for determining the blobs’
formation and dynamical evolution at the temporal and spatial resolution that
we have in this simulation.

3.6.2 Thermal Instability: isochoric and isobaric criteria

The prescribed localised heating function that heats up the footpoints of the
external magnetic loop causes evaporation that gradually adds cool plasma from
the transition region into the large loop of our main configuration. As a result,
the evaporated cool plasma increases the density in that region from about
ρ = 0.1ρunit (ρunit = 2.342× 10−12kg/m3) at t = 0 to ρ = ρunit at t ≈ 205min.
The density increase enters gradually the radiative loss and condensation centers
are formed and blobs are created.

Two thermal instability criteria were introduced, the isochoric by Parker (1953)
and the isobaric one by Field (1965), that control thermodynamic evolution
in astrophysical systems. From these criteria, we should be able to predict
the condensation regions, i.e. regions where catastrophic cooling takes place.
Although the criteria are only valid for gaseous uniform media, we will now use
them to locate where blobs will be formed due to the thermal instability.

According to Parker (1953) and also used for prominence onset in Xia et al.
(2011) the isochoric criterion is:

C = k2 − 1
κ

(
∂H

∂T
− ∂R

∂T

)
< 0, (3.18)

where k is the wavenumber of the perturbation that undergoes thermal instability,
κ is the heat conduction coefficient, and R = nHneΛ(T ) = Q(ne/nH) is the
radiative loss.

Similarly, (see equation (8) in Xia et al. (2011)) the criterion for an isobaric
thermal instability is given by:

Cisobaric = ρ

(
∂L
∂T

)
ρ

− ρ2

T

(
∂L
∂ρ

)
T

+ k2κ < 0, (3.19)
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where L = (nHneΛ(T ) − H)/ρ = (R − H)/ρ = (Q(ne/nH) − H)/ρ is the
generalised heat-loss function. We use the parallel conduction coefficient value
to quantify κ (isotropic in a gaseous medium as analyzed by Parker (1953)).

As perturbation lengths (i.e.
to set the wavenumber k) we use two different length scales that play an
important role in the dynamic processes.

1. On one hand, we adopt as perturbation wavelength the smallest detectable
blob size λ = 208 km, which corresponds actually to our spatial resolution.

2. On the other hand, we can estimate the whole heated region size to be
about λ = 40Mm. This is done as follows. The temperature distribution
indicates that most blobs have an average temperature of about 20,000K,
but in general blobs with temperatures from 10,000K to 100,000K are
observed, with the vast majority of them concentrated in the range between
10,000K and 60,000K, as demonstrated in the second panel of figure 3.5.
In order to estimate the size of the thermally unstable region, we use
an isotemperature contour that corresponds to 40,000K in our physical
domain at the moment that we start observing for the first time the
condensation phenomenon (205min). We estimate the size of the cool
material region from the volume enveloping this isotemperature contour.
The isosurface of 20,000K is present on the snapshot just before the first
blob is formed, but vanishes on the snapshot that first captures the blob
formation. This is in agreement with previous studies and is explained
by the fact that cooling takes place in order for the condensations to
happen, up to a point where cooling stops and inflows start converging on
it, which results to a pressure increase that results to a localised increase
in the temperature. In the same region the density is increasing strongly,
forming condensation centers that gradually evolve into blobs.

Using the isochoric thermal instability criterion, we conclude that the thermally
unstable region is very well identified, as we can see on figure 3.13. There
we illustrate the denser parts of the computational domain with the help of
a density threshold filter trying to identify the condensation region together
with the isosurfaces corresponding to a frequency for the thermal instability
that best surrounds the blob formation region and lies close to the limit ω2 <
−6.4 × 10−5Hz2. Indeed, for the wavelength λ = 40Mm, the condensation
centers are captured and followed throughout the evolution of the phenomenon,
as new high density blobs keep emerging till the end of our simulation.

The isochoric criterion is rather independent of the length scale of the
perturbation in our analysis, as after using the two wavelengths that were
estimated above, that differ about two orders of magnitude from each other,
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we do not observe large differences in the estimated unstable region with the
isosurfaces’ method. This fact is in agreement with Xia et al. (2011), who first
showed the agreement with Parker’s results in a 1D setup. So the value of the
perturbation wavelength λ and thus the perturbation wavenumber k = 2π/λ,
doesn’t affect the results of the thermally unstable analysis in highlighting the
regions where the blob formation will take place.

For the isobaric case though, we noticed a clear dependence on the length scale
of the perturbation. Specifically, for the wavelength of λ = 208km, the isobaric
criterion suggests fully stable states throughout the simulation, as it gives
Cisobaric > 0. For the wavelength of λ = 40Mm we find Cisobaric ≈ −8× 10−6

in individual cells for certain snapshots, without clear correspondence to the
evolution of the blobs.

Concluding, our results agree with previous studies on the fact that the isobaric
thermal instability criterion depends strongly on perturbation wavelength and
seems less appropriate to explain catastrophic cooling during condensation
formation in solar corona. The isochoric instability threshold gives a satisfactory
correspondence with blob formation regions. Hence for our case, the isochoric
thermal instability criterion is the most appropriate to examine blob formation.

3.6.3 Hydrodynamic buoyancy and Atwood numbers

If for whatever reason we arrive at a configuration where heavier fluid is
positioned above lighter fluid in a gravitational field, this configuration can be
gravitationally unstable leading to Rayleigh-Taylor (RT) development in pure
hydro setups. The system will search for a more stable state by forcing the
heavy fluid to change position with the lighter one and fall down. The classical
Rayleigh-Taylor instability results when small perturbations are applied at the
interface between the two fluids and prevent the interface from keeping a perfectly
flat shape. A small perturbation at the interface then grows exponentially with
a growth rate of:

exp(Nt), with N =
√
Agk and A = ρheavy−ρlight

ρheavy+ρlight ,

where N , is the growth rate, k is the spatial wavenumber and A is the Atwood
number indicating the density disparity in a gravity field quantified by g
(Chandrasekhar, 1961; Glimm et al., 2001). In pure Eulerian fluids, small
wavelengths grow first.

This simple criterium is drastically modified in MHD, but it is known that the
density disparity A between the fluids, which takes values 0 ≤ A ≤ 1, determines
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Figure 3.13: Estimation of the unstable region from an isochoric thermal
instability criterion shown at three times (top to bottom) and for two visualising
angles (left-right column). In the panels of the left column we demonstrate the
plasma densities with coloured isodensity surfaces as indicated by the colourbar.
The yellow isosurface visualised here in both left (with the density isosurfaces)
and right columns (on its own) corresponds to growth rates above 0.008Hz and
captures well the unstable region, as it follows the changing location of the
condensed material in the corona with time in our simulation and highlights
the blobs’ birth places.
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the morphology and the evolution of the plasma undergoing non-linear Rayleigh-
Taylor instability, since for A close to 0, Rayleigh-Taylor instability shows a
symmetric mixing for both finger-like plasma structures for the heavy down
falling fluid and bubble-like ones for the light fluid that rises; while for A close
to 1, falling spikes have larger growth rates and penetrate deeper in the opposite
region than rising bubbles (Mikaelian, 2014).

Figure 3.14: Atwood number distribution for all the blobs throughout the entire
simulation. The vast majority of the blobs appears to have Atwood numbers
close to unity, suggesting a blob density of about 20 times higher than the
plasma elements underneath the blob.

In order to quantify the Atwood number for each individual blob in our
simulation, we set as ρheavy the maximum density of the blob and search
underneath the blob on the same column (y−direction) starting from the first
grid cell just underneath the blob and moving downwards, for a grid cell with
density ρlight smaller than the density of the centroid. There can be grid cells
underneath the blob with similar density, but hotter material. In our simulation
the vast majority of the blobs take on Atwood numbers of the second limiting
case, i.e. values close to unity, as is evident from the distribution in figure 3.14.
For the extreme cases we have the following:

• for A = 0.00145⇒ ρblob = 1.0029 · ρcorona,

• for A = 0.99⇒ ρblob ≈ 20 · ρcorona.
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As already mentioned, the Atwood number examines Rayleigh-Taylor instability
from the purely hydrodynamic perspective, quantifying the density disparity
between the plasma elements of interest and their surroundings and particularly
the layer just underneath them, ignoring any influence the magnetic field might
have on the event. The distribution of the Atwood number for the blobs
throughout the entire simulation clearly shows that most blobs get Atwood
numbers very close to unity, which suggests that the condensation centers have
about 20 times higher density than their surroundings. On the other side of
the distribution range, there are a few blobs with small Atwood numbers close
to 0 that have a density only slightly higher than their surroundings. We now
address their mixing tendency according to more relevant magnetohydrodynamic
criteria.

3.6.4 Interchange instability and Brunt-Väisälä frequencies

After the blobs are created, they are situated in low β regions, so gravitational
stratification can cause interchange instability to take place and drive their
evolution. Thermal instability may still control the delicate growth process of
individual blobs and sympathetic runaway cooling. Hence, new blobs continue
appearing at new regions due to catastrophic cooling. After their creation, blobs
can be found in a gravitationally unstable situation and then they start moving
to help the configuration find a new more stable state. When gravity projected
along field lines wins, they fall back to the transition region.

To examine the role played by interchange instability, likely causing the blob
motion after they are formed, we quantify the relevant Brunt-Väisälä frequencies.
These are known to appear in standard instability criteria for gravity driven in
the presence or not of magnetic fields up to strong magnetic fields.

We will use again various instability criteria to trace and follow the evolution of
the blobs and their circulation in the corona. We will find that buoyancy
frequencies trace the unstable regions very well and follow the plasma
condensations as they move around the corona from the moment they are
formed onwards. We use different quantification strategies for two relevant
Brunt-Väisälä frequencies.

The first method in a sense ignores the magnetic topology of the configuration
and only takes into consideration the vertical components of the gradients (due
to gravitational stratification) of density and pressure. This is appropriate in
true 1D plane-parallel atmospheres, such as an exponentially stratified plasma
with constant sound and Alfvén speed. We then obtain
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N2
B = 1

ρ2
dp

dy

(
dρ

dy
− ρ

γp

dp

dy

)
, (3.20)

N2
m = 1

ρ2
dp

dy

(
dρ

dy
− ρ

γp+B2
dp

dy

)
, (3.21)

where N2
B is the classic Brunt-Väisälä frequency and N2

m is the classic
magnetically modified Brunt-Väisälä frequency. The latter is especially relevant
for perpendicular (~k ⊥ ~B) wave modes.

The second method tries to do justice to the 3D magnetic topology. In
translationally symmetric (2.5D) Grad-Shafranov type equilibria between
gravity, Lorentz force and pressure gradient, a stability criterium for convective
continuum instability (CCI) modes uses projections on the field lines (Blokland
and Keppens, 2011a). Equilibria where the density is a function of the flux
are unstable and have a continuum MHD spectrum, triggered by the CCI,
as discussed in e.g. Blokland and Keppens (2011b). Since we do not have
translational symmetry, and we want to avoid the details of a straight field line
(SFL) representation, we arrive at estimations of the Brunt-Väisälä frequencies,
taking into account the three-dimensional configuration of the magnetic structure
of our system by

N2
B,p =

[
~Bp · ∇p
ρB

][
~Bp
ρB
·
(
∇ρ− ρ

γp
∇p
)]

, (3.22)

N2
m,p =

[
~Bp · ∇p
ρB

][
~Bp
ρB
·
(
∇ρ− ρ

γp+B2∇p
)]

, (3.23)

where N2
B,p is the Brunt-Väisälä frequencies and N2

m,p is the magnetically
modified Brunt-Väisälä frequency, both projected on the magnetic field lines.
In the actual CCI criteria, one must use the (SFL) poloidal field and project
along a flux surface.

We used three different approximations to projected Brunt-Väisälä frequencies,
that differ in the way we include the magnetic field influence in our calculation.
The three different approaches take ~Bp in the above formulae as

1. ~Bp = (Bx, By, Bz)

2. ~Bp = (Bx, By, 0)
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3. ~Bp = (0, By, 0)

Even slightly negative values of the squared Brunt-Väisälä frequencies, as
quantified according to the equations above, indicate unstable states. However,
we explained earlier that due to the resolution of our simulation and our
time resolution for data saves, we only care for instabilities with growth rates
corresponding to time intervals of about 1.43min, i.e. the time interval between
two sequential snapshots.

The comparison is presented in figure 3.15 at time t = 235min. There we
illustrate the denser parts of the computational domain with the help of a density
threshold filter trying to identify the condensation centers together with the
isosurfaces corresponding to the a Brunt-Väisälä frequency that best surrounds
the blob region and lies close to the limit ω2 < −6.4× 10−5Hz2. Similarly is
done for figures 3.16 and 3.17. From that figure, we can conclude that the most
appropriate method for tracing the unstable regions using projected Brunt-
Väisälä frequencies is the one that corresponds to the total three-dimensional
magnetic field, namely the top panels in figure 3.15. This takes into account
the three-dimensional variations of density and pressure. The unstable regions
estimated in this way surround the blobs throughout their evolution (when we
make animated views for all times) and appear to be a very consistent method
to trace the important areas of the simulation domain, where the dynamical
evolution is critical for the condensation centers. The second row, where we
use only x, y− variation (in line with the initial z−invariance of the setup) of
density and pressure, overestimates the unstable regions, indicating the whole
area underneath the loop where the blobs are located. The bottom row is least
appropriate, as it only takes into account the vertical component of the density
and pressure gradient and therefore does a bad job localising the perturbed
regions. Instead, it indicates that the parts of the loops closer to the footpoints
are most unstable, which is not true, as we observe no blobs or interchange
dynamics there at all, at that time of the simulation. Hence, the full 3D
prescription of all three quantities, i.e. the magnetic field and the 3D gradient
of density and pressure, is the most accurate method to estimate the unstable
regions to MHD instability, using both N2

B,p and N2
m,p frequencies.

The field line projected Brunt-Väisälä frequencies confirm that we have an
overall stable configuration with well defined unstable regions that surround
the blobs, throughout their circulation in the corona. They point out as the
unstable region the top part of the internal loops that form the quadrupolar
arcade system. We are led to conclude that the blob dynamics is driven by
some variant of the CCI development.

On the other hand, the classic way of estimating the Brunt-Väisälä frequencies,
taking into account only the vertical variation of pressure and density, rather
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Figure 3.15: Snapshot that corresponds to 235min of physical time the Brunt-
Väisälä frequencies, projected on field lines. We show frequencies N2

B,p (brown)
and N2

m,p (purple) as isosurfaces in the left and right columns, respectively.
Additionally, in all the panels we visualise in coloured isosurfaces the densities as
indicated by the colourbar to capture all the regions of high density, i.e. the solar
atmospheric regions underneath and the blobs inside the corona. We present
quantifications done with three different ways to approximate field projections,
with from top to bottom using a) ~Bp = (Bx, By, Bz), b) ~Bp = (Bx, By, 0), c)
~Bp = (0, By, 0).
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Figure 3.16: In the four plots above we visualised for the snapshot at about
241min the results of four different criteria to estimate the unstable regions in
our simulation box as they were presented in the text for both Brunt-Väisälä
frequencies, N2

B (left column) and N2
m (right column). We observe that the

magnetohydrodynamic approach, i.e. the full-field projected Brunt-Väisälä
frequencies (bottom row) on the magnetic field lines, nicely correlates with the
blob regions. The classic approach (top row) that takes into account only the
vertical component of the gradient of the density and the pressure identifies also
the (higher β) regions at the domain top, which also seem to show structures
as in figure 3.7.

than their three-dimensional gradients in the physical domain, estimates a larger
unstable region, that extends in a large portion of our simulation box. This
is shown in figure 3.16 for a time t = 241min, where we contrast it with the
full-field projected quantification in the bottom panels. More specifically, using
the classic formula two unstable regions emerge. One on the lower part of the
box at the magnetic dip region under the locations of blob formation following
also the blobs’ evolution, as well as another region on top of the simulation box
at the upper part of the loops of our magnetic topology. They correspond to the
dynamics seen at the top of our arcade system, also seen earlier in Figure 3.7,
where the plasma beta is higher.

Still, the most relevant criterion to estimate the unstable regions in low β
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regions is the one using the three-dimensional gradients of density and pressure
and the three-dimensional magnetic field, that captures quite accurately the
region surrounding the blobs and highlighting the dynamically perturbed areas
of the domain.

In figure 3.17, we demonstrate how the full-field projected Brunt-Väisälä
frequency-criterion N2

B,p captures the condensation regions throughout the
simulation following the blobs as they circulate in the solar corona. We do so by
using six snapshots corresponding to different physical times from the moment
we observe the first blobs (about 205 min of physical time for the top left panel)
till the final stages of the simulation (254 min for the bottom right panel of
figure 3.17).

3.6.5 Additional wave patterns

There are several different physical phenomena and dynamic processes that
take place inside our physical domain. As expected and in accordance with
previous studies of prominence formation (Keppens and Xia, 2014) we see
several wave patterns all over the simulation box. The representation of the
Lorentz force magnitude indicates most evidently all the magnetohydrodynamic
interactions, as demonstrated in figure 3.18. However, many of the observed
wavy features are just an artefact of our (closed) boundary conditions, with
repeated reflections at our boundaries as the simulation proceeds. Still, we are
interested in localised waves that have an actual physical trigger at some point
in the simulation and such features we will now try to describe.

From the plethora of wave features that are shown in the visualisation of the
Lorentz force magnitude all over the simulation domain (figure 3.18), we noticed
some clear wave patterns appearing in profiles of other quantities as well. One
very characteristic example is the region on the top right part of the arcade in
this plane x = z, as shown with the white line in figure 3.18.

There, a moving perturbation seemed to be localised, so we went on to quantify
the evolution along this line. Our goal is to calculate the propagation speed of
this wave and for that we quantify the values of the Lorentz force magnitude
on the chosen line and stacked them over time, as depicted in the figure 3.19.

These appear at the middle part of the line length (total length is ≈ 4Lunit
in figure 3.19) and from the slope we calculate the propagation speed of these
waves. We got an estimated speed for this position-time diagram of Lorentz
force of about 6 kms−1. This apparent speed is about an order of magnitude
smaller than the speed of the blobs while circulating around the lower parts of
the corona and it is also about 2 orders of magnitude smaller than the local
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Figure 3.17: Six snapshots at different times for the unstable region as it is
estimated by the full-field projected Brunt-Väisälä frequency-criterion N2

B,p.
With brown colour and low opacity we can see the isosurface that corresponds
to the unstable region and with saturated colour bar the density of the blobs.
We conclude that there is a satisfying correspondence between the criterion
and the position of the blobs at each time, as the unstable isosurface always
surrounds the condensed matter.
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Figure 3.18: The Lorentz force magnitude in units 3.17538 × 10−9Nm−3 is
demonstrated in the slice that corresponds to x = z and cuts the domain
diagonally at the snapshot that corresponds to about 205min of physical time.
Several wave patterns appear throughout our simulation box. The white line
represents the line along which we estimate the physical variations further on.
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Figure 3.19: The wave fronts identified by a Lorentz force magnitude in units
3.17538× 10−9Nm−3 view stacked in time along the line shown in figure 3.18
to reveal their propagating speeds.

Alfvén speed. Animated views show clear indications of pressure perturbations
moving in an oblique direction.

In the figure 3.20, we show the magnetic and plasma pressure variations,
pfluid = p(t)−p(ti) and pmagnetic = (B2(t)−B2(ti))/2, along the line presented
in figure 3.18, where as ti we use the moment when we first observe blobs in our
simulation ti ≈ 205min and for t we take t = 241min. Note that in this region,
β is in the range [0.4, 1.1], as shown in the left panel of figure 3.21 (for a specific
snapshot at 241min of physical time), so the local sound speed is in the range
[232.9, 256.19]kms−1, as shown in the right panel of figure 3.21. From time
series of similar figures of these spatial variations in pressure, as in figure 3.20,
we can estimate the order of magnitude of the wavelength of the oscillations
as well as their period. We estimated a wavelength λ of about 2.5Mm and a
period of about 257s, giving a phase speed of the order of vphase ≈ 10kms−1.

We conclude that the magnetic pressure and the plasma pressure are out of
phase. This is a typical characteristic of slow magneto-acoustic waves in a
uniform medium. Even though, our medium is far from uniform, this result
is a clear indication for the characterisation of the examined waves as slow
magneto-sonic. Possible triggers for the examined waves is the blob evolution
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Figure 3.20: Magnetic (red curve) and plasma (green curve) pressure deviations
as they were quantified along the line shown in figure 3.18, at physical time of
about 241min. The magnetic and fluid pressures are in anti-phase.

and dynamics and their corresponding interactions with the magnetic field. It’s
worth noting that due to our closed boundaries waves will be reflected and
propagated throughout our simulation domain.

3.7 Conclusions

We use a 3D magnetohydrodynamic simulation and include thermodynamic
gain-loss terms in a solar quadrupolar arcade system with magnetic dip. Due to
evaporation from the chromosphere, eventually localised runaway condensation
events occur and blobs of cool material are formed, as a result of thermal
instability. We use the thermal instability criteria for isochoric as well as
isobaric cases to show that the isochoric one is the most suitable and gives a
satisfying estimation of the unstable regions where condensations create blobs.
Indications of interchange instability are evident and a continuous coronal rain



84 3D SIMULATIONS ON CORONAL RAIN

Figure 3.21: Plasma β (left panel) and the characteristic plasma speeds, i.e.
sound speed (red curve in the right panel) and Alfvén speed (green curve in
the right panel), as they were quantified along the line shown in figure 3.18, at
physical time of about 241min.

develops. The interchange instability takes over after the condensations make
their appearance, as the configuration is gravitationally unstable with dense
plasma on top of rarefied plasma. Our magnetic field dominates on the lower
part of the simulation, as indicated by the plasma-β parameter so that one
must exploit field projected stability analysis. Blobs are heavily affected by the
presence of the magnetic field and they seem to accumulate in the middle of
our configuration, while splitting and merging to finally follow the magnetic
field topology and fall back to the transition region. The latter occurs along
the footpoints of the arcades with an accelerated speed. The estimated mass
captured by the blobs is in agreement with the order of magnitude of observed
mass loss rate due to coronal rain events, i.e. 5× 109g s−1 according to Antolin
and Rouppe van der Voort (2012). We examined commonly used quantifications
of Brunt-Väisälä frequencies, trying to improve the way the magnetic field
topology is taken into account. They all help to identify the buoyant unstable
regions with one of them taking into account the three dimensional magnetic
field and projecting the pressure and density gradient along the field lines.
When only taking into account the vertical component of pressure and density
gradients we also find the (top) unstable low field regions in our domain, where
no blobs are found but where other subtle velocity-temperature fluctuations do
occur. We experimented with three different variations of the projection on the
field lines and concluded that overall, the most trustworthy method for tracing
the unstable regions is the projection with the full three dimensional magnetic
field topology. This is also consistent with the CCI criterium for more idealised
setups.
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A plethora of waves becomes obvious throughout the simulation box when
visualising the Lorentz force variation. Oscillations along the magnetic field
lines were also observed in intensity variations in O’Shea et al. (2007) suggesting
the occurrence of standing waves and propagating perturbations. We found
rather localised structures on the profiles of other physical quantities as well.
We analyzed a typical case and estimated its wave propagation speed to be
about 6 kms−1 and a phase speed of the order of 10 kms−1. These speeds are
of the order of magnitude as the redshifts of downflows observed in 1548Å and
630Å and the emission stops sharply after the condensed material has fallen
back to the chromosphere (Müller et al., 2004b). From the pressure variation
we conclude that they are magneto-acoustic in nature.

The instability criteria that we used are only strictly applicable in the linear
regime/phase of the instabilities. In our paper, we show how they can also serve
to gain some insight on the physical processes, even when non-linear phenomena
are the ones dominating.

Concluding, this simulation is one of the first ones that captures the mass-cycle
in a coronal loop system initiating from footpoint-localized heating, causing
chromospheric evaporation, triggering thermal instability that will result in
plasma condensation and downflow, in full 3D setups. This physical sequence
of processes is related to phenomena such as prominences, flares and coronal
rain, that are overall closely intertwined, as indicated in previous studies (Ahn
et al., 2014; Antolin et al., 2012a; Antolin and Verwichte, 2011; Karpen et al.,
2001; Kawaguchi, 1970; Keppens and Xia, 2014; Murawski et al., 2011; Oliver
et al., 2014; Shimojo et al., 2002). A quadrupolar arcade system with a dip,
a configuration usually met in prominences, was used in this experiment, as a
natural continuation of previous simulations in coronal rain and prominence
related phenomena (Fang et al., 2013; Keppens and Xia, 2014). Catastrophic
cooling taking place at a height of about 25 Mm, in agreement with Antolin
and Verwichte (2011), leads to the formation of cool plasma condensations,
that emit in EUV, as demonstrated in figures 3.8, 3.9. Cool and dense plasma
blobs are observed in cool chromospheric lines, such as Hα and Ca II H, as they
descend. A wide range of velocities was revealed from a few km s−1 to almost
100 km s−1, in agreement with previous studies (Antolin and Rouppe van der
Voort, 2012; Antolin et al., 2012b, 2010; Fang et al., 2013; Müller et al., 2004a;
Oliver et al., 2014; Shimojo et al., 2002). Temperatures with peak at 20,000 K
and plasma-β values of maximum 0.557, were found, both within ranges already
reported (Shimojo et al., 2002; Antolin and Verwichte, 2011; Ahn et al., 2014).
Regarding our findings on the magneto-acoustic wave, Murawski et al. (2011)
also found that magneto-acoustic waves were linked to cool dense descending
blobs, while Oliver et al. (2014) supports that down falling blobs emit small
amplitude sound waves of periods of about 100s. It must be stated that our
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magnetic field strength resembles more that of quiet Sun, rather than an active
region case. Magnetic fields were estimated to an intensity in the range of
8-22G (Antolin et al., 2012a; Antolin and Verwichte, 2011), while at blob length
scales, i.e. a few hundreds of kilometres, no perpendicular motion to the local
magnetic field is expected according to Antolin and Rouppe van der Voort
(2012). Finally, the cool condensed plasma blobs appear as thin and elongated
structures morphologically at the projected view of figure 3.12 towards the end
of the simulation, as observed in several cases (Antolin et al., 2010; Antolin and
Verwichte, 2011; Antolin et al., 2012b).



Chapter 4

Solar Wind modeling: MHD
And Kinetic Treatments with
Kappa Distributions for the
Electrons

“Science knows no country, because knowledge belongs to humanity,
and is the torch which illuminates the world. Science is the highest
personification of the nation because that nation will remain the first
which carries the furthest the works of thought and intelligence.”
Louis Pasteur

The Euhforia code, that is used for this study, was developed by J.
Pomoell (Pomoell and Poedts, 2016). The kinetic model and the code developed
for this study were developed by different scientists (Lemaire and Scherer, 1971;
Pierrard and Lemaire, 1996; Maksimovic et al., 1997a; Lamy et al., 2003), and
the last version of the code developed by Lamy et al. (2003) and parallelized by
the current author is used in this study. The coupling of the two approaches,
the simulations, the analysis, the visualizations and the manuscript text is work
of the current author.
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4.1 Introduction

In the solar corona (that is a low β region) the conductivity is high and the
magnetic field dominates the dynamics. The coronal temperature reaches values
of about 1-2 MK, by mechanisms that are not fully resolved yet (Cranmer, 2008;
McComas et al., 2007), but they relate to the magnetic field in the corona, as
it is the only source with adequate energy density (Owens and Forsyth, 2013).
The solar wind expansion is caused by the high coronal temperatures and it
becomes super-Alfvénic at distance of about 10-20 R�. The coronal magnetic
field is carried outwards by the solar wind and this is how the interplanetary
magnetic field is formed. Thus, the coronal magnetic field drives the solar wind,
which then governs the dynamics of the IMF. During solar minimum activity
the coronal magnetic field is close to dipolar and then a steady-state is achieved
for the solar wind. During such conditions the fast solar wind blows from high
latitude regions of open topology, while the slow solar wind initiates from the
streamer belt of the magnetic equator. A large scale boundary that separates
opposite magnetic field polarity between the two hemispheres extends to large
radial distances and is known as heliospheric current sheet (HCS).

4.1.1 MHD heliospheric modeling

Wang and Sheeley (1990) presented an empirical relation where the expansion
of the magnetic flux-tube and the solar wind speed evolve inversely to each
other and they tested this assumption for over two decades of observations.
This then gave predictions of the solar wind speed that would reach the Earth
using current-free magnetic field extrapolation schemes. It was discussed that
the solar wind expansion at the Earth’s orbit corresponding to the center of
coronal holes was greater than the one coming from the edges, due to lower
densities inside the coronal holes.

Arge and Pizzo (2000) improved the Wang-Sheeley model by using input
magnetogram data from the Wilcox Solar Observatory (WSO) and relating the
magnetic flux tube expansion factor with the solar wind speed at the source
surface, while including effects of stream interactions from the source surface
to the Earth. Methods to improve the daily synoptic maps from WSO were
investigated. A statistical study with three years duration of the success of
the Wang-Sheeley model to reproduce WIND observations was presented that
resulted in predictions that were accurate to about 10 to 15 percent for the
speed and in 3/4 of the time for the IMF polarity.

In Odstrcil and Pizzo (1999) solar wind variations are examined in the corotating
frame with a three-dimensional MHD model with a CME injection scheme in the
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streamer belt. The model takes into account only magnetic field variations due
to CME interaction with the solar wind spirals as they meet during the CME’s
evolution. On one hand the CME’s trigger and movement are dependent on the
background solar wind density and velocity and on the other hand the vector
properties of the magnetic field spirals are also affected by the disturbance.

ENLIL (Odstrčil and Pizzo, 1999a,b; Odstrčil, 2003) is a heliospheric MHD
model that provides a three-dimensional description of the time-dependent solar
wind evolution, as it solves the MHD equations with a Flux-Corrected-Transport
(FCT) scheme. It covers a range of 60o degrees north and south of the solar
equator and a full 360o degrees in longitude, while its radial boundaries are
adjustable starting from after the sonic point (21.5-30 R�) and extending up to
several AU. It can use the Wang-Sheeley-Arge (WSA) model as its boundary
condition. ENLIL model can also account for CMEs and their evolution from
the lower boundary up to the chosen outer boundary. An example simulation
corresponding to September 2008 is demonstrated in figure 4.1.

The WSA model was used by McGregor et al. (2011) to study the solar wind at
low heliocentric distances including an empirical method to link the magnetic
field information with the velocity at 21.5R� (= 0.1 AU). The new method was
cross-validated using the 3D MHD code ENLIL and by comparing the results
with observations at 1AU and at further distances with the help of Ulysses. The
estimation of the solar wind speed at 21.5R� was indeed better than previous
models and it captured both the fast and slow solar wind.

Furthermore, the ENLIL model with cone shaped CME injection was explored
in more detail in a number of runs (≈20) for the CME event on 25th July 2004
by Falkenberg et al. (2010), varying all the model parameters, apart from the
radius, initial speed and position of the CME. The maximum values considered
for the elongation factor, the CME’s density and the speed of the solar wind
have the most important impact on the model’s results. The results of ENLIL
were found to be in good agreement with observations at 1AU in that case,
having a less than half an hour time lag between the observed arrival time and
the numerically estimated one.

Riley and Lionello (2011) investigated four different models for the evolution
of the solar wind from the Sun to the Earth’s orbit. The models vary from
a) ballistic approximation to b) ad hoc kinematic mapping, c) 1D upwinding
propagation and d) global MHD modeling of the heliosphere, ordered from
the simplest to the most sophisticated one. The upwinding scheme combines
simplicity with accuracy describing the dynamical processes involved.

A European counterpart of the ENLIL model is the project Euhforia (European
heliospheric forecasting information asset) that (from 0.1 AU onwards) is a fully
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Figure 4.1: Example of the ENLIL results corresponding to September 2008,
adopted by the CCMC website (http://ccmc.gsfc.nasa.gov/RoR_WWW/SH/
ENLIL/2016/Lan_Jian_031016_SH_1/Lan_Jian_031016_SH_1.html). On the
top row, a) left panel: the density on the ecliptic plane is demonstrated with a
colorplot and b) right panel: the density variations as measured at 1AU and by
the twin telescopes Stereo A and B. On the bottom row, a) left panel: same
as top left panel, b) middle panel latitudinal plot of the density of the 3D
simulation at the heliographic longitude of the Earth, c) 2D longitudinal and
latitudinal map of the density at 1AU and finally d) temporal density profile as
simulated (blue) and as measured (red).

http://ccmc.gsfc.nasa.gov/RoR_WWW/SH/ENLIL/2016/Lan_Jian_031016_SH_1/Lan_Jian_031016_SH_1.html
http://ccmc.gsfc.nasa.gov/RoR_WWW/SH/ENLIL/2016/Lan_Jian_031016_SH_1/Lan_Jian_031016_SH_1.html
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3D MHD code, the specifics of which are discussed in Pomoell and Poedts (2016).
Euhforia is using the relaxation step of the upwind method as it was explained
in Riley and Lionello (2011), which compromises simplicity and efficiency with
satisfying dynamical detail of the solar wind as used in global models.

4.1.2 Kinetic exospheric models

A rather different model approach for quantifying solar wind characteristics will
be exploited and compared and interfaced with the 3D Euhforia model. This
is a so-called exospheric kinetic model from Jockers (1970) and Lemaire and
Scherer (1971). Exospheric models are simplified collisionless, stationary models
in 1D, not taking waves into account, that are meant to use a low number of
assumptions to explain the acceleration of the solar wind in a self-consistent way.
They are able to capture the basic elements of transonic winds. The acceleration
of the solar wind is due to the electric field even without suprathermal electrons
(Maxwellian distribution), but the presence of suprathermal electrons increases
the terminal speed at 1AU. The exospheric models, even though oversimplified,
are suitable approximation of a weakly-collisional solar type wind. These models
are kinetic in nature and stress the importance of a selfconsistent calculation of
the radial electric field using the quasi-neutrality and zero-current property of a
proton-electron solar wind plasma, as highlighted in Jockers (1970). Jockers
(1970) and Lemaire and Scherer (1971) assumed Maxwellian VDFs for protons
and electrons, and obtained a supersonic wind at 1 AU with temperatures of 10
MK at the exobase. Nevertheless, it was difficult to reach higher bulk velocities
without unrealistic higher temperatures at the exobase, or by adding other
sources of solar wind acceleration. After this electric field is calculated, the
solar wind acceleration spontaneously follows giving the solution of the solar
wind from sub- to supersonic, without any extra energy terms assumed for both
collisional and collisionless cases. The model is essentially one dimensional and it
gives the solar wind evolution along a magnetic field line. The solar atmosphere
is considered to have a collision-dominated barosphere at low altitude (below
1.1-10R� according to Lamy et al., 2003) and a collisionless exosphere, which
is the region modeled kinetically. These regions are separated by a surface
called the exobase r0, where the collisions become negligible. This exobase
level is calculated where the dimensionless Knudsen number is equal to Kn = 1
where Kn = λ

H , with λ being the particle mean free path and H the local
density scale height. With the assumption of the same exobase temperatures
for both protons and electrons, their mean free paths due to Coulomb collisions
are only different by

√
2 so their exobase altitudes can be assumed to be the

same. The model has a minimal set of three unknown parameters, namely the
height of the exobase, the density and the temperature there. Constraints for
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obtaining the same mean free path for both proton and electron populations
were presented in Maksimovic et al. (1997a) relating the temperatures of the two
species at the border between the barosphere and the exosphere. The electric
field is calculated from the assumption that trapped, ballistic and escaping
electron populations are in thermal equilibrium demanding the cancellation of
charge and electric current. The model was in good agreement with empirically
deduced values of the electric field from observations of the coronal density
and there were indications that the energy balance didn’t require extra heating
mechanisms to capture the solar wind characteristics at 1AU under quiet Sun
conditions.

A Lorentzian (also called Kappa) velocity distribution function (VDF) is used
instead of the classic Maxwellian in search for better agreement with observations
in Pierrard and Lemaire (1996). Indeed, suprathermal electrons have been
observed in the velocity distribution functions measured in situ in the solar
wind. Pierrard and Lemaire (1996) have shown that the presence of such
suprathermal electrons accelerates the wind to higher bulk velocities, so that no
other source of energy needs to be considered to reach the values observed in the
high speed solar wind. The model can also be adapted for the Earth’s polar wind,
or for the magnetosphere of Saturn and Jupiter for instance (Pierrard, 2009). All
the kinetic moments with physical meaning were calculated as functions of the
κ-index of the Lorentzian VDF. Comparison between density and temperature
profiles as obtained with a Lorentzian and a Maxwellian VDF indicated that
the observed characteristics of the ion exospheres can be explained using the
Lorentzian VDF.

Maksimovic et al. (1997a) applied the kinetic model developed by Pierrard and
Lemaire (1996) using Kappa VDFs for both electron and proton populations
that escape from the Sun to describe the solar wind. Since the beginning, the
new kinetic model was able to successfully capture not only the slow but also
the fast solar wind together with their sources, in the cold coronal hole and
hot equatorial regions respectively, without unrealistic assumptions of too high
temperatures and extra heating in the corona, as required by fluid models.

While previous exospheric models were placing the exobase at a distance of
about 5-10 R�, from where on the proton total potential energy was a monotonic
function of the heliocentric distance, Lamy et al. (2003) calculated the exobase
to be positioned at about 1.1-5R�. Thus, the new exospheric model proposed
had a total proton potential which is first attractive and then repulsive, losing
monotonicity, due to domination of gravitational and electric forces respectively.
The new deeper location of the exobase, lowered under the radial location of
the maximum of the total potential of the protons, gives to the solar wind the
observed acceleration to high velocities. A low exobase leads indeed to higher
bulk velocities at 1 AU in case of suprathermal electrons.
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Collisionless theoretical models (exospheric) and collisional simulations were
presented in Zouganelis et al. (2005), with suprathermal tails in the velocity
distribution function of the electrons and a self-consistent heat flux, that
reproduce successfully fast solar wind speeds. Results of collisional kinetic
simulations with non-Maxwellian velocity distribution functions and collisionless
exospheric models are in good agreement.

A new extended kinetic exospheric model, that includes heavy ions and their
characteristics as a component of the solar wind, was presented in Pierrard
et al. (2004). Ion VDFs appear to have large temperatures in the corona and
at the limit from where on collisions can be ignored, it suffices to drive the
ion acceleration to high flow speeds. Each ion species has different velocities
that depend on their mass to charge ratio and on the temperature assumed
at the exobase. Large temperatures are obtained for heavy ions in the corona
by velocity filtration leading to coronal heating of suprathermal ions when
assumed to exist already at the top of the chromosphere (Pierrard and Lamy,
2003). Velocity filtration refers to the process during which the most energetic
particles get filtered by the potential well and they are the only ones that move
upwards. Thus, at larger heights there are less particles, but they are hotter.
The velocity filtration phenomenon takes place given that the distribution
has a suprathermal tail and under a monotonous confining potential, in the
collisionless case (Meyer-Vernet, 2007). In our model further on, we simply use a
single ion species (the protons) with a Maxwellian distribution, only considering
suprathermal electrons.

On the way to developing predictive tools and 3D solar wind models, a 2D
observationally driven kinetic exospheric solar wind model was developed
by Pierrard and Pieters (2014), presenting solar wind variations on the ecliptic
plane and how they compare to observations from close to Sun up to 1AU. For
the ecliptic variational study OMNI observations were used for the time period
26 September to 23 October 2008. An exobase at 1.1R� was assumed and
corresponding particle temperatures of Te = 1MK and Tp = 2MK, respectively,
to examine the latitudinal dependance of the exospheric model in the range
[−45o, 45o]. The κ parameter was chosen as κ = 2.35 and κ = 3.82 for fast and
slow wind respectively, to match bulk speed observations at the orbit of the
Earth.

In this chapter, we present a three dimensional generalization of this exospheric
model, i.e. we find the solar wind characteristics along a collection of magnetic
field lines each passing through a point on the spherical shell at the exobase
level in latitude and longitude (θ, φ).
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4.2 MHD to kinetic modeling

4.2.1 MHD versus kinetic: model-specific advantages and
disadvantages

We are interested in exploring the complementarity of the MHD and kinetic
approaches in a combined effort. We will compare both approaches in two
ways a) a manner where the kinetic model is interfaced with the MHD inner
boundary at 0.1AU and b) a manner where the kinetic model is used as a
standard tool to reverse-engineer the bottom solar wind and inner heliosphere
conditions for comparisons with observations at 1AU and beyond, at the orbit of
Ulysses. Thus, there are three different parts in this work, namely a) the forward
modeling: as an effort to use observationally-driven MHD modeling (Euhforia)
to constrain the exospheric kinetic model as described above b) the backward
modeling: using observations of OMNI at 1AU and Ulysses at r >1AU of the
solar wind characteristics to connect through the kinetic model (κ-index) and
get information about the conditions at the exobase and finally c) our ultimate
goal: is to seek for a direct correlation that will lead to a semi-empirical relation
between κ-indexes and the magnetic field at low altitudes, that will possibly
serve as a new tool for predictions.

The semi-analytic kinetic models have the advantage of being easy to compute
as they are computationally economic (20 times faster than the MHD model,
i.e. about half an hour on 400 processors), energetically self-consistent with
acceleration and heating fluxes. This makes it especially useful for space weather
predictions. They start from the low solar atmosphere from the exobase altitude.
The kinetic model1 (Lemaire and Scherer, 1971; Pierrard and Lemaire, 1996;
Maksimovic et al., 1997a; Lamy et al., 2003) gives different temperatures for
electrons and protons as indeed observed (Lemaire and Pierrard, 2001) and can
include different characteristics of any other ion species. On the down side, the
model is not 3D, and is not time dependent as other operational MHD based
models currently developed. There is also no CME inclusion for the moment,
so it rather represents quiet solar wind conditions.

Furthermore, explaining in more detail our focus on exospheric kinetic models,
we have to note the following. In contrast to Parker-type hydrodynamic models
of the solar wind, with similar boundary conditions in the corona, the kinetic
model is able to predict the high speed solar wind without unreasonably large
coronal temperatures and without additional heating of the outer region of the

1A 1D version of the kinetic exospheric model developed by the group in IASB-BIRA and
collaborators can be found in CCMC (http://ccmc.gsfc.nasa.gov/models/exo.php) and it
can run online for user-defined setups.

http://ccmc.gsfc.nasa.gov/models/exo.php
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corona. Sources of the fast solar wind are considered to be the coronal holes
and in these regions the electron VDFs correspond to a Lorentzian function
with a small κ-value and thus have a large suprathermal tail (Maksimovic et al.,
1997a). The low speed solar wind usually comes from warmer equatorial regions,
with large κ-values. When κ→∞ the VDF tends to a Maxwellian.

4.2.2 MHD modeling: Euhforia project

Euhforia project outline

For the 3D MHD model, we will use Euhforia (Pomoell and Poedts, 2016).
Euhforia is a fully 3D (beyond 0.1AU) observationally driven model that
is already tested for several cases and can be used operationally for space
weather studies. There is also CME inclusion and stream interactions are
taken into account self-consistently. Furthermore, the rotation of the Sun is
taken into account and the magnetic field topology can be as complicated as the
observations demand and it is calculated at every point of the computational grid.
The disadvantages of Euhforia come down to the following: it is computationally
expensive (about 10 hours on 400 processors), as an MHD based model it has to
go through the critical point, requires assumptions for extra heating deposition in
the corona to accelerate the solar wind and it can only resolve the macrophysics
of the solar wind.

Euhforia is a MHD-based project that is aiming at providing an accurate
description of the time-dependent solar wind including violent events, such
as CMEs. The initial magnetic field is reconstructed using a potential field
source surface (PFSS) scheme and an observational input of a photospheric
magnetogram. Semi-empirical models, inspired by the success of the WSA
(Wang-Sheeley-Arge) model (Wang and Sheeley, 1990; Arge and Pizzo, 2000)
solar wind speed quantifications, are recruited to provide the solution at a
distance of about 21.5 R� and avoid the inclusion of the sonic point in the
computational domain. Thus, the acceleration mechanism of the solar wind is
omitted in this context contrary to the kinetic model. The MHD model is able
to provide density and speed profiles at the Earth’s orbit, it allows for slow and
fast solar wind source region tracing, and can serve as the MHD counterpart in
a comparison project together with kinetic exospheric models that correspond
to similar initial and boundary conditions at 0.1 AU. This will be our first goal
in this chapter, and how the two approaches are coupled is described next.
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Boundary Conditions

Starting with observationally driven input, i.e. the magnetic field at the
photosphere as observed by GONG, a potential field source surface extrapolation
(PFSS, see chapter 2) is used to provide the radial component of the magnetic
field (Br) from the photosphere up to 2.5R�, corresponding to the source
surface, with the second and third components of the magnetic field in spherical
coordinates taken Bθ = Bφ = 0, i.e. purely radial field at the source surface.
Currently Euhforia supports either GONG standard synoptic maps or GONG
Janus2 synoptic maps, or ADAPT3 (Air Force Data Assimilative Photospheric
Flux Transport) maps as input files. The magnetogram is chosen from the
standard synoptic data product, which are available (with one hour cadence, at
http://gong.nso.edu/data/magmap/QR/bqs/). We run a separate simulation
for each date of choice, e.g. corresponding to the date 10/8/2007, we start from
a magnetogram with an equatorial coronal hole somewhere near the central
meridian to about 60o degrees west. Then, to transmit this information up to
0.1AU, from where on the solar wind is assumed to be supersonic, we make use
of a semi-empirical WSA coronal model. The plasma characteristics at 0.1AU
are then used as input to an MHD model which computes the time dependent
evolution of the solar wind MHD macroscopic variables up to the Earth’s orbit.

The MHD quantities that are calculated by the empirical WSA coronal model
need to undergo some adjustments before they are input in the heliospheric
model. The inner boundary in the radial direction of the heliospheric code
is taken by default as superfast, faster than the magnetosonic speed and for
every MHD quantity boundary conditions need to be specified. For that reason,
we need some extra assumptions to fully describe all the MHD variables that
are not taken into account by the empirical model for the corona, i.e. density,
temperature, and the two angular components of the velocity. Acceleration is
still taking place in the heliospheric model as the solar wind evolves outwards
(due to a lowered polytropic index, typically γ = 1.5). A method to translate the
empirical model’s output to MHD inner boundary conditions must be developed.

We follow a process similar to the one highlighted in Odstrcil and Pizzo (1999);
Falkenberg et al. (2010); McGregor et al. (2011). As boundary conditions, the φ

2The difference between hourly classic synoptic magnetograms and Janus magnetograms
is that for the latter, instead of calculating the weighted average using all the 10min averaged
magnetograms consisting the entire longitudinal range of the Sun, only the magnetic fields in
the hidden part of the Sun are calculated on this classic way, whereas a segment averaged
during the last hour corresponding to 60 degrees west and 60 degrees east from the central
meridian is giving the magnetic field information for the solar side that faces the Earth.
Janus synoptic magnetograms are particularly useful for capturing fast evolving features
(http://gong.nso.edu/data/magmap/).

3The ADAPT model produces global solar photospheric magnetic field maps, using flux
transport that takes into account surface flows in the solar photosphere.

http://gong.nso.edu/data/magmap/QR/bqs/
http://gong.nso.edu/data/magmap/
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direction with φ ∈ [0, 2π) is periodic for all the quantities, while reflective4 walls
are assumed for the second direction θ of all the quantities. The range of values
for θ is the conical section θ ∈ [−60o, 60o], same as defined in ENLIL (McGregor
et al., 2011). For the radial direction, from the photosphere to 2AU ([1, 430]R�),
we have three different regions a) photosphere to source surface altitude
[1, 2.5]R�, b) source surface to inner MHD boundary [2.5, 21.5]R� and c) inner
to outer MHD boundary [21.5R�, 2AU ] . More specifically, while at the outer
boundary rMHD

out = 2AU we set conditions for continuous outflow, the conditions
at inner radial boundary rMHD

in = 21.5R� are estimated as follows. The
magnetic field ~B is calculated from the PFSS (Potential Field Source Surface)
extrapolation model (up to 2.5R�) plus a SCS (’Schatten’ Current Sheet) model
from 2.5R� to 21.5R�, i.e. currents are introduced in regions with opposite fields
and don’t permit for closed topology beyond the source surface, as discussed
in Schatten et al. (1969); Schatten (1972). Since the Sun rotates we have from
the frozen-in condition that Bφ = −(Br/vr)Ωr sin θ (Owens and Forsyth, 2013).
The first component (radial) of the velocity is calculated by the coronal model
and is restricted to an interval of vr ∈ [vmin, vmax] = [275, 625]km s−1 for given
values of the minimum and maximum speeds considered. The empirical model
WSA gives the radial velocity vr as a function of fs the magnetic flux tube
expansion factor, so that vr(r = 21.5R�) ≈ V (fs(θ, φ)), and is ensured to take
on values past the critical point, up to where most of the solar wind acceleration
has already taken place. The WSA model, as described in Wang and Sheeley
(1990); Arge and Pizzo (2000), gives the velocity at 21.5R� making use of the
empirical relation

V (fs, θb) = 265 + 1.5(
1 + fs

)1/3
{

5.8− 1.6e

(
1−
(
θb
7.5

)3
)}3.5

km s−1 (4.1)

where θb: minimum angular distance that an open field footpoint lies from
the nearest coronal hole boundary (i.e. angular depth inside a coronal hole).
However, Euhforia only takes into account the variation in the velocity as a
function of the expansion factor. Inspired by the semi-empirical relations in Arge
and Pizzo (2000); van der Holst et al. (2010), Euhforia uses the equation:

V (fs) = 240.0 + 675.0(1 + fs)−0.22km s−1 (4.2)

where fs is given by

fs =
(

R�
r

)2
Br(R�, θ0, φ0)
Br(r, θ, φ) (4.3)

4By the term reflective wall we mean that, all the MHD quantities w follow the condition
∂w
∂n

= n̂ · ∇w = 0, where n̂ is the unity vector vertical to the "reflective wall".
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and it quantifies the expansion factor of the flux tube from the photospheric
footpoint (R�, θ0, φ0) of the specific field line to its position further outwards
(r, θ, φ) at a heliocentric distance r (Wang et al., 1997). As explained in Wang
et al. (1997), the expansion factor takes values greater or equal to unity for
flux divergence more rapid than or equal to r2, respectively. In order to take
into account that there is acceleration taking place beyond 0.1AU in the MHD
model due to the reduced polytropic index (γ < 5/3), we subtract a constant
v0 ≈ 50km s−1 from the velocity obtained by the WSA model and the result,
vr(r = 21.5R�) = V (fs(θ, φ)) − v0, is the actual velocity at the inner MHD
boundary. The parameter θb in equation (4.1) is very sensitive with a strong
impact on the speed calculation, as it appears in the exponential. This relation
is a semi-empirical result of statistical studies in the solar wind and needs to
be modified and tuned for the characteristics of each instrument. Thus, in
this study the parameter θb is omitted, as shown in equation (4.2) in order to
have a general and instrument independent semi-empirical relation. Currently
Euhforia does not perform any checks on the validity of the assumption that
the plasma speed is already super-Alfvénic at 0.1AU, but we perform here the
calculation of the Alfvén speed and the speed of sound and we compare them to
the local plasma speed at the inner boundary, see figure 4.2. We show in figure
4.2, that the superfast assumption of Euhforia stands for the case corresponding
to the 10th of August 2007. For the azimuthal velocity component Euhforia
assumes vθ = 0 at the inner boundary, while the meridional velocity incorporates
the solar rotations vφ = −Ωr sin θ (Owens and Forsyth, 2013). We could use
another semi-empirical relation for the determination of the density on the
inner boundary similar to the one used for the velocity eq. (4.1) with different
coefficients, but instead conservation laws are employed. Assuming the radial
kinetic energy density is constant at the lower boundary, we have: ρv2

r = const
(Odstrcil and Pizzo, 1999; McGregor et al., 2011) from which we can extract the
mass density ρ(21.5R�, θ, φ), since the radial speed is known, using fast solar
wind parameters and the formula ρ = ρfw(ufw/u)2 ⇒ n = nfw(ufw/u)2, with
nfw = 300cm−3. By keeping the thermal pressure p(21.5R�, θ, φ) constant at
the inner boundary: p = nkBT = const, with pfw = 3.3nPa, we extract the
temperature T (21.5R�, θ, φ) there, using a parametrization corresponding to
the fast solar wind T = Tfw(nfw/n). All the MHD quantities are defined as
described above and summarized in Table 4.1.

MHD equations, methods and schemes for Euhforia

Euhforia uses a finite volume discretization scheme to solve the hyperbolic
conservative MHD equations. Ideal MHD is used taking into account gravity as
a source term in the equations of momentum and energy. It solves the following
set of equations
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Figure 4.2: Radial velocity, Alfvén and sound speed, from top to bottom panels,
as quantified at the inner MHD boundary at 0.1AU. We conclude that the solar
wind speed is indeed superfast, i.e. faster than both sound and Alfvén speeds
already at the distance of 21.5R�.
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Figure 4.3: Sketch of the radial boundary conditions used for this study. Below
the inner MHD boundary, we apply a PFSS extrapolation and assume a Schatten
current sheet to determine the boundary conditions at 21.5R� for the date
10/08/2007. The sketch is not to scale. The PFSS extrapolation and a slice
of the MHD run on the equatorial plane shown in this sketch were performed
by the author with MPI-AMRVAC and Euhforia respectively for the 10th of
August 2007, while the current sheet sketch was adopted from Alfvén (1977).
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MHD quantity initial condition
ρ ρv2

r = const at 21.5R�
T p = nkBT = const at 21.5R�
vr WSA model: V (fs) = f(Br, B�)
vθ 0 up to 21.5R�
vφ solar rotation vφ = −Ωr sin θ at 21.5R�
Br PFSS≤ 2.5R� and SCS model 2.5R� ≤ r ≤ 21.5R�
Bθ 0 up to 21.5R�
Bφ frozen-in Bφ = −(Br/vr)Ωr sin θ at 21.5R�

Table 4.1: Input quantities of Euhforia for the coronal and heliospheric parts of
the model.

∂ρ

∂t
+∇ · (ρ~v) = 0, (4.4)

∂(ρ~v)
∂t

+∇ ·
[
ρ~v~v +

(
p+ B2

2µ0

)
I − 1

µ0
~B ~B

]
= ρ~g, (4.5)

∂E
∂t

+∇ ·
[(
E + p− B2

2µ0

)
~v + 1

µ0
~B ×

(
~v × ~B

)]
= ρ~v · ~g, (4.6)

∂ ~B

∂t
−∇×

(
~v × ~B

)
= 0, (4.7)

∇ · ~B = 0, (4.8)

E = p

γ − 1 + ρv2

2 + B2

2µ0
, γ = 1.5 (4.9)

where ρ: the mass density, ~v: the velocity vector, ~g: the gravitational
acceleration in the gravitational field of the Sun, ~B: the magnetic field vector,
p: the pressure, γ: polytropic index, E : the total energy density, µ0: magnetic
permeability and I: the unit tensor. Note that we are working in the inertial
frame, so no Coriolis nor centrifugal forces need to be added in equation
(4.5). In this case, as explained in chapter 1, in order to have a finite energy
injected in the system in the form of heat we need a polytropic index that
is 1 < γ < 5/3 (Pomoell and Vainio, 2012) under the ideal MHD regime. In
general, most models use either a non-adiabatic polytropic index, or explicit
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source terms in the momentum and energy equation to drive the solar wind
and heat the corona. Nevertheless, there are modeling efforts with employment
of self-consistent models that attempt to capture and explain the physical
mechanisms resulting in the observed coronal heating, (see e.g. Cranmer, 2012,
and references therein).

To solve the MHD equations the following numerical methods and schemes
are combined. As divergence cleaning technique ∇ · ~B Powell (1994) is used,
which means that numerical monopole errors are added as source terms to the
equations (4.5), (4.6), (4.7). The grid is uniform in spherical coordinates, but
there is no need to use the same resolution in θ and φ - directions. Still, this is
normally chosen to be the same following the (1 × 1) - degrees resolution of
GONG. Here we are using (2 × 2) - degrees resolution due to high computational
cost of each simulation, e.g. for a resolution of 800× 60× 180 we need 5 hours
on 768 processors for an outer boundary at 2 AU. In figure 4.4, we show an
example for the plasma number density and we conclude that the low resolution
simulation converges to the high resolution case. Even though the high resolution
case shows more detailed structures, for the purposes of this study a coarser
grid of 2o will suffice. The analysis is done in the inertial frame, and the
rotation of the plasma is included through the meridional component of the
velocity vφ, as described above. We use a second order TVD (Total Variation
Diminishing) (Harten et al., 1986) reconstruction with a flux limiter of minmod
type, an HLL (Harten-Lax-van Leer) (Harten et al., 1983) type approximate
Riemann-solver and first order forward Euler time stepping. In this study we
are only interested in the steady state that the initial conditions relax at, so
there is no need to make use of an accurate time stepping method, thus the
simplest time stepping scheme, i.e. first order forward Euler time stepping, is
sufficient.

4.2.3 Kinetic exospheric model

For the kinetic component of our 3D model, we are using an exospheric model,
which is a simplified way to simulate low density plasmas where the importance
of collisions is limited. We are taking into account only two particle species,
namely electrons and protons and thus two different exobase levels are defined.
The mean free path for a single charged particle, i.e. proton or electron, is
discussed in Meyer-Vernet (2007) and is quantified by

lf ' [n× (4π/3)r2
L ln (1/Γ)]−1, (4.10)
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Figure 4.4: Simulation with different resolutions for a magnetogram
corresponding to July-August 2007. We demonstrate with color the number
density at 1AU for the a) low (2 × 2) - degrees and b) high (1 × 1) - degrees
resolution simulations.

where

rL ≡
e2

4πε0kBT
, Γ ≡ n1/3e2

4πε0kBT
(4.11)

is the Landau radius and the ratio of the average energy of an interaction to
kBT , respectively. The equation (4.10) becomes approximately in SI, (i.e. T in
K, n in m−3 and lf in m)

lf '
109

ln (1/Γ) ×
T 2

n
. (4.12)

For space plasmas the parameter ln (1/Γ) lies in a range of about 10-20 and
for the solar wind at the Earth’s orbit we have a number density of about
n ∼ 5× 106m−3 and T ∼ 105K, thus giving a mean free path of the order of
1AU (Meyer-Vernet, 2007). The proton exobase is located where the Coulomb
mean free path for the protons lf,p according to Spitzer (1962) as estimated for
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coronal values by Maksimovic et al. (1997a) is equal to the local density scale
height H, lf,p ≡ H, where

lf,p ≈ 7.2× 107T
2
p

ne
, H =

(
−d lnne

dr

)−1
, (4.13)

where all the quantities are in SI. The lf,p is given by equation (4.12) if we
substitute the proton temperature Tp and density np in the solar corona and
taking into account quasi-neutrality np = ne for an electron-proton plasma.
The proton mean free path is shown in figure 4.5 as a function of the proton
temperature and the electron number density. For the electrons, a similar
electron exobase height can be estimated from the formula of the Coulomb
mean free path in a plasma consisting only of electrons and protons:

lf,e = 0.416
(
Te
Tp

)2
lf,p, (4.14)

as calculated in Maksimovic et al. (1997a) for a hydrogen plasma, using
equation (4.12) and assuming that the electrons have the mean thermal velocity
(8kBTe/meπ)1/2, with lf,e, lf,p in meters and Te, Tp in Kelvins.

By assuming only electron and proton populations, we achieve quasi-neutrality
as explained in chapter 1 if we set np = ne = n. If we assume hydrostatic
equilibrium in a stratified atmosphere with isothermal plane parallel layers, we
get:

1
ρ

dp

dz
= −g (4.15)

and since we have
p = ρ

m
kBT , (4.16)

we finally reach
1
p

dp

dz
= d ln p

dz
= − gm

kBT
, (4.17)

the solution of which reads

p = p0e
−z/H , H = kBT

gm
. (4.18)

m here is the mean molecular mass, thus for a plasma with electrons and
protons, m = mp/2. This estimation of the scale height is valid for hydrostatic
equilibrium conditions, which is not the case for the solar wind, since expansion
is taking place and rather hydrodynamic conditions apply, but it gives a good
approximation of the order of magnitude of the scale height.
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Figure 4.5: The Coulomb mean free path lf,p in solar radii as a function of
proton temperature and electron density. This figure quantifies the variations
in equation (4.13).

For insight we illustrate the radial profiles of the electron number density, the
temperature and the mean free path normalized to the local scale height in
figure 4.6. We conclude that the Knudsen number is of the order of unity at
about (1− 10)R� as was estimated in Lamy et al. (2003).

Since for a case with the same proton and electron temperatures, lf,e < lf,p
the electron collisions are more important for higher altitudes and thus the
proton exobase is found at lower altitudes (Maksimovic et al., 1997a). In this
study, we make the assumption that both populations have the same exobase
altitude, and we choose it to correspond with the source surface location
r0,p = r0,e = r0 = 2.5R� to obtain radial magnetic fields above this level. The
comparison between λ and H shows anyway that the collisions become already
negligible at very low radial distances in the solar corona (1.1-5R� for coronal
holes according to Lamy et al., 2003). Scudder and Karimabadi (2013) have
even shown that suprathermal particles are already collisionless for Kn > 0.01,
due to the velocity dependence of the free path5 of the particles. This shows
that it is not especially important that the exobase is chosen to correspond

5According to eq. (10) in Scudder and Karimabadi (2013), the free path of an electron
with speed v is l(v) = 4

√
2

15 lf
v4

Φ(v) ⇒ l(v) ∝ v4, with 1 ≤ Φ(v) ≤ 1.5 and Φ(v) ∝ v3

ωe
, where
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Figure 4.6: Illustration of the radial profiles of the electron number density, the
temperature and the mean free path normalized to the local scale height, as a
function of distance from the solar surface, in the fast wind. The dashed part
of the curves corresponds to the region without available observations. This
figure is adopted from Meyer-Vernet (2007).

exactly to the level where Kn = 1, but it will appear where the density gradient
is very sharp and thus where the plasma becomes collisionless.

In general, solar wind models give higher bulk speeds for higher coronal base
temperatures, but this is in contradiction with what is observed, since the
fast solar wind originates from the coronal holes that are mostly located at
high latitudes during solar minimum and have lower temperatures than their
surroundings. In the exospheric model (like in hydrodynamic models), this
paradox can be easily overpassed by inclusion of a lower density in the coronal
holes, which is indeed the case according to the observations, and thus getting an
exobase closer to the solar surface, that allows for larger bulk speeds (Pierrard
and Pieters, 2014). Some indicative values for the different source regions on
the Sun, namely the coronal hole and equatorial regions, are calculated using
typical values as estimated by Hundhausen (1968); Withbroe (1988). Figure 4.5
illustrates the Coulomb mean free path lf,p as a function of temperature and
number density to show the possible positions of the exobase. To give more
insight, we mention here that the exobase for equatorial regions is estimated to
be at about (5− 10)R�, whereas for coronal holes the exobase is estimated to
be positioned at about (1.1− 5)R�, according to Lamy et al. (2003).

ωe is the electron Coulomb collision frequency and lf the mean free path of a Maxwellian
distribution, i.e. the free path averaged over a Maxwellian distribution.
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Velocity distribution functions

The Fokker-Planck equation describes the evolution of the velocity distribution
function when Coulomb collisions are taken into account:

∂f

∂t
+ ~v · ∂f

∂~r
+ ~a · ∂f

∂~v
=
(
df

dt

)
c

, (4.19)

where ~a = ~g + Ze~E
m + Ze

m (~v × ~B) is the acceleration with three terms for the
gravitational acceleration, the electric field term and the Lorentz force (Pierrard
et al., 1999; Pierrard, 2012b) and

(
df
dt

)
c
represents the effects of the Coulomb

collisions. Wave-particle interactions need also to be taken into account as has
been done for example in Pierrard et al. (2011) and Voitenko and Pierrard
(2015). When collisions are ignored, the Fokker-Planck equation reduces to the
Vlasov equation:

∂f

∂t
+ ~v · ∂f

∂~r
+ ~a · ∂f

∂~v
= 0. (4.20)

Kinetic models based on this equation have been developed and are discussed
in Maksimovic et al. (1997a) for radial magnetic field lines and in Pierrard et al.
(2001a) taking into account the spiral interplanetary magnetic field topology.
It was shown in Maksimovic et al. (1997a) that the specific moments in the
solar wind, namely densities and temperatures, as well as the electrostatic
potential characteristics from the corona to the interplanetary space are already
well described, agreeing with observations at 1AU, when the collision term
is neglected, since the collisions mainly modify the temperature anisotropies.
The large bulk speeds originating from cool and less dense coronal regions
were captured together with the slow speed wind emitted by denser and
hotter equatorial sources. The profile of the electric potential was determined
self-consistently, without the need to introduce extra heating terms and
unrealistically high temperatures in the corona. In Pierrard et al. (2001a)
the inclusion of the spiral geometry introduced changes only in the proton
and electron temperatures, while the bulk speed, electric potential in the
interplanetary space and the solar wind density were not affected.

The exospheric theory developed by Lemaire and Scherer (1971) considers the
Vlasov equations assuming

(
df
dt

)
c

= 0. Our kinetic exospheric model works by
constructing stationary solution to the Vlasov equation, starting from an exact
stationary solution for protons and electrons prescribed at the exobase.

As mentioned above, the Maxwellians are not the only solutions of the Vlasov
equation. Other solutions exist and depend on the VDF assumed at the exobase
r0. The generalised Lorentzian or Kappa function is also a solution of the
Vlasov equation and can be used as a boundary condition to study the effect of
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suprathermal particles on the kinetic moments. We are especially interested in
this VDF due to the following two reasons: (a) it is observed in space plasmas
and fits well with suprathermal electron tails and (b) it has the convenient
property that if the VDF at the exobase is a kappa function, then the VDF
at any radial distance is given by the solution of the Vlasov equation which
conserves energy and magnetic moment. The κ-index remains the same in the
model at other radial distances, but this doesn’t mean that the tails are not
modified with the distance, as the temperature and the density are functions of
the radial distance.

As it has been described in chapter 1, observations suggest that the velocity
distribution functions of the electrons have strong suprathermal tails. We
therefore assume a Lorentzian VDF for the electrons and a Maxwellian VDF
for the protons at the exobase:

fpMaxwell(r0, v) = np(r0)
(

mp
2πkBTp(r0)

)3/2
exp

(
− mpv

2
p

2kBTp(r0)

)
, (4.21)

fekappa(r0, v) = ne(r0)
2πκ3/2

(
me

2kBTe(r0)

)3/2
A(κ)

(
1 + mev

2
e

2kBTe(r0)κ

)−(κ+1)
, (4.22)

where
A(κ) = Γ(κ+ 1)

Γ(κ− 1/2)Γ(3/2) . (4.23)

It’s worth noting that the moments of the Lorentzian VDF are not defined for
every κ value, but rather every i-th moment is defined for κ > (i+1)/2 (Pierrard
and Lemaire, 1996). In figure 1.8, we have illustrated the differences between
Lorentzian VDFs for different κ-indexes and the Maxwellian VDF. In figure 4.7,
we show the differences in the kinetic moment profiles for the extreme cases
of a Maxwellian (κ→∞) and a Lorentzian VDF with κ = 2 for the electrons.
(WHAT about protons? Maxwellians?). We conclude that the number density of
the Lorentzian VDF with κ = 2 is by a factor 4 smaller than the Maxwellian at
high radial distances. Whereas, the electric potential is substantially higher for
the κ VDF than for the Maxwellian, which is causing a big difference between
the bulk speeds obtained at large distance, essentially accelerating the solar wind
in the observed large fast wind values for the low κ case. Last, the temperature
that corresponds to the Maxwellian is larger than the temperature of the κ VDF.
The position of the exobase in figure 4.7 is taken at 6R� and it should not affect
the conclusions we just reached. A more detailed explanation on the effect of
the exobase position will follow. Suprathermal protons have almost no influence
on the solar wind velocity, so a Maxwellian VDF can suffice (Maksimovic et al.,
1997a).



MHD TO KINETIC MODELING 109

Figure 4.7: Comparison between the kinetic moments a) number density, b)
electrostatic potential, c) bulk speed and d) electron temperature corresponding
to a Lorentzian VDF with κ = 2 (red curve) and a Maxwellian VDF (blue
curve). The coronal density is taken as 3 × 1010m−3 and the temperature is
taken as 1MK at the exobase r0 = 6R�. This plot is adopted from Pierrard
(2012a).
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It is derived from Liouville’s theorem (Goldstein et al., 2002), that any function
that depends on the motion constants of a collection of particles, satisfies the
Vlasov equation. The relevant constants of motion in this study are the total
energy and the magnetic moment. More specifically, the first adiabatic invariant,
i.e. the magnetic moment (valid for: gyroradius << lB, with lB the relevant
variation scale of the magnetic field) gives

µ = mv2sin2ψ

2B = const, (4.24)

where ψ is the angle between the magnetic field ~B and the velocity vector ~v, so
that v⊥ = v sinψ is the vertical to the local magnetic field velocity component.
This involves the knowledge of the local magnetic field value, which is adopted
to be purely radial. While, the conservation of the total energy (in absence of
collisions) is given by:

E = mv2

2 +mφg(r) + ZeV (r) = const⇒ v = h(V (r)), (4.25)

where φg(r) = −M�G/r is the gravitational potential (~g = −∇φg(r)) with
M� the solar mass, G the gravitational constant and from where we conclude
that the velocity distribution functions are functions of the electric potential
V(r). Knowing the velocity distribution functions for our particle species at the
exobase, the velocity distribution as a function of the radial distance can be
deduced from energy conservation (Pierrard and Lemaire, 1996) and this works
out as follows:

fpMaxwell(r, v) = np(r0)
(

mp
2πkBTp(r0)

)3/2
exp

(
− mpv

2
p

2kBTp(r0)

)
(4.26)

· exp
(
−mpφg(r)+ZpeV (r)−mpφg(r0)−ZpeV (r0)

kBT

)
fekappa(r, v) = ne(r0)

2πκ3/2

(
me

2kBTe(r0)

)3/2
A(κ) (4.27)

·
(

1 + me(v2
e+meφg(r)+ZeeV (r)−meφg(r0)−ZeeV (r0))

2kBTe(r0)κ

)−(κ+1)
,

which reduce to the previous equations (4.21) and (4.22) at the exobase. This
gives the electron and proton VDFs as a function of radius and speed magnitude
along a purely radial magnetic field line.

In the present work, the velocity distribution functions at the exobase are taken
as Maxwellian and kappa for protons and electrons respectively. Like in previous
exospheric models, it is assumed that there are no particles coming from the



MHD TO KINETIC MODELING 111

interplanetary space to the Sun, thus no particles with a negative velocity larger
than the escape velocity. The anisotropy of the distribution leads to the solar
wind flux. The density, temperature and κ-index are determined at the exobase
by either numerical MHD models or observations. The model provides then
the velocity distribution function at any other distance as well as the rest of
the kinetic moments. We use the code and the analytical expressions for the
Maxwellian and the κ distributions by Pierrard and Lemaire (1996). Provided
the number density, the electron and proton temperatures and the κ index for
the electron VDF, the quasi-neutrality and zero current conditions are solved
iteratively at a fixed radial distance rm using a Newton-Raphson scheme. The
value of rm is iteratively modified using a dichotomy method until the electric
field is found to be continuous within a predefined tolerance (Lamy et al., 2003).
Once the electric potential is known everywhere, we can quantify the moments
as integrals of the velocity distribution functions of each species. We obtain
moments up to third order (i.e. heat fluxes) as we are only interested in the
ones that have physical meaning. As results we get all the kinetic moments at
the computational grid with a user defined resolution.

The moments are integrals over the velocity space and they provide the
macroscopic quantities through the general set of equations (1.19)-(1.24), as
discussed in chapter 1, that are valid for every VDF. The analytic expressions
for the kinetic moments of the exospheric models were derived for a Maxwellian
VDF by Lemaire and Scherer (1971) and for a Lorentzian VDF by Pierrard and
Lemaire (1996). As explained above the exospheric model discussed and used in
this chapter has only radial velocities along open radial magnetic field lines. The
way the kinetic model relates to the MHD counterpart in this study, i.e. Euhforia,
is that vθ is taken for both models as vθ = 0. Euhforia solves the 3D MHD
equations taking stream interactions into account and calculating a vφ(θ, φ) for
each point (θ, φ) on a spherical surface at heliocentric distance r, whereas for
the kinetic model we impose that the vφ is the same for every point on the same
spherical surface. The kinetic model proceeds without accounting for stream
interactions and keeping the same topology of fast and slow solar wind sources
at every radial distance as at the exobase. As was argued in Pierrard et al.
(2001a), the spiral topology of the magnetic field only differs from the radial
one in the estimated proton and electron temperatures and their anisotropies.
More specifically, the spiral structure predicts higher electron temperatures Te
and lower proton temperatures Tp than the radial case, but the number density,
the electric potential and the bulk speed remain almost unaffected up to 300R�.
Thus we can use the radial magnetic field topology and get results only differing
in temperature from a spiral magnetic field case, just rotating by vφ each entire
spherical shell to account for solar rotation effects.

A key point to consider is the determination of the electric potential V (r),
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as the electron and proton velocity distribution functions are functions of the
electric potential V (r) and subsequently all the moments of the VDF in the
solar wind also depend on V (r). The electric potential V (r) has three unknown
parameters that need to be determined numerically. Namely V0, Vm and rm,
where V0 is the value of the electric potential at the exobase, Vm is its value at
rm, and rm is the altitude of the maximum of the proton potential (Lamy et al.,
2003). The abovementioned unknowns are calculated by solving the set of the
two non-linear equations, namely (a) the electrical quasi-neutrality equation
and (b) the zero current condition with an iterative Newton - Raphson method.
In practice, this implies an iteration to find V0, rm, Vm that jointly enforce

np(r = rm, V0, Vm, rm) = ne(r = rm, V0), (4.28)

Fp(r = rm, V0, Vm, rm) = Fe(r = rm, V0), (4.29)

where we underline that the flux in equation (4.29) is the radial component
(scalar) of equation (1.20) (vector), as we only have radial velocities as explained
above.

These two equations are evaluated at the radial distance rm and then at all
distances r on the determined grid. For an electron and a proton total potential
energy we have respectively

ψe = −eV (r) +meφg(r) ≈ −eV (r) (4.30)

ψp = eV (r) +mpφg(r) = eV (r)−mpM�G/r (4.31)

and they are illustrated in figure 4.8. The electrons feel a weak gravitational
attraction which they can easily overcome, since their thermal speed is an order
of magnitude larger, as explained in chapter 1. The protons on the other hand
being about 2,000 times more massive feel a stronger gravitational attraction
and thus they are bound to the Sun for small radial distances. Due to this
process a charge separation would take place in the solar atmosphere with a
positive charge accumulation close to the Sun. This gives rise to an electrostatic
potential that prevents the electric charge separation to proceed and assures
quasi-neutrality. This electric field pushes outward the protons with a force of
a few times the order of magnitude of the gravitational attraction, as explained
in Meyer-Vernet (2007). This is the reason why in figure 4.8 we see that total
potential energy of the protons is not monotonic, but close to the Sun the
gravitational attraction dominates, whereas after a maximum is reached the
protons are pushed further away. The total potential energy for protons and
electrons at the exobase is ψp0 and ψe0, respectively, and in order for an electron
to escape it needs to have a higher (kinetic) energy than the potential well |ψe0|.
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The electrons have a larger thermal speed than the protons and thus the electron
potential well needs to be deeper than the proton one to equalize their fluxes
and assure zero current conditions. Essentially, the protons are accelerated due
to the high escaping ability of the light electrons. For distributions with more
intense fast electrons, such as the Lorentzian VDF, the outward flux of the
electrons is higher than the one corresponding to a Maxwellian, whereas the
proton flux remains the same. Thus the electrostatic potential increases further
to trap more electrons and accelerate more protons to equalize the fluxes of
the two populations. According to Meyer-Vernet (2007) the increase in the
number of suprathermal electrons increases the heat flux, causing the solar wind
to reach higher speeds at large radial distances due to energy balance. The
electrostatic potential provides the physical reason that assures the validity
of the equal number densities (quasi-neutrality) and equal bulk speeds (equal
fluxes) between protons and electrons everywhere in the solar corona and the
heliosphere.

The normalized total potential difference of the electrons between the exobase
and infinity (the normalized |ψe,∞ − ψe0|) and the normalized total potential
difference of the protons between exobase and rm (the normalized |ψp,m −ψp0|)
had to be determined using a trial and error method based on Newton-Raphson
steps. The solution is found when there is convergence with an error smaller
than the chosen tolerance threshold (Lamy et al., 2003). In order to provide
more insight on the importance of a) the κ (κe = κ as only the electrons are
assumed to have a Lorentzian VDF) index of the Lorentzian VDF and b) the
exobase level, we show Table 4.2 and 4.3 respectively, as adopted from (Lamy
et al., 2003). From Table 4.2, we conclude that the higher the κ value is, the
further the maximum of the proton total potential energy rm is from the Sun
and the lower the value of the total potential energy V0 at the exobase and at
the peak Vm and the lower the bulk solar wind speed u appear to be, according
to Table 4.2. Whereas, the further the exobase level is assumed, the further
away from the Sun the maximum of the proton total potential energy rm is
found and the lower the value of the total potential energy V0 at the exobase
and at the peak Vm and the lower the bulk solar wind speed u appear to be,
according to Table 4.3.

The advantage of the kinetic model described and used in this chapter is the
direct quantification of species specific temperature profiles, densities, speeds,
energy fluxes etc once the electric potential is calculated.

In figure 4.9 we show the radial profiles of the bulk speed, total potential,
number density and electron temperature of the kinetic model for 10 different
κ-values in the range κ ∈ [2, 8] with δκ = 1.0, with red corresponding to κ = 2
and violet to κ = 8. These profiles are obtained with Te = Tp = 1MK at
the exobase 2.5R�. The density profile seems almost κ-independent, due to
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Figure 4.8: Illustration of the radial profile of the total potential energy of
protons and electrons as a function of heliocentric distance. The figure was
adopted from Meyer-Vernet (2007).

Table 4.2: Table adopted from (Lamy et al., 2003), indicating the impact of
the κe index of the Lorentzian VDF of the electrons on a) the position of the
maximum of the proton total potential energy rm, b) the value of the total
potential energy V0 at the exobase, c) the value of the maximum total potential
energy Vm and d) the bulk speed at 1 AU, for an exobase temperature of
T0 = 1MK and an exobase level of r0 = 2.5R�.

κe rm(R�) V0(V ) Vm(V ) u(km s−1)
1000 6.690 685.7 338.1 182
5.0 4.465 947.8 723.1 277
3.0 3.677 1566.2 1411.5 439
2.5 3.476 2240.0 2110.7 565
2.2 3.370 3245.6 3133.4 713



OBSERVATIONAL INPUT: CASES AND SELECTION CRITERIA 115

Table 4.3: Table adopted from (Lamy et al., 2003), indicating the impact of the
exobase level on a) the position of the maximum of the proton total potential
energy rm, b) the value of the total potential energy V0 at the exobase, c) the
value of the maximum total potential energy Vm and d) the bulk speed at 1 AU,
for a κe index of the Lorentzian VDF κe = 2.5 and an exobase temperature of
T0 = 1MK.

r0(R�) rm(R�) V0(V ) Vm(V ) u(km s−1)
2.5 3.476 2240.0 2110.7 565
2.0 2.797 2771.9 2608.5 624
1.5 2.089 3725.1 3506.7 718
1.1 1.510 5221.4 4926.5 848

the fact that the contribution to the zeroth order moment is from the entire
population and less from the very few supra-thermal electrons, but for the
other quantities the low-κ cases correspond to higher bulk speeds, higher total
potential and higher temperatures. The speed keeps increasing fast till about 50
R� and then it increases much more slowly outwards. The decrease in the total
potential magnitude and the electron temperature at large radii is sharp till
about half an AU and then it decreases very slowly. For the density though, the
decrease is still important up to 2AU. Contrary to the MHD model, the proton
temperature becomes different from the electron temperature at large radial
distances, even if Te = Tp is chosen at the exobase. The Te is indeed observed
to be different than Tp at 1AU for slow and fast wind cases, e.g. as reported
in Lemaire and Pierrard (2001) for fast wind based on Helios 1/2 observations
Tp = 2.8×105K and Te = 1.3×105K, while for slow wind based on Hundhausen
(1968) Tp = 4.8 × 104K and Te = 1.1 × 105K. Average observation values of
number density, temperature and κ observed at 1AU are given in Lemaire and
Pierrard (2001).

4.3 Observational input: cases and selection crite-
ria

Several missions have observed, or continue to observe the Sun, as well as
measure the physical parameters that characterize the solar wind, at different
heliocentric distances as well as heliographic latitudes. They provide data for
comparison, not only in the ecliptic plane, but also in higher latitudes, requiring
simulations that explain and predict the behavior of the solar wind not only in
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Figure 4.9: Radial profiles for different κ-indexes in the range κ ∈ [2, 8] with
δκ = 1.0. a) Top panel: solar wind speed, b) second panel: voltage, c) middle
panel: number density, d) fourth panel: electron temperature, e) bottom panel:
proton temperature. The colors correspond to different κ-values with the case
for κ = 2 to the case for κ = 8 corresponding from red to violet respectively.

the ecliptic plane, but rather in three dimensions. To name but a few, Helios 1
and 2 at 0.3 AU (the closest spacecraft radial distance up to now), ACE situated
at the Langrangian point of equilibrium between the gravitational attraction
of the Sun and the Earth, Wind at 1 AU, Cluster at 1AU, Ulysses at different
latitudes (and distances from 1AU up to 5AU), Messenger at Mercury’s orbit
at about 0.37 AU. In this study we will be using observations from the OMNI
project (combined and normalized data from ACE, Wind, IMP 8 and GOES),
as described in http://omniweb.gsfc.nasa.gov/html/HROdocum.html and
references therein, and from the Ulysses spacecraft due to its large latitudinal
coverage.

We have based our selection of synoptic magnetograms and solar states on
the following criteria to perform a crosscheck of their prediction ability with

http://omniweb.gsfc.nasa.gov/html/HROdocum.html
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Heliocentric Heliographic Heliographic
YYYY MM DD Range [AU] Latitude [deg] Longitude [deg]
2007 5 2 1.8124 -59.79 41.237
2007 6 11 1.5820 -40.07 203.207
2007 7 13 1.4504 -19.92 114.299
2007 8 10 1.3960 0.19 80.926
2007 9 6 1.4085 20.15 61.717
2007 10 5 1.4900 40.12 15.331
2007 11 8 1.6532 59.66 262.292

Table 4.4: Ulysses orbital information corresponding to the set of quiet Sun
cases that are examined during 2007.

available spacecraft observations a) quiet Sun periods (since the exospheric
models are particularly tailored to quiet Sun conditions) b) the presence of
equatorial coronal holes, such that significant differences between high and slow
speed wind may be expected at the orbit of the Earth c) position of Ulysses for
combination of simulations and different spacecraft observations from different
angles/telescopes d) very few CME events according to the available catalogues
SOHO/LASCO6, ENLIL, CACTUS7.

We are interested in the year 2007, as it was a mostly quiet Sun year coinciding
with the third orbit of Ulysses covering an interval of about 120o in latitude as
reported in table 4.4, that will allow us an extensive latitudinal analysis and
evaluation of the validity of our models. A CACTUS generated CME list for
the same period is provided in table 4.5, confirming the relative paucity of CME
events in the selected time period.

More specifically, we choose a set of seven different quiet Sun cases for the dates
as shown in the table 4.4 during 2007. On those dates we find that Ulysses
position shows an about 20o separation in latitude from case to case, while at
radial distances <2AU, in total covering the latitudinal range(−60o, 60o). In
this study we will only talk about the period July-August 2007, when (10th of
August) Ulysses crossed the ecliptic plane.

For the global 3D comparison we focus on the July-August time period, while
other cases from table 4.4 will return later on in this chapter in the kinetic
inverse modeling effort.

6More information and the CME list can be found at http://cdaw.gsfc.nasa.gov/CME_
list/.

7More information can be found at http://sidc.oma.be/cactus/.

http://cdaw.gsfc.nasa.gov/CME_list/
http://cdaw.gsfc.nasa.gov/CME_list/
http://sidc.oma.be/cactus/
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YYYY M DD Halo CME type
2007 May 15 IV

19 II
20 II
22 II
24 II

2007 June
2007 July 29 II
2007 August
2007 September
2007 October
2007 November 22 IV

Table 4.5: List of (only) halo obtained by CACTus CME list (Robbrecht et al.,
2009). Even at solar minimum conditions there are approximately about one
CME per day taking place.

4.4 Analysis and results

We are constraining the kinetic input based on: a) observationally driven results
at Euhforia’s inner radial boundary 21.5R� and examine both models’ efficiency
on capturing the important solar wind processes by comparing with observations
at 1AU and at 1.4AU (Ulysses orbit), i.e. forward modeling and b) observational
data at 1AU and examine the characteristics of the solar wind close to the
Sun in the inverse process with respect to the abovementioned, i.e. backwards
modeling.

4.4.1 Constraining kinetic model using Euhforia

We choose to compare the results of the MHD and kinetic models having the
same velocity and density at the chosen radial distance of 21.5R�. This distance
is chosen because it is the inner boundary of the computational domain for the
MHD model Euhforia. From a physical point of view it would be more interesting
from the kinetic perspective to provide appropriate boundary conditions at
the exobase where spectral observations and magnetic field extrapolations can
provide estimations. These boundary conditions are adjusted again in the
second part of this study for obtaining the best agreement with the observations
at 1AU, as they were adjusted for the MHD model Euhforia at 0.1AU. By
that we mean that knowing the measurements of the temperature, density and
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speed at the orbit of the Earth, we are estimating the close to Sun boundary
conditions using a inverse modeling technique.

Figure 4.10: Maps of heliographic latitude and longitude of the coronal model
results for the case of August 10th 2007 a) top left panel: photospheric
magnetogram, b) top right panel: connectivity map at the photosphere, showing
the different magnetic field lines, with green corresponding to open field lines
with positive polarity, with light grey closed positive, with dark grey closed
negative and with red open negative polarity, c) bottom left panel: expansion
factor at 0.1AU, d) bottom right panel: speed as calculated from the flux tube
expansion factor at 0.1AU.

In figure 4.10 we illustrate the output of Euhforia’s empirical model. More
specifically, we show the photospheric magnetogram that is used by the PFSS
and the SCS model, the connectivity of the magnetic field lines that follows
from the PFSS model, i.e. the open and closed positive and negative magnetic
field lines, the expansion factor and the corresponding speed as 2D maps in the
second and third coordinates, i.e. the latitude and the longitude. The visualized
case corresponds mainly to the Carrington rotation CR2059, that includes
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measurements from about July 18th to August 14th 2007, with the central
meridian being observed on the 10th of August. The magnetogram in the top
left panel shows the photospheric magnetic field having four active regions very
close to the equator on the south hemisphere with the maximum magnetic field
magnitude shown in this scale being in the order of 50 Gauss. The magnetic field
lines are open around the poles, with red and green corresponding to negative
and positive polarities respectively, with some negative open magnetic field
lines extending down to equatorial latitudes at longitudes (−180o,−600, 160o).
Closed magnetic field lines lie roughly between (±60o), with light and dark
grey color corresponding to positive and negative polarities respectively, as
depicted in the top right panel at the photosphere. On the bottom row, we
demonstrate in the left panel the flux tube expansion factor, that takes values
equal or greater than unity, as explained previously in this chapter, and the
corresponding radial velocity in the right panel. The flux tube expansion is
larger in the current sheet at equatorial latitudes, almost radial at the poles, i.e.
dropping as r−2, and following a gradient in between. The radial velocity takes
values in the range (250, 750)km s−1 according to the shown colorplot. There is
a well defined current sheet at the equatorial region, where the radial velocity is
slow and it increases towards the poles, where it takes the highest values due to
the open magnetic field topology. Note that, this velocity (V (fs(θ, φ))), that is
the direct output of the WSA model, is higher than the one considered for the
inner MHD boundary, as the actual velocity (ur) that will serve as boundary
condition at 0.1AU is obtained after we subtract a constant v0 ≈ 50km s−1

from the speed depicted in that figure, in order to account for the acceleration
that will still take place due to a polytropic index lower than the adiabatic one
(5/3).

Euhforia

In figure 4.11 we show a slice at the equator (left panels) and a slice in latitude
(right panels) that corresponds to the normalized density and the radial speed
also indicating the positions of Mercury, Venus, Earth, Mars and the STEREO
A spacecraft. The grey higher part of the colorscales depicted in that figure
corresponds to alerting high velocities and densities, that can occur due to CME
events and it is chosen to correspond to the colorscale and colorbars used in
ENLIL (see figure 4.1). The velocity ranges captured in a larger scale seem to
be roughly from 350 to 650 km s−1 with a clear separation between streams
of different speeds, forming a clear Parker spiral configuration. Taking into
account the solenoidal condition ∇ · ~B in the corotating with the sun frame, we
easily conclude that in the corona and inner heliosphere the plasma streamlines
and the frozen-in magnetic field lines coincide, which means that the solar
wind drags the magnetic field lines outwards as it expands, with higher speeds
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Figure 4.11: Euhforia longitudinal and latitudinal variations of the radial
velocity and the number density of the solar wind corresponding to the top and
bottom rows, respectively for the 10th of August 2007 a) left panels: on the
equatorial plane and b) right panels: meridional plane including Earth.
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corresponding to lower magnetic field line curvature. From the latitudinal cuts
(right panels) we conclude that the plasma streamlines are less curved at higher
latitudes, in agreement with the analytic formula vφ = −Ωr sin θ with θ = 90o
corresponding to the equator, since a plasma element with a specific initial
outgoing speed at the pole would travel in a straight line far away from the Sun,
contrary to what would happen on the equatorial plane for the same initial speed.
There is a configuration of several distinct high and slow speed streams. We
can see the different streams with high density associated to low speed and vice
versa, while the highest speed captured is around 650km s−1 and it corresponds
to a density similar to the one measured at 1AU. The highest density contrast
with respect to the one measured at 1AU is about 10. The latitudinal panels
suggest that there is compression and rarefaction as the plasma flows outwards
with the corresponding speed and density fluctuations. We thus conclude that
the plasma is not following exactly the ideal Parker spiral moving on perfect
cones as it expands, but following a rather more complicated motion, as the
simulation is observation-driven and the photospheric magnetogram shows a
complex topology, as discussed previously.

In figure 4.12, we show the evolutions of the MHD quantities of three-velocity
and three-magnetic field in spherical coordinates (r, θ, φ) with the radial distance
in the form of colored-by-magnitude-slices in two different distances at 0.1AU
and at 1AU as functions of heliospheric longitude and latitude, as calculated
by Euhforia. We observe a clear and narrow undulating neutral sheet showing
clear discrimination between low and high latitude solar wind. This undulating
sheet is characterized by lower velocity than other regions at 0.1AU. It separates
the outward (south hemisphere) and inward (north hemisphere) magnetic field
topologies. As the solar wind propagates outwards, the interactions between
streams of different speeds become more and more important with the sharp
features at 0.1AU turning into more diffused, smoothed and extended ones at
larger distances. At the Earth’s orbit the current sheet and thus the slow speed
region is thicker covering about 10o in latitude. The speed difference at 1AU
with respect to the inner boundary is about 50km s−1. The θ, φ-components
of the velocity increase in magnitude from zero to about ≈ 15km s−1 at the
Earth’s orbit, roughly following the pattern that the slow speeds appear at
small latitudes contrary to the high solar wind speeds. The radial component
of the magnetic field decreases by about 2 orders of magnitude from the inner
boundary to the orbit of the Earth showing a broader current sheet (∼ 5o),
where the magnetic field is close to zero. The θ-component of the magnetic field
increases from zero to about 0.36 nT in magnitude up to 1AU. Whereas, the Bφ
decreases by almost a factor 8 up to 1AU and is in both distances opposite in
polarity to the radial magnetic field, thus having positive polarity at the north
pole and negative at the south. In all the depicted quantities the rotation of
the plasma shows as the entire structure in the 2D maps moves to the left.
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Figure 4.12: Euhforia longitudinal and latitudinal variations of the three velocity
and the three magnetic field at 0.1AU (left panels) and at 1AU (right panels)
for a standard magnetogram centered at the 10th of August 2007.
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In figure 4.13, we show the velocity (first row), the density (second row) and the
temperature (third row) variation at three different distances, 0.1AU, 1AU, and
at the orbit of Ulysses at 1.4 AU, i.e. ∼ 300R�, corresponding to left, middle
and right columns, respectively. Most of the acceleration has already taken
place at 1AU and only a small increase is happening above that distance due to
the heating implemented by the γ = 1.5 as the wind flows away from the Sun.
The density decreases by 2 orders of magnitude from the inner boundary of the
MHD simulation to the Earth’s orbit and only by 50% from there onwards up
to 1.4AU. The current sheet, seen as the high density structure that appears
in the middle of the figures in the second row seems to have expanded from
2o at the inner boundary to about 10o from there on, while it diffuses. The
temperature decreases by a factor 8 from the inner boundary up to 1AU and
only by 30% up to Ulysses’ orbit. There is a temperature reversal captured,
in the sense that while at 0.1AU the equatorial region appears cold and the
poles hot, the opposite is happening from 1AU onwards, with the temperature
showing a peak at a longitude of −100o. The current sheet region gets very
diffused outwards and from the Earth’s orbit outwards appears discontinuous
in this temperature view of the expanding plasma. The plasma rotation shows
as the entire 2D maps move towards the left of the figure as we move outwards
from 0.1AU to 1.4AU, with a longitudinal variation of δφ ≈ 63o.

Interfacing

In order to interface the two models, at 0.1AU, we run the kinetic model up to
21.5R� for r0 = rs = 2.5R�, Te = 1MK, Tp = 1MK, 600 κ-indexes in range
[2,8] with step 0.01 and ne = np = 3× 1010m3. With the results we create a
matrix with solar wind speeds at 21.5R� and by comparison with the Euhforia
results for vr, we estimate the appropriate κ for every speed in the internal
boundary of the MHD run. We obtain a 2D map of (Nθ ×Nφ) κ(θ, φ)-values
each corresponding to a field line. From the matrix, we also compare the
Euhforia densities at the same distance (0.1AU) with the kinetic number density
there and get a scaling factor that we assume being the same throughout radial
range considered and thus we can estimate the appropriate initial density at
the exobase that would give us the same density with Euhforia at 0.1 AU. For
the temperatures, the relation is more complicated and for convenience we take
Te = Tp = 1MK for all the latitudes and longitudes at r0 = 2.5R� and focus
more on the κ and the density parameters. Note that Euhforia is not providing
MHD information below 0.1AU, while the kinetic model provides results at any
distance above the exobase and especially in the crucial region close to the Sun
where the solar wind is being accelerated.
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Kinetic model

In figure 4.14, we show the velocity (first row), the density (second row), the
electron temperature (third row) and the proton temperature (fourth row)
variation at three different distances, 0.1AU, 1AU, and at the orbit of Ulysses
at 1.4AU, i.e. ∼ 300R�, corresponding to left, middle and right columns,
respectively. Unlike the MHD results discussed previously, in the kinetic
approach the sharp structures that appear at the interfacing boundary with
the MHD approach remain unchanged as the plasma moves outwards, as we
don’t account for stream interactions. In other words, neighboring streams with
different streams will not interact creating between them and keep the same
topological features up to large radial distances. The κ indexes corresponding
to the kinetic velocities of this simulation lie in the range (2, 4). The bulk
speed accelerates more than in the MHD case, reaching terminal speeds about
100 km s−1 higher. Thus in the kinetic approach, where the acceleration is
self-consistent and due to the induced electric field, the acceleration is more
efficient than in the MHD approach, where semi-empirical schemes are recruited
to accelerate the wind. Similarly to the MHD case, the terminal speed is reached
at 1AU and from there on the acceleration is very slow up to 1.4AU. The density
decreases faster by 20% at 1AU, to reach the orbit of Ulysses 30% smaller than
the MHD case. The temperatures of the electron and proton populations are
depicted in the last two rows. We have started at the exobase by setting both
temperatures equal to 1MK independent of longitude and latitude. The electron
temperature drops by a factor 5 at the orbit of the Earth and it doesn’t change
much up to 1.4AU, while the proton temperature decreases by a factor 2 and
remains about the same up to the orbit of Ulysses. The temperature of the
MHD plasma is always in between the electron and proton temperatures, being
one order of magnitude smaller than the electron and one order of magnitude
larger than the proton temperature. The MHD temperature is not the average
between the two particle species temperatures, since the two species are not in
thermodynamic equilibrium.

MHD versus kinetic approach

The two models are very different in nature, making use of very different
formulations for the plasma physics. Euhforia is a single fluid code that uses the
MHD equations, i.e. fluid Navier-Stokes equations together with the equations
of Maxwell, to describe the plasma. Whereas the kinetic model used in this
study begins by making an observationally-inspired assumption for the VDFs
of the electron and proton species, that are considered to constitute the solar
wind plasma, and based on that all the physically interesting quantities are
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calculated as moments over the velocity space. In this study, we are interested
in making a first comparison between simple fluid and kinetic models, that
have the potential to be used in space weather applications. Euhforia is an
observationally-driven MHD code that provides three-dimensional information
and accounts for stream interactions and complicated magnetic topologies. The
kinetic model is a semi-analytic model solving for the plasma characteristics
along a magnetic field line and accounting for heating and acceleration in a self
consistent way. Note that the electric field (used in the kinetic model) is hidden
in the pressure term (as shown recently by Parker, 2010). Parker explained
that the momentum equation of the electrons is given by

dpe
dr

+ neELS = 0, (4.32)

which is the hydrostatic condition, with ELS being the Lemaire-Scherer (Lemaire
and Scherer, 1971) electric field. In Parker (2010), Parker showed the electric
field from Lemaire-Scherer is in the fluid approach found as

ELS = − 1
ne

dpe
dr

= mp

e

(
v
dv

dr
+ GM�

r2

)
, (4.33)

which finally, taking into account that the Pannekoek-Rosseland electric field is
EPR = mpg

e , writes as

ELS = EPR + mpv

e

dv

dr
. (4.34)

The Lemaire-Scherer electric field (used in exospheric models) is several times
larger than the Pannekoek-Rosseland one, corresponding to hydrodynamic
equilibrium that is used to describe the solar wind expansion. It is able to
lift and accelerate to supersonic speeds the initially-slow and heavy protons
through trapping the fast and light electrons, while keeping the quasi-neutrality
and almost zero-current condition. Any difference in the bulk speeds of the two
populations would lead to the generation of a current, which due to Ampère’s
law has to remain small.

From the figure 4.13, we deduce that at large radial distances from the Sun,
the MHD current sheet gets expanded and becomes thicker, evolving from
about 2o at the inner boundary to about 10o at 1AU, while the fine structures
that appear at the 0.1AU longitudinal and latitudinal map get diffused and
smoothed. On the contrary, in figure 4.14 we see that the fine structures and
the current sheet size don’t change under the kinetic approach, as there are no
stream interactions taken into account. Both models give speeds of the same
order of magnitude at every altitude and have most of their acceleration taking
place already before 1AU. The kinetic model shows a more efficient acceleration,
reaching terminal speeds of about 100 km s−1 larger than the MHD one up to



ANALYSIS AND RESULTS 129

1AU. The acceleration in the MHD approach is taking place due to the reduced
polytropic index to a value smaller than the adiabatic one, while in the kinetic
approach the acceleration is related to the induced electric field that assures
quasi-neutrality and equal outward electron and proton fluxes. Regarding the
number density, both models give densities of the same order of magnitude,
with the kinetic model though showing a sharper profile that decreases faster
outwards. The number density of the kinetic model is 20% and 30% lower at
1 AU and 1.4 AU respectively than the MHD number density. Moreover, for
the temperature in the MHD approach, as is shown in the bottom row of figure
4.13, there is a reversal of the hot-cold regions from the inner boundary up to
large distances. A faster cooling takes place at higher latitudes, making the
initially colder equatorial region appear hotter at large radial distances with
respect to the rest of the latitudes. Furthermore, the temperature ranges fall
by a factor 4 from 0.1 AU up to 1AU, and continue decreasing by 30% up to
the orbit of Ulysses. For the kinetic approach, the proton temperature only
falls by factor two up to the Earth’s orbit and seems constant up to 1.4 AU,
while the electron temperature drops by a factor 5 up to 1 AU and doesn’t seem
to vary much from there on. Contrary to the MHD single fluid results, in the
kinetic case there is no temperature profile change and the cooling seems to
take place uniformly at all latitudes. There is a structure close to the equator
at a heliographic longitude of −70o that appears like a spike in contact with the
current sheet in both 4.13 and 4.14 figures. In figure 4.13 though, in the middle
and right panels, corresponding to large distances, that spike appears to change
inclination from pointing to the left of the figure at the panels corresponding to
0.1 AU to pointing to the right from 1 AU outwards, unlike figure 4.14, where
the spike’s inclination remains unchanged. This difference is then likely due
to stream interactions that are captured automatically in the MHD 3D model,
while these are excluded in the essentially 1D, radial field kinetic approach.

Models versus observations

In figure 4.15, we show the time variations of the plasma flow speed, the plasma
temperature, the ion number density, the pressure of the solar wind, the Alfvén
mach number, i.e. MA = B√

µ0ρ
, with B the magnetic field intensity, ρ the mass

density and µ0 the magnetic permeability of the vacuum, and the plasma β at
1AU for a time period corresponding to the CR2059, as observed by OMNI.
There is strong variability with the plasma speed, pressure, temperature and
density showing six peaks. The speed extends from 300 to 700 km s−1, the
pressure appears lower than 12 nPa, the proton number density gets values
from a few to 70 cm−3, the Alfvén mach number varies from 5 to 35, while
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Figure 4.15: In-situ measurements of the following quantities as provided by
OMNI a) top left panel: plasma flow speed, b) top right panel: pressure, c)
middle left panel: proton number density, d) middle right panel: Alfvén Mach
number, e) bottom left panel: proton temperature and f) bottom right panel:
plasma-β of the solar wind respectively at 1AU.
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the proton temperature ranges from 10,000 to 400,000 K and the plasma β is
always above 0.4, mainly above unity and reaches almost the value 25.

For easier comparison we present figure 4.16, wherein the speed, number density
and temperature of the solar wind are demonstrated for a) the MHD model,
b) the kinetic model and c) observations from OMNI. From the speed plot we
conclude that both models reproduce the correct amount of peaks in similar,
position with similar broad-widths with the most prominent difference appearing
at the double peak of −100o in longitude. The Euhforia code reproduces peaks
of similar amplitude as observed, but showing a higher global minimum at about
400 km s−1. The heights of the peaks and their relative ratio to one another
are not reproduced exactly by any model. The kinetic model systematically
overestimates the speeds varying from 400 to 800 km s−1. This can be explained
by the fact that the acceleration in that model is more efficient than the MHD
case and continues at an important rate at distances larger than 0.1AU to about
50 R�, as shown in the first panel of figure 4.9. The second panel shows the
number density variations for the models and the observations. We observe
that both models and the OMNI observations of the number density agree
roughly in order of magnitude and in number of peaks, with the peaks not
coinciding perfectly. The peak amplitudes are about 2.5 times larger in the
observations than in both models, that are in agreement with one another. For
the Alfvénic Mach number (third panel), we conclude that the Alfvénic Mach
number of the MHD simulation is about a factor 3 higher than the average
measured one most of the time, with three lows that reach lower than the
observed values. The average observed proton temperature agrees with the
Euhforia plasma temperature in order of magnitude, varying from the kinetic
proton temperature Tp at its minimum to the kinetic electron temperature Te at
its maximum, while it is located between the two species’ temperatures, about
an order of magnitude larger than the kinetic proton temperature and an order
of magnitude smaller than the kinetic electron temperature, at all times. The
variation profile of the observations doesn’t match with any model. Finally, the
plasma β shown in the final panel for the MHD simulation lies most of the time
at the lower limit of the observed one, with three peaks that reach values of
about a factor 3 higher than the observed highest values, showing the opposite
trend when compared to the Alfvénic Mach number shown in the third panel.
Thus we conclude that, in the MHD simulation the magnetic field is higher with
respect to the plasma pressure and the number density than the one indicated
by observations at 1AU.

For further check of the models with respect to observations, we overplot in figure
4.17 observations from Ulysses at 1.4AU and at latitudes between −10o and 5o
together with the results of the kinetic and MHD models. In the first panel (top
left), we show the trajectory of Ulysses during the period of interest. At the
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Figure 4.16: Longitude cut-out as given by Euhforia and kinetic code at 1AU
for a) the speed, b) the number density, c) the Alfvénic Mach number, d) the
proton temperature of the solar wind and e) the plasma β respectively, together
with in-situ observations. Blue corresponds to the kinetic model, red to the
MHD model and black denotes the observations, whereas in the temperature
panel magenta is the kinetic electron temperature curve and blue the kinetic
proton temperature.
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Figure 4.17: Time variations as measured by Ulysses (black) and calculated
by the kinetic (blue) and the MHD (red) model, for a) top left panel: the
position of Ulysses in heliographic coordinates, b) top right panel: the speed, c)
bottom left panel: the number density and d) bottom right panel: the Ulysses
small (black) and large (green) proton, the kinetic proton (magenta), the kinetic
electron (blue) and MHD (red) temperature.

same 3D heliographic spherical coordinates we extract the quantity of interest
from the MHD and the kinetic model to accommodate further comparisons.
More specifically, for each (r, θ, φ) position of Ulysses at each hour of a specific
date, we choose (with a python script) the closest available point for the specific
resolution of each model. In the second panel, we show the observed speed
by Ulysses with black, together with the kinetic prediction in blue and the
MHD results in red. All three cases, i.e. observations and both models, are
quite different with different time profiles for each case. The kinetic model
systematically overestimates the speeds reaching high speed values of about 800
km s−1, whereas the MHD model ranges from 400 to 650 km s−1, while at the
same period the Ulysses measurements lie between 300 and 650 km s−1. The
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peaks for both models are not well synchronized with the measured temporal
velocity profiles. For the density the two models, don’t reproduce the observed
number of peaks and they are not synchronized either. The number densities
of the kinetic and MHD models agree with each other varying from 1-5 cm−3

whereas the observed number density profile is way more variable with a number
of peaks and reaching densities of 20 cm−3. The average observed proton
temperature8 agrees with the plasma temperature predicted by the MHD model
and lies in between the kinetic proton (magenta) and kinetic electron (blue)
temperatures of the kinetic model, being one order of magnitude smaller than
the electron and one order of magnitude larger than the proton temperatures.
No model reproduces successfully the observed temperature profile. The models
show some correspondence with the Ulysses observations and the correct orders
of magnitude are roughly reproduced, but certainly there is space and the need
for improvement. To reach better agreement with observations, we can modify
the parameters in the semi-empirical model of Euhforia to better adjust and
reproduce the measurements at each case individually.

4.4.2 Constraining kinetic model using observations

We then proceed to the backwards modeling, starting from the observations as
they were presented previously in figure 4.15 for OMNI. We are following a similar
process as the one described in the previous section, where we interfaced an MHD
with a kinetic global model, to choose the most appropriate exobase conditions
for the kinetic model that will most precisely reproduce the observations at
large radial distances. More specifically, using matrixes at 1AU, we tune the
κ-values that will evolve to the bulk speeds measured in situ, we find a density
scaling factor and we assume Te = Tp = 1MK everywhere at the exobase.

Afterwards, we run the kinetic model from the exobase up to the Earth’s orbit
to check the validity of our selection process to match the observations at 1AU
and also we compare with close-to-Sun observations to check whether the kinetic
model with all its simplifications and assumptions can be used to backtrace in
time the state from which the Sun was, in order to reproduce the measured
state at large distances. Note that here, there is no connection to the observed
magnetograms or the global 3D MHD model at all.

8As shown in figure 4.17, there are two different proton temperatures estimated, that
in general bracket the real temperature at 1AU. As T-large we denote the integral in the
3D velocity space of the distribution over all measured angles and energy bandwidths. The
T-small is calculated by the sum over all angles for a determined energy, then summing the
moments of the estimated spectrum of the plasma and by taking the radial component of the
temperature tensor (http://www.cosmos.esa.int/web/ulysses/swoops-ions-user-notes).

http://www.cosmos.esa.int/web/ulysses/swoops-ions-user-notes
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Inverse modeling from OMNI observations

Here we start from the observations of OMNI and make the effort to reconstruct
the observations with the kinetic model, by interfacing them at 1AU. We
are showing the agreement by construction of the model with observations
in figure 4.18. For the first two panels of figure 4.18, that correspond to
plasma speed and density, respectively, we conclude that the reconstruction
is satisfactory with only very minor differences due to our κ parameter
discretization. The observational (black) curves almost perfectly coincide with
the kinetic model (red) curves throughout the entire range of longitudes. For
the last panel of figure 4.18, that corresponds to the observational proton
temperature (black curve), the kinetic proton (red curve) and the kinetic
electron (blue curve) temperatures, we observe that the observational proton
temperature is highly variable with values roughly in the range between the
kinetic proton and the kinetic electron temperatures for most longitudes. The
observational proton temperature follows more closely the electron temperature
longitudinal profile, with the two curves showing peaks at similar longitudes.
We conclude thus that our inverse modeling process is quite successful being
able to reproduce the observations of the number density and the bulk speed to
a satisfactory level, while an improvement in the temperature prescription need
to be taken into account in future efforts.

On the one hand, the plasma speed and density are explicitly interfaced point
by point with a process similar to the one followed for the interface with
the MHD model at 21.5 R�, through the κ index and the density scaling
factor, accordingly. On the other hand, the temperatures were not varied with
longitude, but taken as 1MK for both proton and electron populations, and for
the equatorial plane this seems to be sufficient, with the actual measured proton
temperature varying between our two species’ temperatures. We conclude that
the kinetic model can serve as a useful tool for both forward and backward
modeling, being analytic and offering a clear description of the solar wind
acceleration mechanism. The exospheric kinetic model can provide inspiration
for more self-consistent prescriptions of the solar wind acceleration and heat
flux.

Towards a new semi-empirical relation

As described in the beginning of the current chapter, the WSA semi-empirical
model, together with the Schatten current sheet model are used to translate
the magnetic field measurements on the photosphere through the expansion
factor to appropriate (magnetic field and) velocity boundary conditions at
0.1AU for the MHD model. Those boundary conditions are then interfaced
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Figure 4.18: Longitudinal variations as given by the kinetic model after it was
interfaced with OMNI observations at 1AU for a) the speed, b) the number
density and c) the proton temperature of the solar wind respectively. Red
corresponds to the kinetic model and black denotes the observations, whereas in
the last panel blue is the kinetic electron temperature curve and red the kinetic
proton temperature. The left column corresponds to the inverse engineered
values of the kinetic model at 0.1 AU.
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with the kinetic model and both models are recruited to find independently
the solar wind solution up to large radial distances. We are interested in
discovering a new semi-empirical relation between the magnetic field and the
velocity through the expansion factor, as determined by eq. (4.3), or through
a new formulation to be used by the kinetic model for determination of its
initial conditions, similarly to eq. (4.2). Thus, we present in the first and second
rows of figure 4.19, the longitudinal variation of the radial component of the
magnetic field Br and the radial magnetic field squared B2

r at the equator of the
source surface, i.e. at 2.5 R�, as provided by the PFSS extrapolation performed
with MPI-AMRVAC, for three Carrington Rotations and specifically CR2056,
CR2058 and CR2059 for each column respectively. In the third and fourth rows
of figure 4.19, we illustrate the bulk speed and the corresponding κ indexes at
the exobase, i.e. also 2.5 R�, as obtained by the inverse modeling using OMNI
observations at 1AU. We are searching through visual inspection for relations
between the radial magnetic field and the velocity. Observational indications
of the presence of suprathermal particles (ions) in the lower corona have been
found recently (Lee et al., 2013). Specifically, Kappa VDFs were successfully
used to fit spectroscopic observations. Thus, we expect the Kappa VDFs to
be present in the low corona and are interest in examining if a semi-empirical
relation relating the κ index (velocity) to the extrapolated coronal from the
operationally observed photospheric magnetic field, as has been done by WSA
and used in MHD models, such as Euhforia. We observe that the number of
peaks in the magnetic field and squared magnetic field variations and their
longitudinal positions, and conclude that they show systematically fewer peaks
than the velocity and κ variations. There is no obvious correlation or anti-
correlation between these quantities. The conclusions for the rest of the cases
of table 4.4 corresponding to Carrington Rotations CR2057, CR2060, CR2061
and CR2062 are similar to the ones presented in figure 4.19 and are covered by
the discussion made already. The quantification of the expansion factor fs in
the equator is the next step and will be presented in a future study. The scope
of this paragraph is the qualitative first inspection of any possible relations
between the magnetic field and the velocity at low radial distances.

In figure 4.20, we show the number density and the radial speed of the MHD
model and the same quantities as obtained with the kinetic model using the
1AU observations by OMNI, at the equatorial plane at the inner boundary of
Euhforia at 0.1AU. By comparing the two number densities, we conclude that
they agree in order of magnitude, with the peaks of the kinetic number density
being about a factor 2 higher than the MHD number density. The number of
peaks, their relative amplitude, as well as their longitudinal location disagree
for the two number densities of the kinetic and the MHD model. The number
of peaks for the MHD radial velocity and the kinetic bulk speed agree, with
differences in the peak values from a few km s−1 to 100 km s−1 and shapes
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Figure 4.19: Close to Sun conditions for the radial magnetic field (top row) and
the radial magnetic field squared (second row), as obtained by the PFSS
extrapolation using MPI-AMRVAC and the bulk speed (third row) with
the corresponding κ (bottom row), as obtained by inverse modeling OMNI
observations at 1AU for the Carrington Rotations CR2056, CR2058 and CR2059.
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of the curves that also differ considerably. The longitudinal positions for the
velocity profiles, were adjusted to give the best agreement between the two
cases. We observe that the MHD velocity is higher than the kinetic velocity
and we know that for this profile the kinetic model reproduces by construction
exactly the observations at 1AU. We have also seen how the MHD model
performs at 1AU with respect to the observations, reproducing to a satisfactory
level the number of peaks and the amplitudes observed. Thus, we verify again
that the acceleration in the kinetic model is more efficient than the one of
the MHD model. Inverse modeled conditions from 1AU observations can be
used as input for Euhforia. Moreover, for off-ecliptic observations a similar
reconstruction based on Ulysses observations can be performed. With this
paragraph we have discussed all the possible ways that existent observations
by photospheric magnetographs, OMNI and Ulysses instuments can be used
for and by the kinetic and MHD models examined here for determination of
close to Sun conditions and conditions at large radial distances. It’s worth
noting here, that the missions Solar Probe Plus9 and Solar Orbiter10 that are
scheduled to be launched in 2018, will provide unique solar observations reaching
the closest distances to the Sun ever achieved by telescopes. Evidently, the
need for theoretical global MHD and kinetic modeling and versatile tools for
optimal usage of the available instruments becomes more and more valuable
and necessary with time. The goal of the current thesis is to work towards such
a direction, contributing in presenting new combined efforts for global solar
wind modeling.

The kinetic model is a useful tool that self-consistently describes the solar wind
acceleration and can be used for both forward modeling and inverse modeling, to
provide close to Sun observationally driven conditions from large radial distances.
In order to get a more physical insight regarding the heat flux evolution with
the solar wind expansion, we present figure 4.21. In figure 4.21, we illustrate the
radial profiles of the electron (top panel) and proton (bottom panel) heat fluxes,
as calculated by the kinetic model for an exobase at 2.5 R�, 1MK electron and
proton temperatures at the exobase Te = Tp = 1MK and the same densities as
used for the figure 4.9, for κ-indexes 3, 4, 5, 6 and 7 corresponding to red, orange,
light green, green and blue respectively. We observe that the more suprathermal
the VDF, i.e. lower κ, the higher the heat flux is. The electron heat flux is higher
by an order of magnitude than the proton heat flux close to the Sun and it
decreases faster than the proton heat flux with the heliocentric distance to reach
similar values at 1AU. We conclude that the differences between the proton heat
flux curves corresponding to different κ-indexes are smaller than the respective
electron flux curves. In general, the heat fluxes are overestimated by exospheric

9More information can be found at http://solarprobe.jhuapl.edu.
10More information about the mission are available at http://sci.esa.int/

solar-orbiter/.

http://solarprobe.jhuapl.edu
http://sci.esa.int/solar-orbiter/
http://sci.esa.int/solar-orbiter/
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Figure 4.20: Comparison of the results obtained with the kinetic (solid curve)
inverse modeling at 0.1AU with the MHD (dashed curve) conditions for July-
August 2007 for the number density (left panel) and the radial velocity (right
panel).

models, since the corresponding VDFs have the highest possible anisotropy due
to lack of collisions. If one really needs to prescribe a realistic heating flux, then
collisions need to be taken into account and further improvements in the kinetic
model need to be considered. The inclusion of interactions, through e.g. Alfvén
or whistler waves, will decrease the anisotropies and it will improve the higher
moments, i.e. temperatures and heat fluxes for the considered species (Pierrard
et al., 2011, 2014; Voitenko and Pierrard, 2015). Thus, the heat flux profiles
for the electron and protons, that are quantified by the kinetic model (figure
4.21) can be used as higher limits and can serve as inspiration for inclusion
of more physically based heating functions in the MHD model, rather just for
heating prescriptions based on the empirical determination of the polytropic
index value.

4.5 Conclusions

After the parallelization of the kinetic model and its use in a quasi-3D approach
we linked it to more robust 3D MHD models and compared both to observations
at 1AU, using similar boundary conditions at 21.5R�. When the two models
were interfaced, starting from the same boundary conditions, the kinetic model
gives systematically higher speeds than the MHD model at large radial distances,
as we have seen. This is due to the fact that the acceleration of the solar wind
continues in a higher rate in the kinetic model after 21.5R�. The acceleration
mechanism in the kinetic model is due to the induced electric field that assures



CONCLUSIONS 141

10-7

10-6

10-5

10-4

10-3

10-2

10-1

100
h
e
a
t 
fl
u
x
e
 (
W
/
m

2
)

0 50 100 150 200

distance(R¯ )

10-7

10-6

10-5

10-4

10-3

10-2

h
e
a
t 
fl
u
x
p
 (
W
/
m

2
)

Figure 4.21: Electron (top panel) and proton (bottom panel) heat fluxes for
CR2059 with red, orange, light green, green and blue curves corresponding to κ
values of 3, 4, 5, 6 and 7, respectively.

quasi-neutrality and prevents charge separation and also "bounds" the two
species to move with the same bulk speed. There is no explicit heating term
in the MHD equations used by Euhforia. The MHD model accelerates further
the solar wind due to the reduced polytropic index γ, but in a very slow rate
accounting for an acceleration of about 50 km s−1 from 0.1AU to 1AU. The
kinetic model is a useful tool to forward model the solar wind, but also to
inverse model the close-to-Sun boundary conditions as we saw in the previous
section. The exospheric models overestimate the heat flux, especially for the
electrons that have a thermal speed comparable to their bulk speed, but such
a heat flux can be improved by inclusion of interactions through waves, e.g.
Alfvén or whistler waves (Pierrard et al., 2011, 2014; Voitenko and Pierrard,
2015). The heat flux calculated by the kinetic exospheric model used in this
chapter, can be used as an upper limit for more physically driven heat flux
prescriptions in a global MHD model.
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In the exospheric model the fast electrons are slowed down and the protons are
accelerated by the Lemaire-Scherer electric field that eventually leads to the
observed supersonic solar wind. As shown by Parker (2010) the acceleration
of the solar wind in collisionless plasmas to supersonic values lies in the
hydrodynamic equation in combination to the mass ratio between electrons and
protons. According to Parker, the exospheric model describes a very efficient
heat transport mechanism with an electron temperature that decreases very
slowly at large distances and through the induced electric field it elevates the
protons and causes the transonic solar wind.

There is some agreement in the high and slow speed streams in the velocity
profiles for both OMNI and Ulysses observations. The high speed positions of
the models are better synchronized for OMNI rather than Ulysses observations,
as we showed earlier in this chapter. The number densities of both models were
approximately in the same order of magnitude with the observed ones at 1AU
and at the orbit of Ulysses. The MHD temperature is one order of magnitude
smaller than the electron temperature Te and one order of magnitude larger
than the proton temperature Tp of the kinetic model. The average observed
proton temperatures agreed with the temperature predicted by the MHD model
in order of magnitude and thus were also lying in the range between the electron
and proton kinetic temperatures.

As we demonstrated in the last section of the current chapter, with a
simple matching scheme and the help of the kinetic model we can easily
reproduce the observed number density and plasma speeds at the Earth’s
orbit and have the observed proton temperature limited by electron and proton
kinetic temperatures. In that process, we didn’t consider any latitudinal (or
longitudinal) variation of the exobase temperatures for our two species. A
more realistic exobase profile with temperatures having a latitudinal and even
longitudinal variation can be taken into account and will be the next step
towards a fully 3D kinetic prescription of the solar corona and the solar wind
and it will improve the kinetic model’s capacity to reproduce the observations at
large distances. Observations at the orbit of the Earth provided by OMNI were
used to obtain a) the conditions at the exobase, in search of a new empirical
relation between the coronal magnetic field, through the expansion factor, and
the solar wind speed at low radial distances, and b) the conditions at the
inner boundary of the MHD model, that together with a more realistic heat
flux could improve the agreement with observations at large radial distances.
Another way the inverse modeled 2D conditions by the kinetic model using
OMNI observations can be used to improve the Euhforia is by tuning the
semi-empirical model parameters to give the 0.1AU obtained conditions at the
equatorial region and then use the MHD model for a full 3D run.

In this study we assumed that the κ-value is independent of the radial distance,
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but observations such as Maksimovic et al. (2005) indicate that the κ can actually
change as the distance from the Sun increases. But the fit used in Maksimovic
et al. (2005) was not with a kappa distribution for the full range, but a sum
of a Maxwellian for the core and a Kappa function for the hallo, so that the
parameter κ does not represent the same quantity as in the model used in the
current study. The density ratio between the core and the halo remains constant
with the distance, as analyzed by Pierrard et al. (2016).

We obtained many interesting conclusions by comparison with observations at
multiple longitudes and latitudes and we gained insights for future improvements.
The kinetic model is a semi-analytic model ignoring stream interactions and
thus conserves the slow and fast wind distributions for every radial distance.
Accounting for stream interactions as the solar wind propagates outwards will
also be of interest for a more realistic 3D model. Here we have ignored the spiral
shape of the magnetic field in the calculation of the moments in the kinetic
model, adopting purely radial magnetic fields, because as argued in Pierrard
et al. (2001a) this aspect won’t affect the main average quantities apart from
the temperature anisotropies. But in the future we are planing on including
the spiral magnetic field effects in a similar study. According to Pierrard et al.
(2001a), the spiral magnetic field topology has an important effect on the particle
temperatures and their anisotropies. More specifically, in the radial case the
electron temperature is underestimated, whereas the opposite is true for the
proton species. The temperature anisotropies are overestimated in by the kinetic
model in comparison to observations (Lemaire and Pierrard, 2001). Another
important aspect that can be improved and would provide a deeper comparison
between operational MHD codes and kinetic exospheric ones, would be to change
the formulation of the kinetic model, so that boundary conditions for the speed,
the density and temperature directly from MHD models can be used at each
grid point including the magnetic field information. These aspects will allow us
to reach more fundamental conclusions about the two different models and will
upgrade the kinetic exospheric model into a computational equivalent for the
robust 3D MHD code. When the 3D magnetic field topology from the source
surface, through the Schatten current sheet region, and throughout the region
covered by the MHD model, is used directly within the kinetic description, we
can use its predicted heat fluxes and higher order moment information to turn
the model into a self-consistent hybrid kinetic-MHD modeling tool.





Chapter 5

Conclusion

“I decided that it was not wisdom that enabled poets to write their
poetry, but a kind of instinct or inspiration, such as you find in
seers and prophets who deliver all their sublime messages without
knowing in the least what they mean.”
Socrates

The photospheric magnetic field extends to the coronal regions and into the
heliospheric magnetic field further away from the Sun with the latter extending
to the edges of the heliosphere. The footpoints of the magnetic field remain
on the photosphere during the solar rotation and the heliospheric magnetic
field forms a spiral, which interacts with the solar wind that drags the field
outwards. High and low speed streams, together with CMEs deform this
topology. Turbulence, shocks and waves define the fine scale variability of
the interplanetary magnetic field and provide information about the solar
wind driving mechanisms (Owens and Forsyth, 2013). In the solar corona the
magnetic field dominates over the plasma, but due to the temperature profile of
the solar corona (see chapter 1) the high coronal temperature causes solar wind
expansion with the pressure as the driving force (Parker, 1958), which gradually
makes the momentum of the plasma comparable to the magnetic pressure.
The understanding of the heliospheric magnetic field sheds light onto the solar
wind formation processes and can be measured in situ by satellites. There are
different methods to extrapolate the coronal and heliospheric magnetic field from
observed photospheric magnetic fields under the force-free assumption. The
simplest extrapolation scheme is the one that involves potential force-free fields
and this is particularly useful for initiating global simulations of the solar wind
and the heliosphere. Furthermore, the potential field source surface model in
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spherical geometry can serve as initial conditions for computing fully nonlinear
force-free field extrapolations, as presented in Guo et al. (2016a,b). Using a
vector magnetogram on the photosphere as the bottom boundary, the magneto-
frictional method provides the nonlinear force-free magnetic field in the corona.
The model is incorporated in MPI-AMRVAC and it is particularly useful for
problems where adaptive mesh refinement (AMR) is necessary. Several tests are
performed and the results of different vector comparison metrics (e.g force-free,
divergence-free) are in good agreement with existent studies in Cartesian as well
as in spherical geometries. The high spatial resolution in a large domain allows
for comparisons with modern observations. After the first comparisons with
observational data, the reconstructed magnetic fields with the magneto-frictional
method appears to be in good agreement with the observed ones.

Reliable observational determination of surface magnetic fields for different stars
has become possible through the Zeeman-Doppler imaging (ZDI) technique
in the last few years (Johnstone et al., 2010). The magnetic fields of many
stars including slowly rotating massive stars and highly variable pre-main
sequence stars have been measured this way. Using the ZDI maps the stellar
coronal magnetic fields can and have been extrapolated mostly in combination
with the PFSS model(Johnstone et al., 2010). Even though the ZDI method
has been very successful it has several limitations in e.g. resolving topological
topological features in the entire stellar surface or validating the existence of
stellar spots with high magnetic fields, as it rather measures an average flux
from the extended areas on the star (Johnstone et al., 2010).

Dynamics in different scales take place in the vicinity of the Sun and its
atmosphere. Small scale dynamics that take place in the photosphere affect
the plasma flow and the energy deposition in the solar corona. In chapter 3,
we have examined the dynamics of coronal condensations and their evolution
from the transition region and the chromosphere, where the coronal rain plasma
comes from, to their elevation due to evaporation at the solar corona and
their descending motion. Localized heating at the magnetic loop footpoints
(Karpen et al., 2001) is the driving mechanism for plasma evaporation from the
lower to the outer solar atmospheric layers. Multiple condensation centers are
generated at coronal heights and plasma blob creation takes place due to thermal
instability (Parker, 1953; Field, 1965). Once the cool and dense plasma forms,
it is gravitationally unstable and it is driven through interchange instability
towards lower heights in search of a more stable configuration. The complicated
3D motion of the plasma blobs in the corona can generate different waves
throughout the simulation box. The coronal rain phenomenon is recurrent with
several continuous cycles of heating-evaporation-condensation (e.g. de Groof
et al., 2005; Mok et al., 2008; Xia et al., 2012). The plasma blobs created in
this process can be and have been observed mainly in EUV channels (Beckers,
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1962; Kamio et al., 2011). Coronal rain events are very common and take place
continuously in the solar corona in timescales of hours (Antolin et al., 2010;
Antolin and Rouppe van der Voort, 2012; Kohutova and Verwichte, 2016). The
plasma follows the magnetic field topology providing a useful tool for the study
of small scale magnetic field topology.

The motivation for studying the solar wind is also triggered by the stellar point
of view, as the discovery of fundamental phenomena will be directly applicable
to other stars. The emerging hot topic of exoplanets and their host stars can be
considered as an extra boost for solar and space physicists to evolve and develop
further our understanding and modeling efforts of the solar wind. Knowledge
over difference about the stellar coronae and evolution has been building up the
last years. Young stars are fast rotators and they are considered to have highly
active coronae, but they slow down as they age (Lammer and Khodachenko,
2015) and emit less radiation (Güdel et al., 1997; Ribas et al., 2005), with the
corresponding effects in their stellar winds. The mass loss rate of young active
stars due to CMEs is thought to be high (Lammer and Khodachenko, 2015),
unlike what is known for the solar case. Réville et al. (2015) have used the ZDI
maps and the PFSS model to extrapolate stellar coronal magnetic fields and
simulate stellar winds in 2.5D testing the optimal position of the source surface
based on magnetic field strength, topology and rotation rate to produce coronal
structures consistent with the type of each star. For the Sun they found that
2.5 R� is indeed a consistent optimal value for the source surface position.

The global magnetic field configuration is a significant quantity that needs to
be determined in the study of the solar wind, as we saw in chapter 4. Owens
and Forsyth (2013), in their review paper explain that the coronal dynamics are
governed by the magnetic field, which then drives the solar wind. The coronal
heating and the solar wind acceleration mechanisms have been of interest for
the scientific community for many years and there is still a long way to go until
these physical problems are fully resolved. In the context of this thesis, we tried
to contribute to this quest to unravel the deeper physical reasons for the solar
wind acceleration by making use of and comparing MHD and kinetic solar wind
models. Even though MHD and kinetic theories are very different in physical
formulations, they are in reality complementary to the general task of shedding
light on the plasma dynamics (Echim et al., 2011). As Parker (2010) noted, the
acceleration of the solar wind in collisionless kinetic models is due the induced
electric field (Lemaire and Scherer, 1971), which enters the hydrostatic condition
and thus it is linked to the fluid prescription. As Meyer-Vernet (2007) has put
in a nutshell, the coronal heating may take place through different mechanisms,
such as through dissipative processes related to reconnection events or waves,
or through non-dissipative processes and production of non-thermal VDFs and
particle filtration from the gravitational potential of the Sun, all of which come
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down to energy that is accumulated in the magnetic field, which in turn gets
transferred to the plasma.

We have completed different simulations in 3D capturing solar atmospheric
dynamics and solar wind characteristics in both local and global setups,
respectively. We performed and presented in the context of this thesis one of
the first simulations in 3D that captures the full mass cycle in coronal rain
phenomena in the solar corona in the presence of magnetic loops in the footpoints
of which a localized heating takes place, triggering evaporation and plasma
condensation due to thermal instability and finally descending motions. Blobs
get created and their dynamics agree with previous observational studies. In the
last chapter, we examined the acceleration and heating mechanisms of the solar
wind in both MHD and kinetic models trying to computationally and physically
couple and compare them. The MHD model used is more robust accounting for
stream interactions, but the heating mechanism needs to be evolved towards a
more realistic prescription, while the kinetic model self-consistently describes
the heating processes, but needs developments in the direction of incorporating
stream interactions.

We have presented 3D aspects in local and global simulations, in Cartesian and
in Spherical Coordinates in coronal rain and solar wind studies, respectively
and future perspectives need to be stated. The coronal rain phenomenon
is a small-scale phenomenon and a future 3D study of a higher resolution
being able to capture and resolve in a more detailed fashion the important
MHD dynamics for a number of cycles will be of interest. Furthermore, a
prescribed trigger for the creation of the condensation centers, instead of relying
on computational triggers, would add in scientific value, as reproduction of
observations could improve considerably. The heating mechanism discussed
in chapter 3, was applied in the simulation and was prescribed to account for
the temperature stratification and a localized part heating the loop footpoints.
Using a physically driven heating mechanism prescribed to mimic heating due
to for example waves would allow us to reach more realistic representations of
the phenomenon. Regarding the MHD solar wind modeling, the prescription of
more realistic heat flux, inspired by the kinetic model would improve the results
obtained in high radial distances. It’s high time that the semi-analytic kinetic
solar wind model used in chapter 4, be upgraded into a fully 3D model with
three dimensional magnetic field information being included and accounting for
stream interactions and including collisional terms in the Boltzmann equation,
due to for example waves. Last, the analysis of more cases, as presented in
chapter 4 in search of a semi-empirical relation between the magnetic field and
the speed used as boundary condition at close-to-Sun distances would provide a
new useful tool and would upgrade the kinetic model into a prediction-capable
model.



Appendix A

Parameter file for the study
of Coronal Rain in 3D

Here, we present the parameter file used for the 3D Coronal Rain simulation, as
described in chapter 3. The physical setup corresponds to ideal MHD including
three gain-loss terms, which are a) optically thin radiative losses, b) anisotropic
thermal conduction and c) a parametrised heating function.

&t e s t l i s t
t e s t s t r = ’ ’

/

& f i l e l i s t
f i l e name l og =’/ s c ra t ch /promdip3d ’
f i l enameout=’/ s c ra t ch /promdip3d ’
primnames=’rho v1 v2 v3 p b1 b2 b3 ’
saveprim=. true .
autoconvert=. t rue .
convert_type=’vtuBCCmpi ’
nwauxio=5

/

&s a v e l i s t
i t s a v e (1 ,1)=0
i t s a v e (1 ,2)=0
dtsave=0.03d0 , 1 . d0

/
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&s t o p l i s t
dtmin=1.D−6
tmax=50.d0

/

&method l i s t
wnames= ’ rho m1 m2 m3 e b1 b2 b3 ’
f i l e h e adou t= ’prom_mhd23 ’
typeadvance= ’ three s tep ’
t y p e f u l l 1= 13∗ ’ h l l cd ’
typepred1= 13∗ ’ h l l cd ’
t yp e l im i t e r 1= 13∗ ’ cada3 ’
type l im i t ed=’ pred i c to r ’
d imsp l i t =. f a l s e .
t yped ivb f i x=’ l inde ’
ncoo l=5000
coolmethod=’exact ’
coo l curve=’JCcorona ’
Tf ix=. t rue .
f i x sma l l =. t rue .
s t r i c t sm a l l =. t rue .
s t r i c t g e t a ux =. f a l s e .
n f l a t g e t aux=2
smal lp=1.0d−14
smal l rho=1.0d−14
s s p l i t d i v b =. t rue .
s s p l i t u s e r =. f a l s e .
source impl=. t rue .
s ou r c e imp l cyc l e =. t rue .
ncyclemax=100
B0 f i e l d =. f a l s e .

/

&bound l i s t
dixB= 2
typeB= ’symm’ , ’ asymm’ , ’ symm’ , ’ symm’ ,

’symm’ , ’ asymm’ , ’ symm’ , ’ symm’ ,
’symm’ , ’ asymm’ , ’ symm’ , ’ symm’ ,
’symm’ , ’ asymm’ , ’ symm’ , ’ symm’ ,
8∗ ’ s p e c i a l ’ , 8∗ ’ s p e c i a l ’ ,
8∗ ’ p e r i od i c ’ , 8∗ ’ p e r i od i c ’
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/

&amr l i s t
e r r o r e s t ima t e=3
mxnest=3
nbuf f e rx1=0
nbuf f e rx2=0
nbuf f e rx3=0
f l a g s (9)=3
f l a g s (1)=1
f l a g s (2)=6
f l a g s (3)=7
wf lags (1)=0.6 d0
wf lags (2)=0.2 d0
wf lags (3)=0.2 d0
t o l =13∗0.2d0
t o l r a t i o =13∗0.125d0
nxlone1=120
nxlone2=120
nxlone3=120
iprob=1
xprobmin1=−5.d0
xprobmax1=5.d0
xprobmin2=0.d0
xprobmax2=8.d0
xprobmin3=−5.d0
xprobmax3=5.d0
d i t r e g r i d=3

/

&paraml i s t
typecourant=’maxsum ’
courantpar=0.9d0
d t d i f f p a r =0.4d0
s l ows t eps=10

/
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